The evolution of galaxies is one of
the most active fields of research
in astrophysics these days.
Observationally, theoretically as
well as numerically many studies
are published on a daily basis. In
this thesis we take the approach of
analyzing a large suite of
simulations, drawn from the
OverWhelmingly Large Simulations
project, from the online available
galaxy catalogs build on the
Millennium Simulations, as well as
some Monte Carlo Simulations, in
order to investigate a number of
issues regarding the evolution of
galaxies over time.

With 'nature and nurture' we
generally mean the distinction
between internal and external
processes, respectively, that affect
galaxy evolution. The internal
processes are e.g. small-scale
phenomena like star formation,
supernova explosions and the
presence of Active Galactic Nuclei.
The density of galaxies in the
neighbourhood, the tidal fields of
neighbours acting on galaxies and
the interaction between galaxies
when come near one another are
examples of external processes.
Both are given attention in this
thesis.
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Nature and Nurture in
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Stervorming in sterrenstelsels wordt gereguleerd door de aanvoer van koud gas
en feedback processen, terwijl de efficientie van stervorming op kleine schaal
slechts van invloed is op de hoeveelheid koud en dicht gas die beschikbaar is voor
stervoming. (Hoofdstuk 2)

Alle populaire omgevingsparameters in de literatuur zijn goede maten voor de
massa van de halo van donkere materie waar het sterrenstelsel zich in bevindt.
(Hoofdstuk 3)

Omgevingsparameters die onafhankelijk zijn van de massa van de halo van
donkere materie kunnen worden geconstrueerd door gebruik te maken van
dimensieloze variabelen, waardoor de massa- en lengteschalen uit het probleem
worden weggenomen. (Hoofdstuk 3)

Wanneer de lichtkrachtverdeling van sterrenstelsels in een simulatie wordt
bepaald door er namaakwaarnemingen van te maken en deze verdeling te
bepalen zoals waarnemers dat zouden doen, dan komt daar dezelfde verdeling uit
als wanneer de helderheden direct uit de simulatie worden gemeten, zonder dat
het observationele proces wordt doorlopen. (Hoofdstuk 4)

De massaverdeling van sterren binnen een sterrenstelsel kan meer lichte ten
opzichte van zware sterren bevatten dan de massaverdeling in afzonderlijke
stervormingsgebieden, maar dit effect is alleen belangrijk wanneer de
massaverdeling van de stervormingsgebieden die van sterclusters volgt tot zeer
lage massa's en het is alleen merkbaar in de hoeveelheid OB sterren in en de
metalliciteit van het stelsel, en niet in de lichtkracht en kleur. (Hoofdstuk 5)

De tijd die nu wordt besteed aan het schrijven van waarneem- en
computervoorstellen zou in veel gevallen net zo nuttig besteed zijn aan origineel
werk met behulp van gearchiveerde data.

Hoewel kosmologie zich hiertoe zou kunnen rekenen, is het vakgebied van de
vorming en evolutie van sterrenstelsels nog lang geen hoge precisie wetenschap.

Statistiek is voor de sterrenkunde veel belangrijker dan het curriculum aan de
universiteiten en het gebruik ervan in veel wetenschappelijk publicaties doen
vermoeden.

De kwaliteit van publicaties van simulatoren zou toenemen door waarnemers te
betrekken en vice versa.

Popularisatie wordt in de sterrenkunde, maar ook daarbuiten, sterk
ondergewaardeerd.

Open source software is veelal alleen gratis als je eigen tijd je niks waard is.
De kredietcrisis die zich eind 2008 en begin 2009 heeft voltrokken was, behalve

een financieel minpuntje, het ultieme bewijs dat economie een sociale en geen
exacte wetenschap is.

Marcel Haas, Leiden, Oktober 2010
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Star formation in galaxies is regulated by the accretion of cold gas and feedback
processes, while the efficiency of star formation on the small scales only
influences the amount of cold and dense gas available for star formation.
(Chapter 2)

All popular environmental parameters in the literature are good measures for the
mass of the dark halo hosting the galaxy. (Chapter 3)

Environmental parameters that are independent of halo mass can be constructed
using dimensionless variables, which remove the mass and length scales imposed
on the problem. (Chapter 3)

If the luminosity function of galaxies in a simulation is measured through the
creation of mock images and the analysis of these images with tools observers
use, then the same luminosity function is obtained as if the luminosity function
would be obtained directly from the simulation, without going through the
observational process. (Chapter 4)

The distribution of stellar masses in a galaxy could contain more massive stars in
comparison to low mass stars than the initial mass function in separate star
forming regions, but this effect is only important if the mass distribution of star
forming regions follows the cluster mass function to very low masses and is only
noticeable in the number of OB stars and metallicities of galaxies and not in the
luminosities or colours. (Chapter 5)

The time that is currently invested in writing observing and computing proposals
could often be equally well invested in original work using archival data.

Although cosmology could be regarded as such, the field of formation and
evolution of galaxies is still far from a high precision science.

Statistics are much more important for astronomy than the current curricula at
universities and the use of it in many scientific publications suggest.

The quality of publications by simulators would improve by involving observers,
and vice versa.

Popularization is strongly undervalued in astronomy and other fields.
Open source software is usually only for free if your own time is worth nothing.
The credit crisis that occurred in 2008 and 2009 was, besides a financial

disadvantage, an ultimate proof that economy is a social, and not an exact
science.

Marcel Haas, Leiden, October 2010



If you thought that science was certain -
well, that is just an error on your part.
Richard P. Feynman
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Introduction

Since Edwin Hubble showed in the 1930s that the Universewgerliis expanding,
our knowledge about the formation of structure has also ke&panding. Just like
that of the Universe, the expansion of our body of knowledsm s to be acceler-
ating, aided by the ever increasing power of telescopesctiets, computers and
software. This thesis deals with the formation of structaréhe Universe, from
the viewpoint of computer simulations. As large scalkpc) processes proceed on
timescales many orders of magnitude longer than a huma(olifine preparation
of a PhD thesis), directly observing this evolution is imgibke. Simulations are
used to understand how objects evolve, while snapshotedithulations may be
compared to observations, which in essence are nothingtimeamesnapshots of the
real Universe.




CHAPTER 1. INTRODUCTION

1.1 Galaxy formation

1.1.1 The growth of structure in the Universe

About 13.7 Gyr ago, the Universe was born in a hot, dense adyhiniform state.
The temperature and density of the hot plasma were almogpletety uniform.
Through the tight coupling between baryonic matter andatazh, the growth of
density perturbations in the dark matter was hardly folld\wg the baryons. At the
time of recombination, about 380.000 years later, the Gamskeviations from the
mean density were of ordép/p ~ 107> and the wavelengths of the perturbations
exhibit a spectrum that evolved from an initial power-lavesippum: P(k) ~ k",
where P(Kk) is the power at wave numbér The spectral indexs ~ —-1. We
know this, because the radiation emitted by the recomlginaif hydrogen atoms
is redshifted by a factor1100 and observed as the Cosmic Microwave Background
by e.g. the COBE and WMAP satellites (for a recent review,i$e& Dodelson,
2002). The baryons decouple from the radiation and flow inéopotential wells
already in place (and still growing) in the dark matter.

Because the fluctuations are well within the linear regiimedr theory can be
used to calculate the growth of the perturbations, unti tiet to the non-linear
regime, where calculations with pen and paper will gengmadit sufice. The
perturbations grow under gravity, making over-dense regieven denser in the
course of time. Meanwhile the Universe expands, lowerirgotverall density.

The non-linear perturbations decouple from the expansiohneoUniverse and
collapse into gravitationally bound, eventually virigiisstructures, that are gener-
ally named ‘haloes’. Within these haloes galaxies may fofiis involves more
than just gravity and needs to take full account of hydrodyica, star formation,
feedback fects and other ‘gastrophysical’ phenomena.

1.1.2 The evolution of baryons

The important dierence between the formation of dark matter haloes and the fo
mation of galaxies inside them, is the fact that gas is ¢oiie, whereas dark
matter is collisionless. Dark matter cannot cool and ontg apon the other (dark)
matter through gravity. Gas can cool. Pressure gradietitsinvie gas flows from
high to low pressure and there are many possible ways oftingebeat into gas,
both as a result of shocks, where kinetic energy of gas isftvtamed into internal
energy, but also by the absorption of radiation.

At a redshift of about nine (or somewhere between six andefifi€¢omatsu
et al., 2009, 2010) the first sources of light reionized thevehse. There is a
roughly uniform UV background that is the result of youngrstand accreting
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supermassive black holes (which of the two dominates ihigdsependent) that
keeps intergalactic gas above a temperature floor of routffi)elvin (this tem-
perature floor is density dependent, because of the intebgliaveen the ionization
by this background and recombination, and redshift dep#raiee to the adiabatic
expansion of the Universe).

Initially, the baryons will just follow the dark matter anagcbuple from the
expansion, to collapse into the dark matter haloes. In theecef these, where the
densities are high, radiative cooling will become maffeceent (atomigionic line
cooling scales with the density squared). When gas coasspre support is lost
and higher densities can be reached.

When galaxies start to form, a large variety of processesdnta play that can
influence the future evolution of the baryons. In the follogiiwo sections we will
discuss some internal and external processes that coulihitigbe be important
for galaxy evolution. We will hereby focus on processes #natinvestigated in the
remainder of this thesis.

1.1.3 Internal processes in galaxy formation

Gas in haloes is at higher density than gas in the intergalasdium (IGM). In-
side a halo the gas density follows a profile with densitighéi in the center than
in the outskirts. This density gradient corresponds to digrd in cooling rate (in
the simplest assumption that the temperature and metglie initially uniform).
Pressure support is lost from the center where the coolingriseficient, so more
gas can fall in and an inward cooling flow establishes. In #mer of the halo
the gas cools down to roughly 4& and settles in a disk, because the (specific)
angular momentum is conserved.

In high density gas, radiative cooling through metal lines ®ecome very
efficient and dust column densities can become high enough katklbuds can
become self-shielded from photo-dissociating and iogizadiation. The gas can
now become mostly molecular. The rotational and vibratibmaels of molecules
give rise to many new channels of cooling of the gas. In thergtee disk, a multi-
phase interstellar medium (ISM) establishes, consistirdeaser, colder, (partly)
molecular clouds, embedded in warmer gas, the spatiaildison of which is
fractal.

Eventually, when the gas is cold and dense enough, starsomay The pro-
cess of star formation itself is very complicated and mamsdis could be, and
have been written on the formation of stars from a giant moéeccloud. For peo-
ple who work on scales of galaxies and bigger, this star fiomgrocess is often
heavily simplified, sweeping all details on scales smahant 10*M, under the
carpet. Empirical relations between e.g. gas surface yeasd star formation
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rates are used. Star formation in galaxies is observedlmwf@ close relation be-
tween the gas surface density and the star formation rafcsudensity, a relation
known as the Kennicutt-Schmidt (Kennicutt, 1998a) law:= Az, withn ~ 1.4
andA a normalization factor that depends on the stellar initiasafunction (IMF),
because star formation rate indicators are only sensitigtars above some mass,
because it is theffect of ionizing radiation that is measured.

After stars have formed, they evolve and eventually die.if@utheir lifetimes,
stars of diferent mass expelflierent chemical elements atldirent times, through
stellar winds angbr explosions. These chemical yields are added to the iatiens
medium (ISM) around the stars. This enrichment results irengiicient cooling,
and in the possibility to form dust. The relative yields offeient metals depends
on the IMF, as dferent types of stars are the main producers écént elements.

The most massive stars already start exploding as SuperiiBixe) after a few
million years and inject about $Derg of kinetic energy per explosion into the sur-
rounding gas. Part of the energy will be thermalized in skakd radiated away.
The remainder can stir up the surroundings of the star fagrmagion (increasing
the local turbulence), it can blow ‘super bubbles’ arounahplexes of star forming
regions and might even blow large scale galactic winds.ttiesefore obvious that
SNe have a considerable impact on their host galaxy.

Most, if not all, galaxies that have a spheroidal componeltip{ical galaxies,
or disk galaxies with a bulge) also host a supermassive lalegk(SMBH) in their
centres (Kormendy & Richstone, 1995; Ferrarese & MerriQ®. These SMBHs
accrete gas from an accretion disk, a process in which paheofest mass en-
ergy that is accreted is not added to the mass of the blackbubleadiated away.
This radiation may heat and push surrounding gas. This A@Ndack comes in
two flavours in nature: the relatively quiet accretion modeléw accretion rates
(compared to their Eddington limit), which is called ‘radimde’, as these systems
are observed as radio galaxies. AGN with high accretiorsr@emparable to the
Eddington limit) have strong optical emission lines andféedback correspond-
ing to this mode is often called ‘quasar mode’. The energpuutorresponding
to black hole growth depends on the mass and accretion ratbe dlack hole,
and is stronger for more massive black holes, which tend/&ifi more massive
spheroids.

1.1.4 External processes in galaxy formation

Galaxies do not live alone in the Universe. Galaxies do haighfbouring galaxies,
either within the same dark matter halo (foffeziently massive haloes) or in haloes
next to them.

One of the main drivers of galaxy evolution is the mass of thkexg’s host
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dark matter halo. This host halo mass sets the gravitatipogntial well, and
therefore &ects the central density. Also, more massive haloes arenergkolder
and therefore can start forming stars earlier. Most of theigahe halo which
is not already cold and inside the galaxies, is very tenuoashat, at about the
virial temperature of the halo. In order to form stars this gaeds to cool down,
and the cooling time is a strong function of the temperatthie ¢as has to cool
down further from higher temperatures, and the cooling isaeecomplicated but
in general a decreasing function of temperature in the teatye range 10- 10’
K, see e.g. Wiersma et al., 2009a).

The rate at which, and the mode in which, gas accretes ontefi# also a
function of halo mass. Gas can accrete in two main modes: ribtcald (e.g.
Keres et al., 2005; Ocvirk et al., 2008). With hot accretwa indicate gas that
flows in and shock heats near the virial radius to about thalwemperature of
the halo. When gas accretes cold, streams (and clumps) lofdeigsity fall into
the center, but the energy gained in the (smaller) shockefAcgently radiated
away and therefore do not add to the temperature. Gas thatescold does
not have to cool down much before it can participate in stam&dion, whereas
shock heated gas at the virial temperature (at least in wealsaloes) has very long
cooling times and therefore can delay star formation sicgnifily. The transition
from cold to hot accretion is not sharp (in many haloes aifsaaf the gas accretes
hot and a fraction accretes cold) and lies at around a hals ofasrder 162M,,
with more massive haloes accreting more gas in the hot moeleg([2. Birnboim,
2006; Dekel et al., 2008).

Dark matter haloes are clustered. The amount of clustesragfunction of
mass, such that more massive haloes cluster more strongly@ser, 1984; Cole
& Kaiser, 1989; Mo & White, 1996). More massive haloes alseehaore sub-
haloes containing galaxies and the fraction of the mass olMahBlo that is in
substructure is roughly constant with halo mass (Gao e2@04). If there is a
minimum (sub-) halo mass for galaxy formation, then a morssiva halo hosts
more small (satellite) galaxies.

As revealed by the marvelous images of colliding galaxiegractions be-
tween two systems are also of importance in the growth ofxgeda The tidal
torques the two galaxies exert on each other drive gas flowardh thereby fu-
eling a central star burst, and possibly a quasar outburtteotentral SMBHs
(which eventually may merge too). For a few dynamical tintke, galaxies will
have an elevated star formation rate, and the end producnaf@ merger (mass
ratio > 1/3) is often an elliptical galaxy, regardless of the Hubbjeety going in to
the collision. For elliptical galaxies, which have hardtyacold gas to form stars
from, the dominant growth mechanism is mergers, and the massive ellipticals
in the known Universe are thought to be the result of a sefi@sajor and minor
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mergers, deep inside the potential wells of massive DM Isaloe

1.1.5 The interplay between internal and external processan galaxy
formation

In the previous paragraphs we listed many processes thahpogtant in galaxy
formation. To what extent the flierent physical processes are important, and how
they act together to make up galaxy evolution, is the largekhown in galaxy
formation theory.

Whereas star formation is a necessary ingredient to forticgdly) observable
galaxies, it is not clear what sets the star formation ragmiaxies. Gas accretion
is a necessary ingredient, and so is gas cooling. Feedbackgses counteract
cooling, and possibly also accretion, by blowing gas outadxjes. It is expected
that star formation in galaxies is to some extent self-r&gal. If the cooling and
accretion processes are dominant over feedback procestaeswill form while
gas pressure support falls. Therefore, more gas will cedlegnd stars will form
until feedback, e.g. in the form of SN explosions, is ablecmunteract’ star for-
mation. If, on the other hand, feedback is dominant over tlodireg and accretion
processes, star formation will cease, SN feedback willeBse and cooling and
infall will result in more star formation, until the rate ofas formation reaches
some sort of quasi-equilibrium with the amount of feedback.

In galaxies of very dterent mass, the equilibrium between feedback and star
formation may happen at veryftérent scales. In more massive galaxies, the pres-
sure in the ISM is higher, the amount of mass that need to bptawgeby winds
blown by SNe is larger, and the potential well from which thadweeds to escape
deeper. With only an energy limit to the amount of feedbabk ¢btal amount of
energy from SNe) it is not clear how this equilibrium setileglifferent environ-
ments. For example, at the same energy a lot of mass can legllatkow velocity
or vice versa. An upper limit for the energy input in winds @ mecessarily re-
lated to the amount of energy available from SNe, if windsdaiveen by radiation
pressure of the stellar population, rather than by the Shosigns themselves. An
equilibrium between feedback and star formation may noagéabe possible. For
example, if SN driven bubbles do not blow out of the galaxy testlback is very
inefficient. If that is the case, other feedback mechanisms lik&l Ag¢edback are
required to suppress the star formation rate of galaxies.

The interaction between accretion flows bringing in new foelstar forma-
tion and the outflows driven by star formation is a complidaten-linear process
and requires accurate, high-resolution numerical sirnmrat Studies have not yet
converged on how this interplay works, how the hot and colttetion fractions
depend on halo mass, redshift and feedback.
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The problem of ‘nature versus nurture’ deals with the extenthich internal
and external processes influence galaxy properties. A lobsérvational work
has been done in this field. Star forming properties of gatsre found to be
correlated with the stellar mass of galaxies, with their fgastions and with sur-
rounding galaxy densities (see references in Table 3.1 apteh 3). The colours
and magnitudes of galaxies in turn depend largely on thellastmass and recent
star formation histories (e.g. Kémann et al., 2003; Blanton et al., 2005), and
therefore also correlate with mass and environment. Becewsknow that the
stellar mass (at least for the central galaxies of haloesgledes with halo mass,
and environmental density also correlates with halo masssba & Kadfmann
(1999), it is not yet clear what the main driving factor isgavhether there is more
than one driving factor in galaxy evolution at all.

1.2 Numerical simulations

Although astronomy has always been, and will probably reman observation-
ally driven science, a large part of our understanding ofetiwution of structure
in the Universe stems from simulations. In simulations,awaution of a physical
system is in principle completely determined by the codethadhitial and bound-
ary conditions. In some sense, you will ‘get out what you putlin practice it is,
however, usually far from trivial to understand the outcdnoen the physics in the
code and the initial and boundary conditions. Non-linedravér of the system
and the interplay betweenftBrent ingredients of the simulation require a detailed
investigation of the results in order to increase our undading of the simulated
objects.

In galaxy formation simulations, a lot of progress has beaderover the past
decades (for a somewhat dated review see Bertschinger).19®%ough Eule-
rian mesh based codes (in which the volume is discretizeed hiso been used
successfully for simulations of galaxies in a cosmologmattext, | will here fo-
cus on Lagrangian simulations, in which the mass in the Uséses discretized in
particles, because those kind of simulations form the bafséslarge part of this
thesis.

1.2.1 Simulations of the dark matter component of the Univese

Until recently, cosmological simulations (simulationsadérge, representative vol-
ume of the Universe with box sizes much larger than the objefcinterest) were
mainly N-body simulations in which only gravity is followed in a Ueikse in
which the mass is discretized in point-like particles. TEhesnulations predict
the evolution of the dark matter component of the Univers#h the ‘details’ of
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the baryonic physics neglected. As following only gravisyrélatively easy, our
understanding of the large-scale structure of the Univleserapidly increased
due to simulation projects which followed only the dark raattomponent of the
Universe (see e.g. Springel et al., 2005).

Galaxies inN-body simulations

With the evolution of dark matter alone, nothing can be shmbiathe properties of
the galaxies in such simulations. Semi-analytic models\MSphave been created
in order to form a galaxy population on top of the dark matieruations (Croton
et al., 2006; Bower et al., 2006; De Lucia & Blaizot, 2007). €$& consist of
analytic recipes, which depend on the merger history of #ie the galaxies are
in. The recipes describe how gas flows into the haloes, ctul®, stars, explode
as SNe and how SMBHSs form, grow and influence the gas in thieeka

These SAMs generally come with a large number of free pamensétvhich
are mostly motivated by the baryonic physics described icti@e 1.1), so it is
very well possible to form a galaxy population that is verpresentative of the
galaxy population that is observed. The model parametersigrally tweaked to
reproduce a few observables (principally #he 0 galaxy luminosity function), and
the model is then used to predict others. Given the large ruofifree parameters
and functions, many of which may be poorly constrained onawephysical, the
predictive powers of these models may be questionable t keast it is possible to
create a galaxy population that matches a variety of obsen&

Variations on N-body simulations

Galaxy formation models do not necessarily néktiody simulations in order to
predict the behaviour of the dark matter component of thevéise. Several alter-
natives exist and are often used (they are usually less datqmally expensive,
but may lack small scale details and are less accurate) tén@éed Press-Schechter
theory, for example, the dark matter halo merger historggshe obtained analyt-
ically. Another variation uses halo mass functions obthifrem either analytic
theory orN-body simulations and link the luminosities of observed gafs to
the dark matter haloes. In halo occupation distribution (H@odels, the self-
similarity of dark matter haloes is used, such that the nurobgalaxies, and their
mass distribution is known as a function of the halo mass Bedind & Weinberg,
2002). Using the resulting distributions of galaxies indeal, galaxy luminosities
from an observed galaxy luminosity function can be linketh&se galaxies.
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1.2.2 Smoothed Particle Hydrodynamics and sub-grid physg&

Although the above methods can produce galaxy populatioaissatisfy obser-

vational constraints, they are not always physically wedltivated. Often, the

different ingredients do not have a chance to interact, and iy ocases the physi-
cal prescriptions for ingredients like gas cooling, stanfation, feedback etc. are
strongly simplified versions of reality. In order to gain gioal insight into the

interplay between baryonic processes in galaxy formatioe,needs to follow the
evolution of the baryons more self-consistently using $atiens.

One way to do so, and this is the method used for most of thisthis to sim-
ulate the Universe with both a dark, and a baryonic compainemgdrodynamical
simulations. Gas particles discretize the mass in the siedlvolume, and their
hydrodynamical properties (e.g. density and pressuredlat@ned by averaging
over a kernel containing a fixed number of neighbours. Thestcfes can then
exert gravity and pressure on each other and evolve hydamdigally, rather than
just under the act of gravity. Such simulations are much neoraputationally
challenging than thé&l—body simulations discussed above.

Although we take the smoothed particle hydrodynamics (S#pigjoach (Mon-
aghan, 1992) in order to follow the evolution of the gas (am& response of the
dark matter to the presence and evolution of baryons), matnegrocesses shap-
ing galaxies happen on scales below the resolution limitoghwlogical simula-
tions. As we will see below, typical particle masses in satiohs of representa-
tive volumes of the Universe are limited (because the gantiamber is limited by
computer memory and processor speednfox 10°M,, in the highest resolution
simulations available, but more often one or more ordersagmitude higher. Gas
cooling is a process on the scale of atoms, stellar evolutappens on scales of
about 1M and the evolution of supernova remnants may require a sineiémlu-
tion. These are just a few examples, in Chapter 2 we will goim@ny small-scale
processes. Obviously, recipes have to be developed in trdkyscribe theféect
of small scale processes below the resolution scale of thalaiion. These are
called ‘sub-grid models’, and these are the ingredients riteke diterent SPH
simulations difter from each other (strongly).

To date, an extensive and fair comparison between the méieyatit sub-grid
models has not been made. A systematic comparison of sdimagidels requires a
suite of simulations, run with the same code, on the samialiniinditions, varying
the sub-grid recipes one-by-one. That is exactly what ther@helmingly Large
Simulations project set out to do.
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1.3 The OverWhelmingly Large Simulations

A recent éfort in simulating a representative volume of the Universeoisducted

at Leiden Observatory, the Netherlands and is called ‘Ther@helmingly Large
Simulations’ OWLS Schaye et al., 2010), a project catalyzed by the temporary
availability of the IBM BlueGeng. supercomputer ‘Stella’ which was built for
the LOFAR collaboration in Groningen. The name of the projgmot only sup-
posed to tell you that the simulated volumes are large, Isat thlat the number of
variations in the sub-grid modeling is unprecedented fenuawogical simulation
projects. The philosophy @WLSis to keep the simulation ingredients as simple
as possible and to vary sub-grid models/angharameters one by one (away from
what we call the ‘reference model).

By “keeping things simple”, we mean that when we have to thice a sub-
grid model for an unresolved process, we keep this modellsinapd do not in-
troduce more parameters than necessaryoanastifiable.

The simulations are extensively described in Schaye e2@1.Q) and an exten-
sive summary is given in Chapter 2. Over 50 high resolutiorugtions have been
carried out, totaling many tens of terabytes as a result iomé of CPU-hours of
calculation. In this thesis we will focus on the populatiaiggalaxies formed in
the diferentOWLSruns. With such an extensive set of simulations, many studie
are possible, and this thesis only contains a small subséhatthas beerdone, let
alone whatould bedone.

1.4 Thesis summary

In Chapter 2 a summary is given of alDWLSruns used in this thesis. The influ-
ence of the physics and resolution of the simulation (in seahmass as well as
box size) on the resulting galaxy populatiorzat 2 are discussed. As the variation
of sub-grid models is the unique feature@{VLS we discuss thefkect of all the
sub-grid models in quite some detail. We look at the relatietween properties of
Friends-of-Friends (FoF) haloes in the high resolutionusations. In particular,
the star formation rate (SFR), the build up of stellar masd,gas, star and baryon
mass fractions as a function of halo mass are used to assed$dttiveness of
the various feedback models and we compare shortly to odtsemg. Interesting
conclusions from this chapter are that the star formatioe oha galaxy is self-
regulated by gas accretion (set by halo mass and gas coalinthjeedback and
that the star formation recipe regulates the amount of abvailfuel (i.e. the gas
mass fraction) of the haloes, but not the star formation rate

As the extent to which halo mass and environment sets gal@pegies is not
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yet clear, we investigate i@hapter 3 how to disentangle the influence of halo mass
and environment. It is well known that environmental dgnaind halo mass cor-
relate. In the literature, manyftierent definitions of environmental density occur.
We make use of the Millennium Simulation and semi-analytmdeis of galaxy
formation in order to investigate the correlation betwesrirenmental parameters
and halo mass on a galaxy population which matches obsemehtconstraints.
We show how well popular environmental parameters coeelath halo mass, as
a function of the scale on which environment is measured. Wakow that if the
minimum masAuminosity of the neighbours used to characterize the enuirent

is fixed relative to the magaminosity of the halo in question, and if the distance
to these neighbours is scaled to a typical distance for tlexgan question (e.qg.
the virial radius of its host halo) that then the measure @frenmental density
can be made to be independent of halo mass. If one wants ttigate the ffects

of halo mass (‘internal environment’) and ‘external enmimeent’ separately, it is
most useful to use one parameter that correlates very $gravittp halo mass (e.g.
the number of galaxies within roughly a virial radius) ane: dhat is independent
of halo mass.

In order to compare simulations and observations one cawgavays: deter-
mine physical properties from observables and compare tteethe simulations,
or extract observables from the simulation and comparestteesbserved galaxy
properties. InChapter 4 we extract luminosity functions from the OWLS sim-
ulations and investigate how these depend on input phydics, attenuation and
galaxy selection. The dependence of the LF on input physie®ly similar to
the dependence of the stellar mass function on input physiciEh was already
shown in Chapter 2. Dust attenuation is hard to estimate k Sulations with
particle masses exceeding the mass of absorbing clouds iShh of galaxies. We
estimate it from the column density of metals, normalizedhi extinction as a
function of metal column in the solar neighbourhood. As tké&nition of galax-
ies used by simulators (gravitationally bound structurfgsacticles) and observers
(some region of an image that exceeds the background irsibtgare fundamen-
tally different, we try to assess if the obtained luminosity functiosimulations
can be expected to be the same as the observed luminosityofurnd galaxies,
under the assumption that the underlying galaxy populatae identical. To that
end we project our star particles onto images, smear theasnagh a point spread
function (PSF) and extract the galaxy luminosity functioithvthe tools observers
would use. We find that the LFs are in general very similar éodhes directly ob-
tained from the simulations, but that PSFs which are largepeaoed to the galaxies
may flatten the faint end of the LF, which would alleviate aonagnsion between
observed and simulated LFs.

Finally, in Chapter 5 we investigate the stellar content, broadband photom-
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etry and metal enrichment of idealized galaxy models in taenéwork of the
so-called ‘integrated galactic initial mass function’ (N8, see Kroupa & Weid-
ner, 2003; Weidner & Kroupa, 2004, 2005, 2006). Star foramaticcurs mostly
in clusters (Lada & Lada, 2003; Piskunov et al., 2008). Traagsters follow a
mass distribution, that is quite similar in shape to thelatdMF (e.g. Larsen,
2002; Bastian, 2008). The cluster mass function favoursrteags objects, so if
the power-law mass function were to extend all the way dowdlusters of just
a few solar masses, it is clear that the IMF summed up oveldwsdtars must be
deficient of high mass stars compared to the underlying IMBtah can, after all,
not be more massive than its host cluster. We will investigia¢ IGIMF under var-
ious assumptions for the method used to sample the stellsseran the clusters
and for diferent cluster mass functions. We use the IGIMFs as input IfdFthe
GALEV population synthesis models (Bicker et al., 2004; Kotullalg 2009) to ob-
tain broadband magnitudes and metallicities of closed ladexy models. We find
that the change in broadband colours from IMF to severaimessof the IGIMF
is smaller than the galaxy-to-galaxy scatter of colourse Thstar content of our
Milky Way is significantly altered by theffects of clustered star formation, but the
exact number that e.gara (Perryman et al., 2001) will observe depends on vari-
ous other uncertain quantities. If the IGIMF indeed sigaifity deviates from the
IMF (which depends on the unknown low mass behaviour of theduster mass
function), then the metal content of galaxies is the mosinisimg discriminator
between (IG)IMFs.

1.5 The (near) future

The studies described in this thesis do answer some opetiangem the field of

galaxy formation, but are by no means final answers to the lapgn questions.
Many of the simulated properties of galaxies do not corredptm observations
and many of the physical processes in the simulations afdyh{gver-) simpli-

fied. In the near future much progress can be made on both thputational and
the observational side of this topic. Whereas numericaletsodill become ever
more sophisticated (due to the availability of more compufpiower and due to an
improvement of software), observations with the new anduapag observational
facilities like JWST, ALMA, LOFAR, E-ELT and many others Wwihed new light

on the state of galaxies and larger scale structures in teamel distant Universe.
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Physical properties of simulated galaxies
from varying input physics

Abstract

We investigate the baryonic properties, such as stellaspfsgecific) star formation rate, gas consumption time
scale, and gas fraction, of haloes at redshift two usinggelaet of high-resolution cosmological simulations
from the OWLSproject. We vary the sub-grid models for radiative coolingionization, the pressure of the
unresolved multiphase ISM, star formation, feedback froassive stars and AGN, as well as the cosmology,
box size and numerical resolution. While reionization aretahline cooling are important for low- and high-
mass haloes, respectively, galactic winds driven by feddfimm star formation andr accreting black holes
determine the main properties of galaxies. The star foonatate is regulated through the ejection of gas by
galactic winds. The gas fraction, and thus the star formatie, adjusts until the (time averaged) rate at which
energymomentum are injected is ficient to balance the accretion, which is itself determingddsmology and
cooling. Consequently, the assumed star formation f&ects the gas fractions, but not the star formation rates.
The predictions are sensitive to variations in the sub-gnjplementation of galactic outflows, even if the energy
per unit stellar mass is fixed. Feedback becomefianent if the initial wind velocity falls below a minimum
value that increases with the pressure of the ISM and hertbehaio mass. In galaxies from which winds do not
escape, the pile up of newly formed metals results in cataisic cooling and strong star formation. Our results
suggests that a wide range of stellar mass functions coufitdzkiced by varying the initial wind velocity and
mass loading with halo mass. In fact, even without such tumany of our models predict stellar mass functions
that agree with the observations. Reproducing the higregadfithe observed specific star formation rate appears,
however, to be more flicult. In particular, the gicient feedback required to reproduce the mass functiortsesu
in much lower specific star formation rates than observed.
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CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

2.1 Introduction

The formation of structure in the dark component of the Ursges reasonably
well established by means of high resolution gravitatioNabody simulations
(e.g. Springel et al., 2005). The large-scale structurisstas derived from these
gravity-only simulations agree very well with observasonThe formation and
evolution of galaxies is, however, much less well undeigtddodeling the bary-
onic component is much morefficult than simulating the dark matter due to the
collisional nature of the gas and the wealth of phenomertantred to be taken into
account (cooling, star formation, feedback, etc.).

There are two popular approaches to tackle this challengisk. In semi-
analytic models, analytic descriptions of the behaviouhefbaryonic component,
as a function of the dark matter halo mass, merging histodyesvironment, de-
scribe the evolution of gas and stars (e.g. ff@ann et al., 1999; Somerville &
Primack, 1999; Croton et al., 2006; De Lucia et al., 2006;t&oot et al., 2006,
2007; Monaco et al., 2007; De Lucia & Blaizot, 2007; Soméevét al., 2008;
Bower et al., 2008). The freedom to choose functional forntsgarameter values
combined with the ability to run large numbers of modelspeashat reproducing
observations is usually within reach. While this approaek great advantages,
such as the ability to make mock galaxy surveys that afiecgntly realistic to
reveal observational biases, there are also significantdeks. The large number
of parameters can make itfficult to identify the key physical processes. More im-
portantly, the ability to reproduce observations with a gldtlat uses unphysical
functional forms or unrealistic parameter values to dégcphysical processes can
easily result in erroneous conclusions and misplaced ceméiel

The other approach is to follow both the dark matter and timgdvéc compo-
nents by direct simulation. While the dark matter is neallyags simulated using
particles, the baryons can either be modeled with Euleriathads (discretizing
the volume in an (adaptive) grid, Ryu et al., 1990; Cen efl800; Cen & Ostriker,
1992; Gnedin, 1995; Bryan & Norman, 1998; Teyssier, 2002{lGmer & Yepes,
2007) or using the Lagrangian approach also used for therdatter (discretiz-
ing the mass using particles, e.g. Evrard, 1988; Hernquikia&, 1989; Thomas
& Couchman, 1992; Steinmetz & Mueller, 1993; Couchman ¢t1#95; Serna
et al., 1996; Shapiro et al., 1996; Steinmetz, 1996; Katt. £1996; Tissera et al.,
1997; Dave et al., 1997; Springel & Hernquist, 2003a,b; @ppéner & Dave,
2006; Davé & Oppenheimer, 2007; Oppenheimer & Davé, 2@siaye et al.,
2010). Here, the freedom is limited to the parametrizatibanwesolved sub-grid
processes, principally outflows driven by feedback fronn fiamation. The high
computational expense associated with full numerical ktians prevents thor-
ough explorations of parameter space. Together with thecestilevel of freedom,
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this means that numerical simulations tend to be less ssittés reproducing ob-

servations of galaxy populations than semi-analytic mmd€ompared with the
semi-analytic method, the advantages of the simulationoggp include the much
reduced (though still present) risk of getting the rightvees for the wrong rea-
sons, the ability to ask more detailed questions due to #medndous increase in
resolution, and the fact that not only galaxies, but alsdritergalactic medium is

modeled.

As many processes related to the baryons are not (well)\vexsdly even the
highest resolution simulations, they are dealt with in thealled sub-grid mod-
els. Among these are radiative cooling (e.g. Sutherland &i2p1993; Wiersma
et al., 2009a), the temperature and pressure of the mulphas at high densities
(in the rest of the paper loosely called ‘the ISM’) and thenfation of stars (e.g.
Katz et al., 1996; Springel & Hernquist, 2003a; Schaye & ®a&kcchia, 2008),
the energy and momentum fed back by these stars into thgl CBMIGM (e.g.
Springel & Hernquist, 2003a; Dalla Vecchia & Schaye, 20@8¢/lar mass loss
(e.g. Tornatore et al., 2007; Wiersma et al., 2009b) and tbeth of supermas-
sive black holes and associated feedback processes (aaki 8 Springel, 2006;
Sijacki et al., 2007; Booth & Schaye, 2009).

In this work, we will use large, cosmological, hydrodynaatisimulations to
investigate a number of basic baryonic properties of haloekiding the (specific)
star formation rate, stellar mass, gas and baryon fractiothis way we will get
a handle on the physical processes that determine the fiegpef galaxies and
on the importance of the freedom that arises from choosimticpkar sub-grid
models. As reproducing observations is not our main godiiatstage, we have
not attempted to fine-tune our models or to optimise the sithiyplementations.

We make use of the large suite of smoothed particle hydradiagsa (SPH)
simulations from theDverWhelmingly Large Simulationsoject OWLS(Schaye
et al., 2010). The large variety of input physics in thfatient runs, as well as the
possibility to study the detailed numerical convergencéhefresults, enables us
to investigate properties of haloes and their relation éophysical and numerical
parameters. In the sub-grid models the philosophy is ta@eteep it as simple
as possible, and where possible the parameters are catfiivatobservations. In
particular, we will test several implementations of gatagtinds, we will inves-
tigate the importance of metal-line cooling, and we willyéne treatment of the
unresolved, multiphase interstellar medium, the star &iaon laws, the cosmolog-
ical parameters, the stellar initial mass function, andréienisation history. One
implementation of AGN feedback will also be compared to ttheeomodels (for a
comparison of several AGN models in the context of @WL Ssuite, see Booth &
Schaye, 2009).

This work complements that of Schaye et al. (2010), wherentveduced the
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simulations and compared the cosmic star formation hestgedicted by the var-
ious models. The global star formation rate can be decondpose a dark matter
halo mass function, which is determined by the cosmology,tha statistical dis-
tribution of the star formation rate as a function of halo saadere we will study
the latter, which is astrophysically more relevant thanglobal star formation rate
as it removes the mainffect of cosmology (the mass function) and allows us to
investigate how the various baryonic processes vary witbsma/hilst we will add

a dimension to the work of Schaye et al. (2010) by investigathe dependence
on mass, we will remove another one in order to keep the sciofpe study man-
ageable. Thus, we will limit ourselves = 2 and to the high-resolution series
presented in Schaye et al. (2010) (these runs were haltéisaetshift). To get
further insight, we will study many more properties of gédmxthan the star forma-
tion rate. We will also study the stellar mass function whiobwever, does depend
on the cosmology.

The structure of this chapter is as follows. In Section 2.2wile describe
the main features of our reference simulation, which seagshe baseline for
the comparison between models, we describe how we selectigaland we give
an overview of the results. We elaborate on the physics ti@mn&in the subse-
guent Sections, where we discuss variations of cosmologgt(2.3), metal-line
cooling (Sect. 2.4), reionization (Sect. 2.5), the equetibstate for high-density
gas (Sect. 2.6), the star formation law (Sect. 2.7), théastiglitial mass function
(Sect. 2.8), supernova feedback (Sect. 2.9), and AGN fe&diSect. 2.10). After
reading Section 2.2, all the other section can be read opsHipdepending on the
readers’ interests. Section 2.11 summarizes the conokisio Appendix 2.11 we
present the tests showing the numerical convergence ofrautations, while Ap-
pendix 2.11 shows that the amount of energy and momentunrtédsi@ the winds
in the momentum driven wind models of Section 2.9.4, whigthemselves taken
from Oppenheimer & Davé (2006, 2008), is higher than whatalable from ei-
ther SN explosions or radiation pressure.

2.2 Numerical techniques

For a detailed discussion of the full set @WWLSmodels we refer the reader to
Schaye et al. (2010). Here we will briefly summarize the exiee simulation, its

relevant numerical properties and the we will make somemgénetes on the phys-
ical properties we will show in all subsequent sections,cividescribe variations
of the sub-grid models.
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Table 2.1: Overview of the cosmological parameters of WMABWB/L Sreference)
and WMAP1 (as used in the Millennium Simulation). Symbolsé¢heir usual
meaning.

WMAP3 WMAP1

Om 0.238  0.25
o 0.0418  0.045
QO 0.762 0.75
o8 0.74 0.9

n 0.951 1.0
h=Ho/ (100 km s Mpct) 0.73 0.73

2.2.1 OverWhelmingly Large Simulations

The simulations are performed with an extended versionef\tBody Tre¢gSPH
code Gger3 (last described in Springel, 2005) in periodic boxes of 28 200
comovingh~*Mpc. There are 512dark matter and equally many baryonic par-
ticles (which can be either collisionless ‘stars’ or cadligal ‘gas’ particles). The
particle mass of the highest resolution simulation undesitieration (2% *Mpc
box size, 2x 512 particles) is 88 x 1P M,, for dark matter and .85 x 10° M,

for baryons (initially, the baryonic particle masses claimgthe course of the sim-
ulation due to mass transfer from star particles to gasgbesji The gravitational
softening length initially is fixed in comoving coordinataisl/25 the inter-particle
spacing. Belovz = 2.91 the softening is fixed in proper units, at -5 kpc.

Initial conditions are generated witlusrast (Seljak & Zaldarriaga, 1996) and
evolved forward in time from an initial glass-like statengsthe Zel’'Dovich (1970)
approximation t@ = 127, where the simulation is started. The cosmology assumed
is summarized in Table 2.1 and is deduced from the WMAP 3 yasarits (Spergel
et al., 2007). The results are largely consistent with theemrecent WMAPS
results (Komatsu et al., 2009), the most notabl&edence is iro-g, which is 1.60-
lower in WMAP3 than in WMAPS5. The primordial helium mass ftiao is set to
0.248

As the subgrid model variation is the main power of @¥/LSsuite, we will
now describe the parameters and subgrid models used infénerree simulations.
The next sections will be devoted to descriptions of theatamns of the sub-grid
models and how the fierent input physicsfiects the resulting galaxy population.

In the simulation radiative cooling and heating are cakedaelement-by-
element by explicitly following the 11 elements H, He, C, N, ke, Mg, Si, S,
Ca and Fe in the presence of the Cosmic Microwave Backgrooddhe Haardt
& Madau (2001) model for the UXX-ray background radiation from quasars and
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galaxies, as described in Wiersma et al. (2009a). Note ligagjas is assumed to
be optically thin and in photo-ionization equilibrium.

At sufficiently high pressures, deep inside haloes, we expect thodee com-
posed of several phases, ranging from\liatm tenuous gas to cold, dense molec-
ular clouds. This high density, multi-phase interstellagdiom (ISM) is not re-
solved (and our simulations lack the physics to describeTit)e formation of a
cold phase and instabilities to form stars require a phi/sipdrogen number den-
sity of ny > 1071 cm2 (Schaye, 2004) and particles with such densities are put on
a polytropic d€fective equation of state (EoS). Their pressBre peff, whereyes
is the polytropic index and is the physical proper mass density of the gas. We use
vet = 4/3 , such that both the Jeans mass and the ratio of the Jeattis é&nththe
SPH kernel are independent of the density, thus preventindais fragmentation
due to a lack of numerical resolution (Schaye & Dalla VeccBi208). The nor-
malization of the polytropic equation of state is such thaténergy per unit mass
corresponds to TK for atomic gas with primordial abundances at the star ferma
tion threshold P/k = 1.08 x 10 K cm™3 for ny = 107 cm3). Star formation
is followed stochastically, with a pressure dependentfstanation rate, obtained
from the observed Kennicutt-Schmidt law (Kennicutt, 19%8ad local hydrostatic
equilibrium, as discussed in Schaye & Dalla Vecchia (20@3s particles are only
allowed to form stars when they are on the EoS, so there isatibld density for
star formation ofy > 1071 cm3.

The mass loss of the gas by AGB stars and by Type la and Typeclu¢ling
Type Ib,c) supernovae is followed explicitly for the 11 eksmts needed for the
cooling, as described in Wiersma et al. (2009b). The stdictes are assumed to
be simple stellar populations (SSPs) with a Chabrier (2@@i8al mass function
(IMF). The energy feedback from massive stars and supeensvanplemented
kinetically, giving a number of SPH neighbours of newly feunstars a kick with
a velocity of 600 km st. The number of particles receiving such a kick is set by
the dimensionless mass loading faagjpwhich is the amount of mass kicked in the
wind per unit solar mass of stars formed. We gse 2, which together with the
chosen velocity corresponds to about 40% of the energyadotaifrom supernovae
of type Il (including Ib,c), for our assumed Chabrier (2004F. For details on the
kinetic wind implementation, see Dalla Vecchia & Schayed@0

2.2.2 Halo identification

Haloes are identified using a Friends-of-Friends (FoF)rélya, linking together
all dark matter particles which are closer to each other tharinking parameter
(b = 0.2 times the mean inter-particle distance). FoF identifiesoigerdensity
contours ofs = (p — p)/p =~ 3/(27b%) ~ 60 (Lacey & Cole, 1994). Outside these
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contours, due to particle noise, some regions will also lerssd as haloes. These
haloes will be excluded by the particle number cuts we wilken&urther on, as
motivated by the convergence tests. Baryonic particledirgked to their nearest
dark matter particle and belong to the same group, if any.

Following the convergence tests presented in Appendix, 2v&lonly include
haloes that contain at least 100 star particles when lockir@lo properties as a
function of stellar mass. We use a minimum of 2000 dark ma&eticles when
we plot properties against halo mass. These two cuts pratkary identical halo
samples in the reference simulation and ensure that onlyreszlved haloes are
considered.

Whenever we show the correlation between two halo propette plot con-
sists of lines that connect the medians of bins, evenly shimdde quantity plotted
along the horizontal axis, if there are at least 30 pointshat bin. If not, then
the next bin extends to include the first next 30 objects. akelbin may contain
between 0 and 30 objects. We bin the data starting from therhigss end. There,
the diference in mass for two consecutive haloes is much biggerahtre low
mass end, and in this way we are sure that the value of the rh#ss lsigh mass
end of the plots is always the mean of the mass of the 15th ahdhi@st massive
systems.

2.2.3 Physical properties

In subsequent sections we will study the relations betwegaral physical prop-
erties of haloes. Simulations will be compared in sets thaf in only one aspect
(e.g. only varying supernova feedback, or only varying thesics related to high
density gas and star formation). The reference model (édiREF and described
in Sect. 2.2.1) will always be plotted as a black solid limegider to intercompare
the sets. ThREF model serves as a baseline for our exploration of parameter
space, but it should not be regarded as our ‘best model’. oora detailed de-
scription of the physics in the simulations we refer to Pdpéfe will keep to the
same order of model variations in Paper | for easy comparigdinsections will
start with a summary of the models which should b#fisient to understand the
discussion, but for more details we refer the reader to Paper

A graphical representation of the gas density of a galaxgnéat in a repre-
sentative set of models is shown in Fig. 2.2.2. The galaxgessn a halo of total
mass~ 10'2° M. It was first identified in theREF simulation, where its position
(centre of mass of all particles within 10% of the virial nasli is determined. The
line of sight is along the z-axis, which is almost perfectigred with the angular
momentum vector of the gas within 10% of the virial radiuss(@p = 0.994). For
the other simulations the image is centered on the samegrgsshowing the re-
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Figure 2.1: A graphical representation of a galaxy in a h&lb®?> M, in 20 of
our simulations at redshift 2. The colour coding denotegdsedensity divided by
the mean density of the universe. All frames are 100 comadyiggh on a side and
are centered on the position of the galaxy in tREF simulation. The gas density
in a 100 comoving kpt box is projected. The orientation of the line of sight is
along the z-axis, which is almost perfectly aligned with #mgular momentum
vector of all material inside 10% of the virial radius of tlgalaxy in the REF
simulation.
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markable similarity in the positions and orientations af thalaxies. TheMILL’
simulation, as described below, was run with another cosgyplresulting in a
different distribution of galaxies over the volume. This modakwherefore left
out.

In Fig. 2.2 we include all physics variations and plot 9 comalbions of physi-
cal properties. The black line is the reference model frorcwive vary the input
physics. In subsequent sections we will discuss sets oflations which vary the
input physics in some specific way. The upper two rows have hedss on the
horizontal axis, while the lower three panels show somegqunt@s as a function of
stellar mass. Note that the upper six and lower three pahelg diterent resolu-
tion limits, as explained in Appendix 2.11. Fig. 2.2 shows taference model in
black and all other simulations in grey, such as to providalea of how much the
different relations diverge in theftirent models. The remainder of this section
gives some background on the panels where necessary. Fgrseteof physical
properties that will be discussed in the following sectioves will use the same
panels.

2.2.4 Properties as a function of halo mass

Panel (A) shows the stellar mass as a function of halo masshwainly serves
as a way to connect the panels that have halo mass on theitatiaais (A — F),
to panels that have stellar mass on the horizontal axis (GRahel (F) shows the
stellar mass fraction of haloes as a function of their totaksnand contains the
same information. Dividing by the halo mass, though, emigkagshe diferences
between the models, because the stellar mass and total redgghéy (and almost
linearly) correlated.

In panel (B) we show the star formation rate of haloes as atifumof their
total mass. As we show in Fig. 2.2 the SFRs span slightly nfeae &n order of
magnitude at the high halo mass end, and less than an ordegoiitnde at the low
mass end (except for the simulation without feedback an@lriiae cooling). At
the high mass end, the simulations with weak feedback (a&sided in Section 2.9)
are the ones with the highest SFR, while the simulations stgpa low SFR have
either very dicient SN feedback, or AGN feedback.

In all panels (C) we plot the baryon fractions of the halo asrecfion of halo
mass. We over-plot the universal baryon fractiom(Qm), as appropriate for our
default cosmology. Without feedback and metal-line cap(which we will show
separately in Fig. 2.4), the baryon fraction is very highaedund the universal
value. Hfective feedback sets the fractions well below the univevsile, by
factors up to 6 below it as can be seen in Fig. 2.2.

Most of our simulations show baryon fractions that are lg\wwad depend more
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Figure 2.2: Median relations between halo properties irthadl simulations de-
scribed in this work. The reference model is shown in bladk ahother models
are shown in grey. In subsequent sections we will considsrafesimulations in
more detail. On the top two rows we show the halo mass as aidanof stel-

lar mass (panel A), star formation rate (panel B), baryonsiii@tion (panel C),
fraction of mass in the ISM (panel D), fraction of mass in othas in the halo
(panel E) and stellar mass fraction (panel F). The last t{seeond row) and up
to the total baryonic mass fraction shown in panel (C). Tlsédaw shows stellar
mass versus specific star formation rate (panel G), invdrdea@as consumption
time scale (panel H) and the number density (the stellar rasgion, panel I).

We show medians in bins along the horizontal axes as deddribiée text for all

©
o

® |

. . . .
10.5 11.0 11.5 12.0
median Log,[Ma (My)]

0 A

. . . .
105 11.0 115 120
median Logu[Ma (M)]

=

600DS (G)

8.0 8.5 9.0 9.510.010.511.0
medion LogulMa. (4.)]

voe)

median Log o[ fe,

o1

median Logo[SFR/M,.,

median Log[SFR (MG/W)]

|
e
IS

|
©
o

|
©
o0

|
©
o

|
©
N

|
©
s

® |

. . . .
10.5 11.0 11.5 12.0
median Logu[Mw (M)]

©® |

. . . .
10.5 11.0 115 120
median Log[Mu (M@)]

"

T T
8.0 8.5 9.0 9.510.010.511.0
median Logu[Mu (My)]

median Logo[ fe,

median Logo[ fuu]

Log.o[dN/dLog,(M) dex'(Mpc)™)

| | | |
N - - o
o wn o wn
| \\

|
N~
wn

I — Universol £, -

. . . .
10.5 11.0 11.5 12.0
median Log,[Ma (My)]

. . . .
105 11.0 115 120
median Logu[Ma (M)]

. .
8 9 10

Inl
median Logu[ M (M)]

haloes that satisfy the convergence criteria that applgabdpecific panel.

22




2.2. NUMERICAL TECHNIQUES

strongly on mass, than those found by Crain et al. (2007).sé@simulations in-
cluded no cooling, no star formation and no feedback presessaking the results
hard to compare directly. Our simulation without coolinglavithout feedback has
a baryon fraction that goes above the universal value, valsetgain et al. (2007)
always stays below, at roughly 90% (unless the gas is prethetiten they do find
a strong evolution with mass, as we do). Note, though, thadmiaclude cooling

from hydrogen and helium and star formation, whereas Ctzah €2007) do not.

Panels (D) and (E) show the fraction of the mass that is in gaka ISM
and the rest of the gas in the haloes, respectively. In gerimth are increasing
functions of the total mass, although again some of the veafjicient feedback
models show very high gas mass fractions in low mass haloes.

In the panels (F) we will look into the stellar mass fractiofiialoes (the sum
of the middle row panels, A through F, gives the upper righitghaC). As it will
turn out, the stellar mass fractions tell us how well stamfation is suppressed by
the feedback model under consideration, whereas the b&yions of the haloes
show a distinction between feedback models which removérgasthe ISM and
models that remove the gas from the halo altogether.

2.2.5 Properties as a function of stellar mass

The integral of the SFR over time until the moment under a®rsition ¢ = 2

in this case) gives a stellar mass. Relations between SFRstafldr mass are
not so well converged as those with halo mass (see Appenili¥).2In higher
resolution simulations the stellar mass that builds up ghéii, because the star
formation is well resolved already at earlier epochs (wmdsolved star formation
underestimates the SFR). The relations between stellas @k SFR are very
similar to the relations between halo mass and star formadites (we do not show
them). One notable fference occurs between the simulations without feedback
and metal-line cooling. The much higher SFR in the simutatigthout feedback
has resulted in the build-up of galaxies with very high stethasses.

The specific star formation rate

An often used observational parameter is the specific stardfoon rate (SSFR),
defined as the star formation rate divided by stellar madmdically is the inverse

of the time needed to form the current stellar populatiorhe current star for-
mation rate. As colours of galaxies mainly measure theiveldtaction of old to
young stars (due to the fEierent spectral regimes they shine in), the colour of a
galaxy usually is a good measure of its SSFR (averaged ogeretent past). In
many previous studies the sSFR is used to distinguish s&dgbinom quiescently
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star forming galaxies (comparing the sSFR to some other sicake, usually the
Hubble time).

A good reason to look at SSFR instead of SFR is the almostrlne¢ationship
between stellar mass of haloes and their SFR, as we will stedowb Dividing
out the stellar mass removes the linear dependence andghightieviations from
this relation. Note that in a plot of SSFR against stellar snthgre is no more
information than in the plot of SFR against stellar mass.

The observations we will compare to are taken from Daddi.gR8I07), who
measured the obscured and unobscured star formation bygt&&Rs from the
UV and IR together. They did this fdf-selectedsBzKgalaxies (star forming, see
Daddi et al., 2004) in the GOODS fields at~ 2. The median of the SFR as a
function of stellar mass is well fit by SFR 250- (M, /10 M,)%9, and the scatter
is constant at about 0.2 dex. The scatter is not shown in th&&i but is similar,
although a bit smaller~ 0.1 to 015 dex) in the simulations. Both the stellar
masses and the star formation rates need to be converted tmsmology and
IMF, as explained in Sect. 2.2.5. The (cosmology and IMFexied, see below)
data from the GOODS fields of Daddi et al. (2007) have beerstoamed to SSFR
instead of SFR. We plot the observed relation only on the maagge that actually
is observed: 5 10° My < Mgtar < 2 x 10 My. Halo mass is much harder to
observe than stellar mass #mdSFR (which usually come from SED modeling).
Therefore we only show the specific star formation rate asnation of stellar
mass.

As can be seen from panel (G) of Fig. 2.2 the medians of the sBkRRloes
span only a limited dynamic range of about an order of madeitand are all
lower than the observed relation, except for a very smaljeasf stellar masses in
simulations with inéficient feedback at these masses (see Section 2.9).

The slope in the relation between stellar mass and the spstfi formation
rate of a galaxy seem only to agree with the observations ofdDet al. (2007)
on mass ranges where the feedback igficient (either in simulations without
feedback, or in the high mass haloes of simulations withtivellg low wind ve-
locities) and in the simulation with thermal supernova fesek. In simulations
with ineffective feedback the slope in the sSHR. relation is negative, and even
steeper than in the observations, while the simulationaitlieedback (and with-
out metal-line cooling) shows a very similar slope to obagons over a large
range of masses (panel (G) of Fig. 2.4). Thifedence in normalization between
the observations and our simulations may be due to therste#lases in the simu-
lations being too low (as star formation is only resolvededdtively low redshift),
by the simulated star formation rates being too low or by theeoved SFRs being
too high. Besides, there may be systematics in the obsemngagis well.

In the simulations with very strong feedback, either dueigt twind veloci-
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ties or to the inclusion of AGN, the specific star formatiotesatend to become
relatively independent of stellar mass. For these stroadlfack models, the dis-
crepancy in normalization between the observed and sietukiair formation rates
at given stellar mass are largest, though.

The agreement between observations and simulations widfiactive feed-
back in the slope of the relation is at odds with common teoglém invoke very
effective stellar feedback in low mass haloes in semi-analyiiclels (e.g. Cole
et al., 1994; Somerville & Primack, 1999; Cole et al., 200@;ucia et al., 2004)
and simulations (e.g. Katz et al., 1996; Springel & Herny@B03a) in order to fit
the faint end of the luminosity function of galaxies in thedbuniverse .

The gas consumption time scale

As star formation is expected to be more strongly influencedhle amount of
available gas than by the amount of stars already formedegfiresda second type of
specific star formation rate, now normalizing the SFR by tlzessrin star forming
gas. This is the inverse of the time needed to convert theeptesservoir of star
forming gas (i.e. gas that is on the equation of state) irssswith the present star
formation rate, i.e. the inverse of the ‘gas consumptioretsoale’. We plot the
inverse of the gas consumption time scale as a function ldusieass in panel(H).

Comparing simulations to observations

To correct observationally inferred stellar masses andsSFdn the cosmology
assumed in the literature to our cosmology, we multiply tHgyrthe square of
the ratio of luminosity distancesl[ our cosn{Z)/dL obs cosrk2)]. The subscripts ‘our
cosm’ and ‘obs cosm’ denote our cosmology and the cosmolaggruwhich the
observations are transformed into magSERs, respectively.

The IMF assumed for the observations of the SFR we will compar sim-
ulations to was the Salpeter (1955) IMF, whereas our steflasses and SFRs
are based on the Chabrier (2003) IMF. We therefore dividebservationally in-
ferred SFRs by a factor 1.65, which is the asymptotic (re@etiter only 16 yr)
ratio of the number of ionizing photons predicted by BruzZu&harlot (2003) for
a constant star formation rate. For comparison, the caoreéctor is~7 for the
top-heavy IMFs used in starburst models (see Sect. 2.8t#3.tdp-heavy IMF is,
however, really extreme.

For stellar masses, the IMF conversion factor is more seadib the age of
the population and the observed rest-frame wavelengthhébght in most wave-
length bands is dominated by massive stars and the high masefeboth the
Salpeter and Chabrier IMFs are power laws with very simi@wer law indices,
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we use the same factor of 1.65 as we used for the SFRs. For icepopula-
tions observed in red wavelength bands (tracing stellatimmos, rather than dust
emission) the conversion factor should b&etient. We verified that the K-band
mass-to-light ratio is about a factor 1.65 smaller for a Ciealthan for a Salpeter
IMF for SSPs and constantly star forming populations, fer fill range of ages
and metallicities available in the Bruzual & Charlot (20@®)pulation synthesis
package. We therefore also divide by a factor of 1.65 to adrstellar masses
from the Salpeter to the Chabrier IMF.

In all panels (1) we will look at the number densities of gaémxas a function
of their present day stellar mass at redshift 2. We bin thexied in 30 equally
spaced bins in loyl.., between the lowest resolved halo mass (containing 100 star
particles, as the convergence tests allow us, see Appentity and the highest
available stellar mass in the simulation. The resultiniestenass functions (MFs)
are shown in panels (l). Over-plotted is an observed MF frocombined sam-
ple, using the deep near-infrared Multi-wavelength Sutweyale-Chile, the Faint
Infrared Extragalactic Survey and the Great Observat@iegins Deep Survey-
Chandra Deep Field South surveys, as presented by Marckésin (2009), also
atz=2.

In their paper, Marchesini et al. (2009) do a careful job imestigating all
kinds of random and systematic errors. Here, we comparesto 2Vmax method
results, including all uncertainties, but we leave out thiédm-light IMFs that they
test. The reason for this is that they dominate the systereators and are more
extreme assumptions than the variations in the other diemtiAlso, for bottom-
light IMFs there are only arguments at high redshift (Da2@08; van Dokkum,
2008; Wilkins et al., 2008a), and the interpretation of theeyvations are full of
uncertainties themselves. The sources of random errdigle@oisson errors on
the number counts, cosmic variance and the random errarstfre use of photo-
metric redshifts. These random errors are added in quadralio these random
errors we linearly add the maximum of the systematic errorthé same mass
bin, as Marchesini et al. (2009) did. The systematic ermackide the systematic
component in the errors from photometric redshifts, eresising from diferent
population synthesis packages (they test for Bruzual & [6ha2003; Maraston,
2005; Charlot & Bruzual, 2009) varying the metallicitiestbé stellar populations
and the use of dlierent extinction curves (Milky Way from Allen 1976, SMC from
Prevot et al. 1984; Bouchet et al. 1985 Calzetti et al. 2000).

The correction factor for the IMF is very small, as the IMF dige the obser-
vational study is a diet Kroupa IMF. From Marchesini et aD@2) we take the
correction factor from Salpeter to the diet Kroupa: 1.6. Wlie factor between
Salpeter and Chabrier (our IMF) of 1.65, the correctiondador stellar masses
here is 165/1.6 = 1.03 (diet Kroupa being slightly more massive for the same
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observed luminosity). As this number is also derived frompyation synthesis
packages, which come along with their own uncertainties lwgese not to convert
masses for the ffierence in IMFs. We do correct the masses for tligedince in
luminosity distances as described earlier. Number dess#iso need to be con-
verted, as the volume at a given redshift ifatient for diferent angular diameter
and comoving distances. Therefore, the number dengilyi¢ corrected for the
ratio of volume elements (at the redshift under considematit is a function of
the cosmological parameters given in Table 2.1). All nuralzge given in natural
units, without factors of the Hubble parameter, just as imdlasini et al. (2009).

The resulting IVmax estimate of the analysis of Marchesini et al. (2009) is
shown in the yellow shaded regions in all panels (l). We puéated their values,
asz = 2 is exactly on the boundary between two of their redshifs §i8 < z < 2
and 2< z < 3, respectively). We weigh the averaging to the sizes of eldshift
intervals (weight 1.2 and 0.8 respectively), which resuitparameters very con-
sistent withz = 2 results of the Newfirm Medium-Band Survey (Marchesini et al
2010, in prep.). The mass bins are not exactly the same inrbdghift intervals
either. The dterence is very small. The upper mass limit of the most massive
bin is the same and they use bins which are constant itMyggf size 0.3 dex (at
13 < z< 2)and 0.29 dex (at 2 z < 3), resulting in a dterence of bin centre in
the lowest mass bin 0.055 dex. We interpolate the mass bthse same way as the
errors, although using just either the low or high redshidfissbins instead would
not make a noticeable fiierence. Note that we plot the logarithm of the number of
galaxies per unit lo@/l.., per unit volume.

As can be seen from panel (I) of Fig. 2.2 our mass functiorisafall within
the observed range, when all uncertainties are taken immuat. This is true for
a large sub-set of simulations, except some of the strorfigedback models (like
the double IMF models in Fig. 2.9, the high constant wind e#joof Fig. 2.10,
some of the momentum-driven wind models in Fig. 2.14 and A@&dback in
Fig. 2.15), which have too few very massive systems. Somewenk feedback
models produce too many massive systems. At low massesdsredie noted
that our simulations go steeper than most faint end slopeteiied Schechter
function parametrizations, but that this is largely owtsttie observed range of
stellar masses.

Combining the results in panels (B) and (I) shows an intergdiehaviour of
the simulations: although the SFR is too low by a factor ofva fss compared to
observations, we do form enough galaxies of all masses (assily too many
low mass systems). A similar discrepancy, which may beedl&d the one high-
lighted here, is indicated by the works of Hopkins & Beaco®0@); Wilkins et al.
(2008b), where they show that there is an internal discrepanmeasurements of
the star formation rate density evolution and the build ugteflar mass density.
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They conclude that the integral of the star formation raselts in a higher stellar
mass than observed nowadays. One of many solutions is dleosgerestimate of
SFRs by a factor of a few. This would bring the observatiorss @r simulations
to much better agreement. See also Schaye et al. (2010) fiscasdion on the
integrated star formation properties of the simulatiorespnted here.

2.3 Cosmology

Fig. 2.3

In order to investigate the dependence of the galaxy priegesh cosmology, and
to facilitate comparisons to earlier work, we vary the cokgy from the WMAP
3-year results (Spergel et al., 2007) to the so-called ‘cotance cosmology’ that
was used in many previous studies including the Millenniumuation (Springel
et al., 2005). We will refer to this set of cosmological paedens as the ‘Millen-
nium cosmology’ and denote the model assuming this cosmoddj_L .

The main diferences in the cosmologies is the valuergfwhich is 0.74 in our
reference cosmology, but 0.9 in the other model, and theets@ baryon fraction
Qp which is 0.0418 in all our simulations, except in tilLL’ simulation where it
is 0.045. Other parameters are summarized in Table 2.1dkr to roughly match
the peak in the observed global integrated star formatistotyi the simulations
with Millennium cosmology used a mass loading;cf 4 for the winds, rather than
then = 2 used in the reference model (Schaye et al., 2010). To ésttat éfect
of cosmology, we therefore compare it to a simulation withaefault cosmology,
but with a mass loading of = 4 (‘WML4), which then corresponds to about 80%
of the available energy from SNe. In Fig. 2.3 th&eet of the cosmology can be
addressed by comparing the blue dashed and red dotted leh worrespond to
the WMAP3 and WMAP1 (‘Millennium’) cosmological parametgias indicated
in Table 2.1), respectively.

og basically sets the time scale for structure formation: aéiigg corresponds
to earlier structure formation (e.g. Peebles, 1993). Actmeentration at a given
mass is set by formation time, SFRs could be influenced byahewfog, through
different central densities. The two runs witlffelient cosmologies (the red dotted
and blue dashed line) assume the same wind energy per Ulait stass (twice the
energy assumed in the reference model, so 80% of the awagapkrnova energy).
The SFR of high mass haloes is slightly higher for the WMAP4neology than for
the WMAPS3 cosmology, due to theftirent central densities at given mass, even
if the feedback energy is the same. The much larg€ermdince in the integrated
star formation rate density of the universe, shown in Pajselargely the &ect of
a different halo mass function at the same redshift. The largebauf haloes
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Figure 2.3: Like Fig. 2.2, but now only for a set of simulagan which the cos-
mology is varied from the WMAP three-year results, as in thienence model
(black solid line), to the cosmology from the WMAP first yeasults (red dotted
line), as they are used in the Millennium simulation. In tkieLL’ simulation the
supernova feedback was implemented with a two times higlassrioading in the
winds, so two times more energy in the winds. TWeML4’ (blue dashed line)
run has the same cosmology as the reference model, but tleefeadback as the
‘MILL" model, so for the fect of the cosmology the red dotted line should be
compared to the blue dashed, while a comparison of the blalak &nd the blue
dashed line shows thefect of increasing the wind mass loading with a factor of
two.
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results in a much higher global SFR density for the model Wigfheros.

In the Millennium cosmology, the halo mass function is dighigher than in
our cosmology. This also holds for the stellar mass func@sshown in panel (1)
and from panel (F) we learn that the stellar mass fractionfascion of halo mass
is also higher (for models with the same feedback).

2.4 Metal-line cooling

Fig. 2.4

In this set of simulations we investigate what théeet is of cooling by metal
lines. Simulations without any metal-line cooling are nosifected in terms of
gas cooling from temperatures of10°-® K, where the line cooling by metals is
relatively dficient (e.g. Wiersma et al., 2009a). If gas shock heats to tagh
peratures while accreting onto galaxies, ignoring mete-tooling will make it
harder to cool down dficiently to make it onto our artificial equation of state (see
Section 2.6), where itis able to form stars. Metal-line awplvas turned fi in the
‘NOZCOOL models. A galaxy formed in these models can be seen in Fg22.
Turning df metal-line cooling reduced the extent of the gaseous diskisnmas-
sive system, as cooling the gas at high temperatures in theshass #icient.

Comparing the red dotted with the black solid curve (thersegfee model) in
panel (B) of Fig. 2.4 shows thdfect of metal-line cooling on the star formation
rates of galaxies. In general, metal-line cooling incredke SFR, because cooling
rates increase with increasing metallicities (e.g. Cox &Kau, 1969; Sutherland
& Dopita, 1993; Wiersma et al., 2009a). Thidfdrence increases with halo mass,
because the fraction of gas that is accreted hot and the mabtgmperature both
increase with mass. The cooling is more and mdfecéed by metals (the cooling
rates of heavier elements have a peak at higher temperatardsloes of higher
mass and higher virial temperature.

The mass fraction in ISM gas, as shown in panel (D) of Fig. Z54 ahows
that the fraction of ‘cold’ ISM gas is drastically lower foigh mass haloes without
feedback, than with feedback. For the higher halo masseshich the feedback is
inefficient (see Section. 2.9), there is &élience in gas consumption time scales, as
can be seen in panel (H): star formation is mdieint in the models with metal-
line cooling than in the models without. For low stellar nesssthe winds (and
thus the newly created metals) easily escape the galaxy,teatthe diference in
gas consumption time scale vanishes.
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Figure 2.4: Like Fig. 2.2, but now only for a set of simulasan which the metal
line cooling arfor the kinetic supernova feedback are turnéd the red dotted line
shows the fect of turning of only metal line cooling, compared to theckldine
which shows the reference model. Turningj metal-line cooling and supernova
feedback results in the relations shown by the blue dashed Trhe &ect of the
supernova feedback is thus illustrated by thi@edence between the blue dashed
and red dotted lines.

31




CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

=}
=
futet
<}
28
S
52
&
nz
<}
=i
S5
52
s

o

Universal fy,

NOHeHEAT

M,)]
I
o

o

fi

=

&

5}

\\

]

median Log,[M
© © o
o v o
median Log[SFR (MG/W)]
N o
\ S
2
3
median Log,[f
| |
~ o

8 ‘

S 1 R’é\oﬁﬁﬁg

w . ® | st s

8.0L . . . L - . . . . L L L L

10.5 11.0 11.5 12.0 10.5 11.0 11.5 12.0 10.5 11.0 11.5 12.0

median Log,[Ma (My)] median Logu[Mw (M)] median Log,[Ma (My)]

T T 08 T T ]
-0.5
Noreon (D) () Noreon ()

|
&
S
jul
i}
=
N
=3
&

]

REIONZ12 = —-1.0p 1 REIONZ12
— NOHeHEAT = —~—— NOHeHEAT
// E - —1.0f
, i -1.2p ] g
/ 5 —15f / 1

median Logo[feu]
S b
o =}
\
median Log,[f,
| |
RS
| \
median Logo[ fuu]
|
N
o

- [ ! REIDNZ 12 -251
3.0 NOHEHEAT —-——
.

. . . . . . . . . . .
105 11.0 115 120 105 11.0 115 120 105 11.0 115 120
median Logi[Mu (M_)] median Logu[Mu (M)] median Logi[Mu (M_)]

g5 [T S e
© G00DS — —8.4F T Reeon (H)
_g0} -8.6f
—8.8}

9.5
-9.01

9.2} /

9.4}

median Logo[sSFR (yr™)]

-10.0F ordSE T 1

medion Log.[SFR/ My, (yr™)
N
Logu[dN,/dLog,(M) dex™"(Mpc)~)
| |
<j

8.0 8.5 9.0 9.510.010.511.0 8.0 8.5 9.0 9.510.010.511.0 8 el 10 11
median LogMa, (M_)] median LoguMa (M_)] median LogMa, (M_)]

Figure 2.5: Like Fig. 2.2, but now only for a set of simulasan which the reion-
ization implementation is varied. In the reference modéhdk solid line) the
evolving uniform UV background is turned onat 9. The red dotted line shows
a simulation that has no UV background at all, whereas in lihe thashed and the
green dot-dashed lines the background is turned an=at6 andz = 12 respec-
tively. The magenta dot-dot-dot-dashed line shows a sitioulén which no extra
heat input due to helium reionization arouné 3.5 is implemented.
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2.5. REIONIZATION VARIATIONS

2.5 Reionization variations

Fig. 2.5

Reionization is implemented by turning on the model for thébackground from
galaxies and quasars of Haardt & Madau (2001). As shown irrSivia et al.
(2009a) the gas is quickly heatedTo~ 10* K following reionization. Note that
we assume the UV background to be uniform and the gas to beatiptthin. In
our reference model we set the redshift of reionization te 9. To investigate the
effects of reionization, we compare to a model without reidivza(' NOREION)
and to two in which we have varied the redshift at which we mrthe UV back-
ground: one at redshift 12REIONZ12) and one at redshift 6 REIONZ06). In
‘NOHeHEAT we do not inject 2 eV per atom at arouzd= 3.5, as we do in our
other models. This energy input is needed to match obsenadly inferred tem-
peratures in very low density IGM gas. As this is only impaottr gas that mainly
cools through adiabatic expansion, this extra input is mgtdrtant in galaxies, as
we will also show below.

The simple picture of the influence of reionization on thepamties of haloes,
is that gas residing in haloes with a virial temperature lothan Ty ~ 10* K
will be evaporated. The thermal energy of the gas is in theg ¢agher than the
gravitational potential energy of the haloes, so the basyame not bound to the
dark matter. In panel (E) of Fig. 2.5 we compare the gas frastdf haloes in the
simulations with the various reionization models. Indeéadpw mass haloes the
gas fraction is lower because of reionization. At high magke gas fraction is
slightly lower without reionization than with.

As shown in panel (B) of Fig. 2.5, thefect of reionization is indeed that in
low mass haloes the SFR is suppressed (compare the refeneaet to the model
without reionization). The amount of suppression decreagth increasing halo
mass. Whether reionization happened at redshift 12, 9réeée model) or 6, is
no longer important at redshift 2.

The extra heat input due to Helium reionization is negligiat gas densities
typical of haloes. The unimportance of Helium reionizatimids for all properties
of the haloes we will investigate in this work. We therefoencude that the
extra heat input to the IGM from helium reionization is oniggortant for the
temperature of the IGM and has nffiext on the properties of haloes formed in the
simulations.
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Figure 2.6: Like Fig. 2.2, but now only for a set of simulatdn which the equa-
tion of state (EoS) for high density gas is varied. In the neziee model (black
solid line) we use a polytropic EoS with a power law indexyof 4/3, because
this is numerically convenient. The red dotted line shovesrésults from a simu-
lation with a shallower (less $f) EoS, with a power law index of 1 (isothermal).
The blue dashed line is the result of a simulation with fiestiequation of state:
vy =5/3.
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2.6 The polytropic equation of state for high density
gas

Fig. 2.6

Our simulations lack both the resolution and the physics ¢olehthe multiphase
ISM. We therefore impose arffective equation of state (EoS) for all gas particles
with densities higher thany = 0.1 cnm3.

As the dfectiveness of feedback depends on hydrodynarfieces (mainly
drag forces), as we will show later, the equation of stateosed on the high den-
sity gas may be important. Although the star formation hiegof the isolated disk
galaxies of Schaye & Dalla Vecchia (2008) do not stronglyeaepon the imposed
EoS (provided that the star formation law works indeperigesftthe equation of
state), the structure of the disk (among which the thicknésss.

All imposed EoS are polytropic? « peff. For the reference casgs = 4/3,
both the Jeans mass and the ratio of the Jeans length andtie¢ ¢dethe SPH par-
ticles are independent of the density, making it a numdyicanvenient choice.
Two other EoS are implemented in other runs. The first one issathermal
equation of stateyegs = 1 (‘(EOS1p0, the other one is adiabaticyes = 5/3
(‘EOS1p67).

From the gas density distributions shown in Fig. 2.2.2 itleac that stiter
equations of state pressurize the gas more strongly, irggpilt a smoother distri-
bution of gas. In Paper | it was already shown that the pgbytraindex had little
influence on the total cosmic star formation rate densityalimel (B) of Fig. 2.6 we
show that the relation between halo mass and SFR ifagatiad by the polytropic
index. Although the structure of the galaxies may be sigaifily altered (see
Fig. 2.2.2), their integrated star formation propertiesiasensitive to the gtness
of the equation of state.

More generally, all physical properties of haloes (exceptlie gas consump-
tion and star formation time scales) are very insensitivahamnges in the polytropic
index in the range of 1 —/8. This also ensures that more complicated models for
the multi-phase ISM will most likely not make haloes behaitedently from what
is shown in this paper.

2.7 The star formation law

Fig. 2.7

Star formation is implemented using a pressure law. It idyces the observed star
formation rate surface density - gas surface density laagmnicutt-Schmidt law
(Kennicutt, 1998a)%. = A(Zg/1 Me pc?)", with n = 1.4 andA = 1.151x 1074
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which the only variation is in the implementation of stamf@tion. All simulations
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reproduces the KS-law as it is observed, with a slope in theepdaw relation

between gas surface density and star formation rate suttatsty of 1.4 and the
observed normalization. The red dotted line is the resudt simulation which has
the same power law slope in the KS law, but has a three timdseh@mplitude
(three times higher star formation rate for given gas dgnsithe model showed
with the blue dashed line has steeper dependence of staatiomrate on gas
density, and at all densities above the star formation tiwlds the normalization
of the KS-law is higher as well. Both these models theref@aeshmore #icient

star formation. The green dot-dashed line shows the restiltss simulation in
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which the star formation threshold is a function of the gasafhieity.
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Moyr~ kpc? (Kennicutt, 1998a), although these values remain contsisige.g.
Blanc et al., 2009). The threshold density for star fornraiad the normalization
of the star formation law are obtained from observationge fidrmalization should
be appropriately scaled to the IMF that is used, see Secb.Zr details about
our implementation of the star formation law, see Schaye &Dzcchia (2008).

Three diferent star formation models are run to compare with the staind
observed KS-law. One model uses a factor 3 higher normilizaivhich implies
that for a gas particle with the same pressure, the SFR ig@ fatigher (SFAM-
PLx3). In the other run, the power-law slope of the KS-law is g&sed from
n=14to 175 (‘SFSLOPE1p7% The normalisation of this model is chosen such
that the SFR surface density is the sameXgs = 1 Mo/kpc®. As this is below
the star formation threshold, this KS-law is moféaent than the reference one
at all densities. The third variation on the reference maslel model in which
the threshold density for star formation (and therefore &ds gas going onto the
equation of state) depends on the metallicity of the gasx Z~984, such that the
threshold density is equal to the reference simulationgigfmetallicity is 012,
(‘SFTHRESHZ. This model reproduces the metallicity dependence ottiieal
surface density for the formation of a cold, molecular pharselicted by Schaye
(2004).

As we show in panel (B) of Fig. 2.7 the slope, normalizatiod #meshold den-
sity of the Kennicutt-Schmidt law are unimportant for theRSéf a halo. Making
star formation at a given density either three times mdiecdve or making the
star formation rate a steeper function of the local gas tefasnd more &ective
at all densities) does noftact the star formation rate of a halo. Also, making the
threshold density for star formation a function of metélicoes not influence the
star formation rate of a halo. This indicates strongly thatglobal star formation
rates of haloes are set by the available fuel and feedbackamd not by the details
of how high density gas is treated and how star formation [gémented. In other
words: star formation is self-regulated by the available fuel aaddback

If haloes have the same star formation rate, while for a gilersity gas parti-
cles have a higher star formation rate, then the haloes rdagt #heir reservoir of
star forming gas to the higher star formatidfi@ency. In simulations with more
efficient star formation laws, we expect the fraction of gas thain the EoS to
be lower, in order to get the same total SFR and energy injedtom feedback
into the ISM. In panel (D) of Fig. 2.7 we show that this is inddéke case. While
the total gas fractions (not shown) are the same for all implgations of star for-
mation, the amount of gas that is on the EoS, and forming,s&lswer in more
efficient star formation models. The morfeztive star formation laws in these
simulations make the gas stay shorter in a star forming plaasean be seen from
panel (H), where we clearly show that the gas consumptioa sicales are indeed
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much shorter, such that the smaller amount of availablgataning gas (shown in
panel D) forms as many stars in the same halo and releasesiaraetpunt of SN
energy back into the ISM. As soon as the density fEdent the gas is transformed
into stars and their feedback prevents other gas from bexpstar forming (such
that the SFR is urfeected). The feedback accompanied with the méieient star
formation regulates the amount of gas condensing onto tkeal®l regulates star
formation.

Total baryon fractions and the amount of gas in the halo thabi star forming
(panels C and E) are much less sensitive to flieiency of star formation, as they
are largely set by the amount of baryonic accretion andiegefdedback.

2.8 The stellar initial mass function

The stellar initial mass function is under heavy debatet@rdiure. Here, we take
the approach of using a popular IMF (Chabrier, 2003) in mosuktions. The
IMF is important for several aspects of these simulationst Bf all, the diferent
ratios of low to high mass stars will result infidirences in the integrated colours
of stellar populations and infiierent chemical yields. Also, aftirent number of
SNe per unit stellar mass formed asks for consideration dleage of feedback.
In the following two section we will discuss two additionainsilations that use
different IMFs: Section 2.8.1 shows the simulation results utieeassumption of
a Salpeter IMF, while Section 2.8.2 discusses a set of stinalaith more extreme
IMFs in extreme star formation environments.

2.8.1 Salpeter IMF

Fig. 2.8
We also ran a simulation with the Salpeter (1955) IMF, rathan the Chabrier
(2003) IMF used in the reference modelMFSALP). Due to the absence of
a turnover at the low mass end, the fraction of low-mass $tamsgher for the
Salpeter IMF. Therefore, for every solar mass of stars fdirieere is less energy
available from high mass stars, as also described in S&ck. 2\Ve did rescale the
normalization of the star formation law accordingly, butwged the same wind pa-
rameters as in the reference model (b 40% =~ 66% of the total supernova
energy). From Fig. 2.2.2 it can be seen that both IMFs reaulfalaxy proper-
ties that look very similar. Also, in later Sections we wiicsv that the properties
of galaxies are not drastically féierent, although comparisons with observations
require rescaling to a consistent IMF to explaiffeliences between models.

In the simulation with the Salpeter IMFIMFSALP) the fraction of mass in
the ISM is lower and the gas consumption time (panels D and Hignf2.8) is
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Figure 2.8: Like Fig. 2.2, but now only for two simulationstiva diferent IMF:
the reference model (black solid line) uses a Chabrier (R0dE, whereas the
other simulation (red dotted line) is run assuming a Saff&®&55) IMF. The main
difference between the two is the number of high mass stars fqueradit stellar
mass formed, but the high mass slopes are almost identical.
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slightly shorter than in the reference model. This is dudéddwer amount of gas
turned back into the ISM, due to the lower fraction of massitags per unit stellar
mass. The regulation of star formation by SN feedback andeittethat the total
energy in the winds are the same for both simulations reswtless massive star
forming gas reservoir in the ISM of the galaxies, and venyilsinstellar content of
the haloes (panels A and F).

In panel (H) of Figs. 2.6, 2.7 and 2.8, where the simulatioiik different E0S
indices, KS-laws and stellar IMFs are shown we see the eglitation of the star
formation illustrated once more. The polytropic EoS indeximimportant for the
gas consumption time scale. Making the Kennicutt-Schnadt more éective,
though, results in much shorter gas consumption time scélés is reasonable, as
the same gas densipressure results in a higher star formation rate in bothethes
models, and is explained already in Sect. 2.7. Below, whedisgeiss dierent SN
feedback implementations we will see that the SN feedbaciuisal in setting the
star formation properties of haloes. The cooling of gas aedd¢edback of energy
into the ISM work together such as to put back the same amdBitl@nergy into
the ISM (for a given feedback model), regardless of the Betdithe high density
gas or the star formation law.

2.8.2 Simulations with a top-heavy IMF at high pressures

Fig. 2.9

In order to keep SN feedbackfective in high mass galaxies, higher wind ve-
locities are needed (as will be shown below). In another $ediraulations
(‘DBLIMF") stars are assumed to form with a top-heavy IMF (an IMF witkvpr
law dN/dM o« M~1) if the gas pressure exceeldgk = 2.0x 10° cm2 K (evaluated
at the resolution limit of the simulations). Observatidyahere is some evidence
that star formation in gas with high pressure (such as ststband in the centre of
the Galaxy) occurs with an IMF that is flatter than Chabrieg.(&cCrady et al.,
2003; Stolte et al., 2005; Maness et al., 2007).

The total energy from Supernovae Type Il per unit stellarsfiasned is higher
for a top-heavy IMF (a factor of 7, comparing the aforemenmgib top-heavy IMF
with the default Chabrier IMF). This extra energy can be useihcrease either
the wind mass loading or the wind velocity. We tried both ops. To facilitate
comparisons with the reference run, in one run the velocuyg Wept fixed at 600
km s71, but the mass loading was sette: 14 (‘ML14). In the other one, the mass
loading was kept fixed at = 2 and the wind velocity was increasedwp= 1618
kms?('V1618).

When changing the IMF suddenly at some pressure, it is noeidiately clear
what to do with the star formation law. The Kennicutt-Schima is inferred
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Figure 2.9: Like Fig. 2.2, but now only for a set of simulagdan which a top-heavy
IMF is used for star formation at high pressure. The refezanodel (without top-
heavy IMF) is shown by the black solid line. The extra avdé=®N energy per unit
stelar mass formed can be put in mass loading or velocityefiimds, which is
the diference between the red dotted line (mass loading 7 timesihiggan in the
reference model, at the same wind velocity) and the blueathiéie (mass loading
as in the reference model, but a wind velocity of 1618 krt).sWith a jump in
the IMF at some pressure, one can either let the star formedie be a continuous
function of the density, or let the rate of formation of maesstars (which is what
is observed) be continuous with density. This is th&edence between the blue
dashed (continuous formation of massive stars) line andtben dot-dashed line
(continuous star formation rate, so a jump in the formatete of massive stars at
some pressure).
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from observations probing massive stars. Therefore, taé$¢R depends on how
many low-mass stars are formed together with these magang 8Vhen changing
the IMF, the star formation law can be changed in two ways:

1. From observations there is no indication of a discontynim the formation
rate of massive stars with pressure. Although this is mksbfithe result of
the IMF being a continuous function of SFR or pressure (ifehig a relation
at all), we nevertheless implemented a model that changeadimaliza-
tion of the KS-law such that the formation of massive starsoistinuous,
resulting in a discontinuous SFR as a function of pressime KiS-law nor-
malization drops at the pressure above which the IMF is &g). These
models are indicated bypBLIMF'.

2. If the (total) SFR as a function of pressure is continuadlis,formation of
massive stars must be discontinuous, given that we assumeetMi- to
change suddenly above some critical pressure. Models witbhndnuous
SFR include DBLIMFCONTSFin their ‘name’.

In Sect. 2.7 we showed that the normalization of the KS-laasdwt influence the
mass function or SFR distributions of galaxies. We theefxpect dierences
with respect to the reference model to be due to the extraggrieput from SN
feedback anfr the increased rate of production of metals that resuis fa top-
heavy IMF.

When comparing simulations to observations, we do not cofoe the stellar
mass of simulations with a double IMF. On average, onl{0% of the star parti-
cles in the simulation box formed with a top-heavy IMF (thepdnds slightly on
resolution and hardly on whether the rate of formation of sivesstars, or rather
of all stars together is a continuous function of density).Schaye et al. (2010)
it was shown that at late times, this correction should beanhdt atz = 2 the
integrated SFR of the universe is noffdrent whether or not the SFRs of particles
at pressures higher than the threshold pressure for thiectayy IMF are corrected
for another assumed IMF (the SFR inferred under a Chabri€iduld be higher
than the actual SFR).

The extra energy due to the higher fraction of high mass,starly has an
effect when these particles are launched #icantly high velocities. Therefore,
the simulation that uses the extra energy to increase the lmading do not show
any change with respect to the reference model for masslegigs, as the winds
do not escape the galaxies. If the extra energy is used tedserthe wind velocity,
then the feedback does become moaifective. The extra energy input is more
important in high mass haloes, as the fraction of stars fdratea density above
the double IMF threshold increases with halo mass (in teifl% of the stars in
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the simulation are formed with a top heavy IMF, at this reBoh). Whether we
choose to have a total SFR that is continuous with pressueecontinuous rate
of formation of massive stars (and therefore a jump in toER @s a function of
pressure) is not important.

The baryon fraction in theDBLIMFML14 is indistinguishable from the refer-
ence model (note that the stellar mass fractions are slitgvler in the simulation
with a double IMF and the excess energy put in mass loadimgjcating that
the gas with the extra energy from the excess of high mass dtes perturb the
galaxy more and keep the ISM at low pressure, but the baryomotlescape the
halo. They do escape the halo in the double IMF simulationis thie extra energy
put in wind velocity, as shown in panel (C) of Fig. 2.9. Fronme&(B) of Fig. 2.9
it is clear that putting the extra available energy from sopeae in top-heavy IMF
stellar populations in mass loading did not change the SFRgzlaxy. In panel
(H) it can be seen that the gas consumption time scale, eless, has increased
by the same amount as it did for the double IMF simulations gloathe energy in
wind velocity. So although, as a function of stellar massstiae formation rates of
the reference model an®@BLIMFML14 are similar, the gas consumption times
are shorter in the reference model. We note that, as showaniel fF), the stellar
mass fraction of this simulation is lower than that of theerehce model, and we
can see in panel (D) that in this simulation the star formiag mass fraction as
a function of halo mass ikigher than in the reference model. We can conclude
that this form of feedback, which has7 times more energy, results inlarger
reservoir of star forming gas, which is used up more slowdyitas kept kept at
lower pressure. The high mass loading in the simulatioff§up’ the galaxy, such
that although there is a large reservoir of gas to form stara fthe SFR still is the
same as it would be without a fraction of the stars formed witbp heavy IMF.

A tiny difference in the stellar mass fraction in the simulation witbpatieavy
IMF for high pressure star formation that puts the excessggnaf SNe in mass
loading: the extra available energy results in a minor desgén stellar mass frac-
tion by z = 2, whereas the flierence in (s)SFR is hardly visible. Only a small
fraction of the star particles forms with a top-heavy IMF those star particles
loose mass quickly. Besides, the stellar mass content igmtegral of the SFR
over time, so tiny dierences in the SFR add up to a noticeabfedence in stellar
mass.

2.9 Supernova feedback

In order to run simulations without any feedback form supeag (SNe) all the
way to the final redshift, we turnedtanetal-line cooling. The very high metallic-
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ities and, consequently, very high densities reached wathierwise result in very
high cooling rates and very short time steps. Thereforerderato compare simu-
lations with and without SN feedback, we compare the sirmafawvithout metal-

line cooling and SN feedbackNOSNNOZCOOL) with the simulation without

metal-line cooling NOZCOOL) in Fig. 2.4.

Star formation in haloes will in general be regulated by tm@ant of available
fuel, and therefore the inflow rate of cold gas and by the faekilihat accom-
panies the formation of massive stars, which may preventmpress further star
formation by removing or heating the available gas. In pgBglof Fig. 2.4 we
compare the SFR as a function of halo mass for simulationsowitSN feedback
(and without metal-line cooling) with the reference modéijch does include both
SN feedback and metal-line cooling. SN feedback accoumtthéoditerence be-
tween the NOSNNOZCOOL and ‘NOZCOOL simulations, shown by the blue
dashed and red dotted curves, respectively. The SFR inrthdagion without SN
feedback is much higher at a given halo mass. Tiiemince declines with in-
creasing halo mass, as th@eet of SN feedback becomes less important for more
massive systems (e.g. White & Frenk, 1991).

In Fig. 2.9.1 we compare the stellar mass fractions of thedivalations of
Fig. 2.3 with the same cosmology, but a factor twfietence in wind energy (the
energy dfference is put in mass loading), but now in a 100 Mploox (using
2x512 particles as well) at redshift zero. It can be clearly sean 4hsome mass
the winds become very ifiective and the stellar mass fractions of the halo rise
steeply (10112M,, at redshift 2 and 10%°M,, at redshift zero and at 8 times lower
resolution). Below this mass, in the regime @ketive winds, the dference in stel-
lar mass fraction is exactly the factor twdierence in feedback energy. Although
it is mainly velocity that sets theffiectiveness of the winds, at a given velocity the
stellar mass fraction is still a factor two lower for a sintida with a mass loading
of the wind that is a factor 2 lower. This shows how well selfulation of the star
formation by supernova feedback works.

2.9.1 Winds with constant energy per unit stellar mass forme

Fig. 2.10

In the set of models shown in Fig. 2.10 we vary the parametetiseowinds re-
sulting from massive stars and core collapse supernovaee Bfecifically, we
compare 4 simulations which all use the same feedback epergynit stellar mass
formed. The winds are implemented kinetically and are $jgecby the mass load-
ing (the amount of mass put in the wind per unit of mass transfd into starsy
(denoted by ML’ in the simulation names) and the velocity with which thisssa
is kicked, v,. For more detailed information about the wind implementatisee
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Figure 2.10: Like Fig. 2.2, but now only for a set of simulatdn which the wind
velocity and mass loading are varied. The reference siiulgblack solid line)
has a mass loading gf= 2 and a wind velocity of 600 km™$. The simulations
shown by the red dotted, blue dashed and green dot-dastesdslow variations
on this at the same energy, but with the mass loading charimyirey factor of 2
(and, therefore, the velocity by a factaf2), giving a mass loading of 1 (a velocity
of 848 km s, red dotted line), 4 (a velocity of 424 km’s blue dashed line) and 8
(velocity of 300 km s, green dot-dashed line). The magenta dot-dot-dot-dashed
line represents a simulation which has a mass loading amditeldependent on
the local density, such that the energy in the wind is stélshhme and the velocity
is proportional to the local sound speed.

45




CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

Dalla Vecchia & Schaye (2008). The reference simulationmss a mass loading
of 2, and a wind velocity of 600 km$, which corresponds to 40 per cent of the
energy available from core collapse SNe. The wind kinetergy scales linearly
with mass and quadratically with velocity, a change of faotm the mass loading
requires a facton=/2 change in the wind velocity. The mass loadings in the four
simulations are 1, 2 (reference), 4 and 8, with correspandatocities of 848, 600,
424 and 300 kn's, respectively. An example of the notation used throughizait
paper would beWML1V848for n = 1 andv,, = 848 km s

We expect that winds with a constant velocity will not fgaéent in every halo.
Aside from gravity, which sets a gravitational escape \igjpambient gas has to be
swept up and dragged along. This will slow down the wind dubéaconservation
of momentum and due to ram pressure forces. This gas draggses with the
pressure of the ISM and thus with the mass of the galaxy. ABowge halo mass,
the winds will be slowed down too much and will not escape tidaxy any longer.
Dalla Vecchia & Schaye (2008) showed explicitly that slogvitiown the winds
and making them irfeicient above some mass is caused by gas drag rather than
gravity (we will show this again below, in Sect. 2.9.2). Besa of the dependence
of the mass at which the winds becomefigetive (as shown below) we have also
performed simulations in which the wind velocity scaleshitcal properties. One
such simulation, with constant energy in the winds, is cal@DENS In this
simulation the distribution of the energy over mass andaisias determined by
the local gas density (i.e. the density of the gas from whietstar particle formed)
as follows: vy o p1/8, 5 o« p=/3, which impliesvy « cs for the dfective equation
of stateP « p*? that we impose onto the ISM (see Section 2.6), whgris the
sound speed. The normalization is such that the wind vgl@eitt mass loading
are the same as in the reference model if the gas densityseiipgastar formation
threshold, i.eny = 0.1 cnT3. From Fig. 2.2.2 it is clear that this variation in wind
velocities does not result in veryftkrent appearances for the galaxies, whereas
the star formation propertiesftir strongly.

In Fig. 2.10, the simulations with constant wind energiag, different mass
loading factors and wind velocities are compared. At lovolmass, the models are
very comparable. At some halo mass the SFR (panel B) suddeskyup strongly,
and the mass at which this happens increases with wind w#eld@omparing the
different models in Fig. 2.10 to th&dOSNNOZCOOL in Fig. 2.4 shows that
the relation between SFR and halo mass is, at high stellasgeasimilar to the
simulation without any feedback (and without metal linelgay), suggesting that
the feedback indeed is completely fiextive. High wind velocities are slightly
less dficient at low halo mass, because of the lower mass loadingiwitds. For
the low mass systems, the wind velocity is not importanthasainds escape the
halo anyway.
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For the WDENS model, the energy injected in the wind per unit stellar mass
is also the same as in the reference model, but the initiad wahocity scales with
the local sound speed. The relation between halo mass anis&vBn shallower
than it is for the run withs, = 848 km s1, indicating that the feedback igfieient
for all haloes. At high masses, this is the ma$eetive wind model with constant
energy.

We have seen that for haloes that havefeaive feedback (due to too low
velocities), the star formation rate is very high, and tHatien between star for-
mation rate and mass has a shallower slope than for simusatiith efective SN
feedback. One important result that can be seen from the aisop of the ref-
erence model with the model without metal-line cooling (F2g}) is that turning
off metal-line cooling reduces the star formation mostly inttlghest mass haloes.
Although this model has the feedback as in the reference intbéestar formation
rate apparently is lower. In paper | it was already argued rietals reduce the
efficiency of the winds. The low wind velocities will result in meocentrally con-
centrated metal distributions, reducing tH&agency of the winds more strongly
in high mass, than in low mass haloes. Comparing the sirounkatin Fig. 2.10
with the simulation without metal-line cooling in Fig. 2.4@vs that the transition
from effective winds to inffective winds is much more gradual in the absence of
metal-line cooling.

As is clear from panel () of Fig. 2.10, bringing down the ®ayf the low mass
end of the stellar mass function can be attained by incrga$ie mass loading
factor in constant energy winds. The highest mass loadilgses a low mass
end slope that is steeper than power law fits to the low masméhd observations,
although the discrepancy only occurs on masses lower tluse thbserved.

In panel (F) of Fig. 2.10 we show the stellar mass fractiorth®@simulations of
different wind models with the same energy and it can be seentttie 2ery low
mass end, the simulations with a low velocity (and therefogh mass loadings)
the stellar mass fractions are lower than for simulatiorth wiower mass loading.
This also reflects in a shallower low mass end slope of thiastelss function, as
illustrated in panel (1). Fig. 2.9.1 shows the stellar maastfons of two simulations
which differ by a factor of 2 in feedback energy (as described in Se2ti®n The
difference in energy is used to increase the mass loading at fkecity, such that
the indficiency of the winds kicks in at the same halo mass. At the low hass
end, the dierence in stellar mass fractions of the two simulations escéof of 2.
This illustrates how the energy in the feedback directlg gt fraction of the mass
that transforms into stars.

The baryon fractions and the fraction of the mass in warmglastin the halo
(panels C and E) show that at low halo masses, the amount ¢bigasjuivalently,
baryons) in the halo is higher for lower wind velocities. $aevinds, even if they
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Figure 2.11: The stellar mass fraction as a function of haéssrin 10tch~*Mpc
boxes with 512 particles at redshift 0. We compare here two models with each
other that difer in supernova feedback energy by a factor of two (two tinmigisdr
mass loading in the wind, same wind velocity) at redshift O.

do escape the ISM and near vicinity of the galaxy, can notgestizeir parent halo.

A comparison of (G) and (H) is once again an illustration @& tegulation of
star formation by SNe. The gas consumption time scales ¢imeime where the
winds are all éicient) are very similar. Per unit stellar mass formed, theesa
amount of SN energy is fed back into the ISM and usédiently to suppress star
formation. The sSFR, as displayed in panel (G) afiedént, because the build-up
of stellar mass has beenfdirent. The gas consumption time scale is likely the best
indicator for at which mass the winds becomefiiogent.

2.9.2 Hydrodynamically decoupled winds

Fig. 2.12

Most simulations using the codeaGser-2 employ the Springel & Hernquist
(2003a) implementation of kinetic SN feedback. In this mdde wind particles,
once launched, are temporarily decoupled from the hydraaiycs. The coupling

is turned on again after a fixed amount of time (50 Myr), or whendensity of
the wind patrticle falls below some value (10% of the star fation density thresh-
old, i.e. whenny < 1072 cm3), whichever occurs first. During decoupling a
gas particle experiences gravity, but no hydrodynamic.dbsgoupling the winds

is expected to result in afiierent SFR for high mass galaxies, as feedback will
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Figure 2.12: Like Fig. 2.2, but comparing only the referesioeulation (black solid
line) and the simulation in which the wind particles are tenapily decoupled from
the hydrodynamics (red dotted line).
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remain dficient in the halo mass range where our reference model beciomak
ficient due to gas drag in the ISM (see Dalla Vecchia & Scha9882 In prac-
tice, decoupling the wind particles means that the windiglag fly out of the
galaxy before they couple again, and therefore do not dragtier ISM particles.
The winds leave the galaxies at much higher velocities thatihé OWLSrefer-
ence model (and all other wind models as well), mimickingudations that use a
much higher wind energy and velocity. For a detailed studyhefefect of decou-
pling for the case of isolated disk galaxy simulations, saéeDVecchia & Schaye
(2008). For comparison, we have also run a model with then§eli& Hernquist
(2003a) decoupling, denotedHYDRODEC Note that isolated galaxies formed
with decoupled winds look less realistic, particularly@t/imasses (Dalla Vecchia
& Schaye, 2008). From Fig. 2.2.2 we can see that the gas gengiide the disc
is much higher in this model.

Decoupling the wind hydrodynamically givefective feedback for all haloes,
as the mass of the gas that has to be dragged along is zerbpadiales launched
in the wind escape the galaxy. Therefore, the SFR for thisilgition is lower at
(relatively) high masses than the reference model. Foraivedt mass, where the
reference model also has verffeztive feedback, as discussed in Sect. 2.9.1, the
difference decreases, as shown in Fig. 2.12. From this laffprafice between
the ' WHYDRODECand the REF models we can conclude that it is not gravity
(which acts on the winds in both simulations), but the hyginasmic forces which
makes the winds less prone to escape in high mass haloessadready shown
by Dalla Vecchia & Schaye (2008).

Because of the lag of hydrodynamic coupling in the first femstef Myrs, the
gas flows out to large distances. When it couples to the hydiaodics again, it
still has a larger velocity than it would have had at the saroatlon, if the coupling
was never broken. Therefore, also at larger distancestitlisasier for the gas to
flow out. This results in the lower baryon fractions, and ti@ts of mass in gas
in the halo in the model with hydrodynamic decoupling, aisv in panels (C)
and (E) of Fig. 2.12. The fact that the gas does not drag alangunding gas
while it is in the ISM of the galaxy it is launched from resuhisa larger fraction of
the mass in the ISM in the lowest mass haloes (with decouptimge mass would
have been dragged outwards), as shown in panel (D). Thigessits in a slightly
higher stellar mass fraction at low mass, as shown in panel (F

2.9.3 Thermal SN feedback

Fig. 2.13
Instead of launching the wind by injecting kinetic energg also use an imple-
mentation of thermal feedback, in which we inject thermagrgg into the gas
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Figure 2.13: Like Fig. 2.2, but comparing only the referesgaulation (black
solid line) and the simulation in which the supernova feettbia implemented
thermally, instead of kinetically (red dotted line).
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surrounding the star particle that has exploding SN. If tredlable energy is dis-
tributed amongst all SPH neighbours, the rise in tempegatarresponding to the
energy input is so low that radiative cooling will be verffigent. In that case,
particles will immediately radiate away this energy anddfeseck will have little
effect, unless the cooling is temporarily turnefdl @ori et al., 1997; Thacker &
Couchman, 2000; Kay et al., 2002; Sommer-Larsen et al.,;ZB@®k et al., 2004;
Stinson et al., 2006). Therefore, we choose to inject thertakenergy into neigh-
bouring gas particles, ensuring that the temperature opdinticle rises to within
the radiatively inficient regime, using a temperature riseAdt* = 10"° K. The
expectation value for the number of particles to heat is thfar 40% of the avail-
able SN energy. For details on the thermal feedback impléatien we refer to
Dalla Vecchia & Schaye (in prep.).

Although injecting 100% of the available SN energy can bdifjed in the
case of thermal feedback (the 40% chosen in the other impliextiens described
above allowed for radiative losses), we choose to use 40%der do facilitate
comparison with the other models.

The thermal implementation of SN feedback is shown in Fi§32 Although
the same energy is used per unit stellar mass formed, theahénplementation
is less dective than the kinetic implementation. Note that it isl stilch more
effective than thermal implementations used in literaturg. (Kay et al., 2003)
and that we still use only 40% of the available SN energy, whgr100% could
be justified in these models as well. At low masses, the SFRkigher than the
reference model, and get close to the wind models with lowoités (4, = 424
km s1). For higher masses, the relation between halo mass and @fRthe
tracks of ingfective feedback for the simulations discussed in the pusvézction.

The thermal implementation also is mon@egtive at low masses than at high
masses, as illustrated by the gas consumption time scalel(BH, the stellar mass
fraction (panel F) and the fraction of the mass in the ISM bdp). Whenever
thermal energy is transferred to gas particles, thesecfgstiespond by adiabatic
expansion due to their suddenly higher temperature. WRparmrding, they push
away other gas patrticles, and as such a large scale outflovstiiayise. Depend-
ing on the mass of a galaxy, the cooling time (due tdedént metallicities and
different pressures) and the surrounding ambient pressureh(wiakes it harder
to expand) influence thetectiveness of this form of feedback.

2.9.4 ‘Momentum-driven’ wind models

Fig. 2.14
Galactic winds could be driven by radiation pressure on deains in the wind,
which drag along the gas (Murray et al., 2005). Here the wgiyorce of the wind
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Figure 2.14: Like Fig. 2.2, but comparing a set of simulaiovith momentum
driven winds to the reference simulation (black solid line)WVCIRC' (red dot-
ted line), the wind velocity depends on the circular velpoit the halo the wind is
launched from, while IfWPOTNOKICK’and'WPOT' it is the local gravitational
potential that sets the wind velocity (without and with akkishown by the blue
dashed and green dot-dashed lines respectively). Theyeimetigese winds is not
constant and generally exceeds the energy in the referenoéaton.
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is the radiation pressure which injects momentum into thiélaw and therefore
such models live under the common name of ‘momentum drivensti As it is
the stellar continuum radiation driving the dust grains, dfficiency of such winds
increases with galaxy luminosity and, therefore, mass.

We implemented some such models, which are similar to theentum driven
wind models used by Oppenheimer & Davé (2006, 2008). Heesehergy of the
wind is not constant, but depends on either the local patefitVPOTNOKICK)
or the circular velocityy. = VGMyir/Ryir of the halo the wind is launched from
(‘WVCIRC). Note that the energy put in the wind per unit stellar massnied
scales with the mas£(« MY/3) and exceeds the available energy from SNe for
the most massive galaxiedl(> 10'*° M, the exact mass of equality is redshift
dependent, due to the redshift dependence of the virialisadiWe show in Ap-
pendix 2.11 that, compared to the momentum available frafiatian pressure,
the momentum in the winds in these simulations is overestichay an order of
magnitude or more.

In ‘WVCIRC the wind velocity and mass loading are given By = (3 +

n)ve/ V2 andn = % x (Ve/Verit) "1, wheren andvgiy are parameters, set to 2 and

150 km s, respectively. From the image in Fig. 2.2.2 it can be seehttie
‘WVCIRC wind model completely disrupts the disc of the galaxy.

In the WPOTNOKICKmodel, the wind velocity is given by, = 30, whereo
is the velocity dispersion, calculated from the gravitagibpotential:.oc- = v-®/2.
In *WPOT we added an extra kick in the velocity o620, as did Oppenheimer &
Davé (2006). These models both have velocities that deperible local gravita-
tional potential. This potential is, however, more clos&hated to the large-scale
structure you are in, than to the mass of the halo. Note thall imodels we do
couple the wind particles to the hydrodynamics, wheredgeatudies did not.

The dfects of the dierent momentum driven wind models are shown in
Fig. 2.14. Scaling the energy with the potential of the staming particle or
with the mass of the halo the wind is launched from resultslatively shallow
relations between SFR and halo mass. The relatiol¥*fOTNOKICK s noisier
than the other momentum driven wind models, because thedotential tells you
more about the large scale structure the halo is in than dbewictual mass of the
halo, and therefore the energies at given halo mass scatter. 1@iving the wind
an extra kick in velocity on top of the kick it would be given‘WPOTNOKICK,
as done inWPQT, results in even stronger feedback and correspondingleto
SFRs.

For most simulations, there is a very tight correlation ket the gas con-
sumption time scale and stellar mass, with not much scagtwveen the simula-
tions, especially at the low stellar mass end. As long asgbeétfack is #icient, the
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gas consumption time scale is a decreasing function ofstelass, independent
of wind velocity and mass loading. The energy in the windserstkne dierence
as can be seen in panel (H) of Fig. 2.14, where the momentwandwind models
are plotted.

In panel (C) of Fig. 2.14 one can reaff the dfectiveness of the momentum
driven wind models in terms of the baryon fractions of theokal These mod-
els are successfully used by Oppenheimer & Davé (2006)eBa@ppenheimer
(2007); Finlator et al. (2007); Oppenheimer & Davé (20@8jitthe z = 6 lumi-
nosity function, the evolution of @ and to explain the galaxy mass-metallicity
relation andz = 0 IGM abundances. Here we show that the haloes have roughly
constant baryon fractions with halo mass and fairly high jgarad to most other
models, except in the most massive haloes, where the othéelsovershoot the
momentum driven wind models. Tests on the enrichment of@d in our simu-
lations are studied in more detail in future studies.

In panel (F) of Fig. 2.4 we show the stellar mass fraction asnatfon of to-
tal halo mass for the simulations described in Sect. 2.9. eMfiicient feedback
(so, high wind velocities in high mass haloes, like in the raatam-driven wind
models, the hydrodynamically decoupled winds and the sitiarls with a double
IMF where the excess energy is put in wind velocity) result#dtter stellar mass
fractions as a function of mass. For haloes for which the wigldcity is too low
for the winds to escape, the stellar mass fraction shoot®uly. for the very most
massive haloes, for which some of the SN feedback modelgin2Fi0 (the con-
stant wind velocity models) are very ifficient, some simulations have a stellar
mass fraction approaching the stellar mass fraction of ithelation without SN
feedback and without cooling. If the wind velocity isfBaiently high to make the
feedback #icient, the mass loading will set the amount of fuel for stamfation
that is removed from the system. In the momentum driven windefs as dis-
cussed here, the mass loading becomes higher for lower raksdes, thats why
the slope of the stellar mass function (panel 1) is gettingjletver towards lower
masses.

2.10 AGN feedback

Fig. 2.15

Many varieties of AGN feedback have been implemented, se#tB& Schaye
(2009), of which we will show only one. Haloes are identifi¢cmall time inter-
vals during simulation runtime, with FoF, as describediearlf a halo has a mass

of at least 4x 10'° M, and no black hole yet, a seed black hole is placed at the
position of the most bound baryonic particle. The mass ofstexd black hole is
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Figure 2.15: Like Fig. 2.2, but only comparing the referenoedel (black solid
line) to a simulation that includes AGN feedback (red dotiee).
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15.6 times smaller than the mass of a baryonic particle {9* M,). The black
hole is then grown by accretion, limited by the Eddingtonitjrar mergers. This
growth is self-regulated, in the sense that the black hotew gery fast (at the
Eddington rate) onto the black hole mass - stellar masgaoeland then continues
to grow along the observed relations. AGN feedback on theosoding gas is
implemented thermally, i.e. the black hole stores its dedrenergy until the feed-
back will heat one neighbour (stochastically) by 0 The radiative &iciency is
assumed to be 10% and 15% of the feedback energy is assumedpie ¢o the
ISM, i.e. the feedback enerd¥sceq = 0.015MacrC2.

As described by Booth & Schaye (2009), this model reprodtive®bserved
black hole scaling relations, the black hole fundameng@h@land the global black
hole density of the Universe. Fig. 2.2.2 shows that AGN feetths the only model
as destructive as the momentum driven winds in terms of remgayas from the
haloes. This is also visible in panels (C - E) of Fig. 2.15, mehieis obvious that
the ISM and halo gas content (and thus the baryonic contdnithws dominated
by gas in the halo) of galaxies is strongly reduced above dmitemass.

AGN feedback has been argued to suppress star formatioghmmmass haloes
(e.g. Di Matteo et al., 2005; Croton et al., 2006; Bower et 2008; Booth &
Schaye, 2009; McCarthy & Others, 2009). In order to overcawding catas-
trophes in high mass haloes, a continuous source of heatimgciessary, shutting
off almost all star formation (e.g. Edge & Stewart, 1991; Maitcoby 1998; Kha-
latyan et al., 2008). In panel (B) of Fig. 2.15 we show the I&#dR as a function
of mass for the AGN feedback model. Indeed, tifie@ of AGN is strongest at
high masses, but is already noticeable for masses as low"a%%10l,. When
seed black holes are inserted into haloes, the AGN quiclkdwgmto the scaling
relations, as shown by Booth & Schaye (2009) and #iectve in heating up the
gas in the central regions of the galaxy and decreasing tlie B&nels (B) and
(F) of Fig. 2.15 shows that the inclusion of AGN feedback ediéowers the star
formation rate of haloes and, as a result, the stellar mastdns.

From the panels (D), (E) and (F) it can be seen that AGN are efigient at
removing gas from the ISM and slightly les$ieient in removing gas from haloes.
AGN lower the stellar mass fraction by a slightly smaller amithan it lowers the
fraction of the mass in the ISM by redshift 2, as stellar méss lauilds up in lower
mass systems in which AGN feedback is lefgent. The stellar mass function,
as shown in panel (I) slightly undershoots the observethstelass function. The
SN feedback in this simulation was tuned to reproduce tla $tdr formation rate
density of the Universe fairly well. Including the extra AGdBkedback will then
under-reproduce the stellar mass content of the Universe.
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2.11 Conclusions

We have analysed a large set of high-resolution cosmolbgjicaulations from the
OWLSproject (Schaye et al., 2010). We focused on the baryonipesties of
(friends-of-friends) haloes at redshift 2, while varyingr@meters in the sub-grid
models for radiative cooling, reionization, the pressufr¢he unresolved multi-
phase ISM, star formation, stellar feedback and AGN feekibas well as the
cosmology, box size and mass resolution.

A central conclusion from this work is that the star formatiate is self-
regulated by galactic winds driven by massive stars. Thefstenation rate ad-
justs so that the (time averaged) rate at which energy andemtum are injected
is suficient to balance the gas accretion rate. This self-regudtappens through
the ejection of gas from the galaxy in large-scale outflowsr & fixed redshift
and halo mass, the accretion rate is determined by cosmalugjgzooling. As the
cooling rate is very sensitive to metallicity, chemicaldback is also important.

For low-mass haloes < 101 My, M, < 10° M,) the reheating associated
with reionisation is important, although lzy= 2 the results are insensitive to the
redshift at which reionisation happened, at least as lotitghappened no later than
Z = 6, as required by observations. Without reionisation, géhledoes would host
higher-mass galaxies with higher gas fractions.

For halo masse® > 10"'M, AGN feedback becomes significant and for
M > 10%2My (M, = 10'9M,) it strongly reduces the star formation rates and
gas fractions. We note, however, that the mass for which A&diback becomes
important can be changed by modifying the parameters ofltdak hole accretion
model (Booth & Schaye, 2009). As was shown by Booth & Schap@4®, AGN
feedback self-regulates the growth of supermassive blalgslthrough the ejection
of gas from galaxies. As a result, the black hole growth rafasis so that the
(time-averaged) rate at which energy and momentum are@udmalances the rate
at which gas accretes onto the galaxy. As the black hole agggithe gas fraction,
it also regulates the star formation rate.

Conclusions that support this picture of self-regulated ftrmation and other
conclusions from this work can be summarised as follows:

e The gas fractions of galaxies are sensitive to the assuraetbstnation law.
If star formation is moref&cient, the gas fraction is lower. This is a result of
self-regulation: the gas fraction increases until the fation rate of massive
stars is sfficient to drive galactic winds that can balance the rate athwhi
gas accretes onto the galaxies. As a consequence, the rstetifin rates
and stellar masses are insensitive to the assumed startifonraw.

¢ In order for kinetic feedback to befeient in suppressing star formation, the
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initial wind velocity must exceed a minimum, halo mass dejgen, velocity.
As was also shown by Dalla Vecchia & Schaye (2008), if the wdpded
is too low, the outflow is quenched by hydrodynamic drag inl®e. As
the pressure of the ISM increases with the mass of the gasaxgipes the
required wind velocity. If the velocity is skiciently high, then the mass
loading factor sets the amount of mass removed from thersyatel hence
the dficiency of the feedback.

e If winds do not escape the galaxies, the pile-up of newly teckanetals
results in catastrophic cooling. The gas fiagently converted into stars
and gets exhausted. This results in a change in the relagtwebn star
formation rate and the mass of a galaxy. The SFR as a funcfiomass
quickly becomes flatter because of the exhaustion of gas.

e The stellar mass, star formation rates, and gas fractiogmlakies are in-
sensitive to the dfiness of the equation of state that we impose on the unre-
solved, multiphase ISM.

¢ In a cosmology with a highetg structure formation happens earlier, and
therefore, galaxies in a fixed halo mass at a fixed time havewhiat higher
stellar masses. The characteristic densities are als@higlhich reflects
the higher density of the Universe at the time the halo fornTéubse higher
densities, in turn, cause feedback from star formation tmive indficient
at slightly lower masses ifg is higher. The diterences in halo properties
between dferent cosmologies are, however, much smaller than tfierdi
ences between the cosmic star formation histories we fausthaye et al.
(2010). This is because the halo mass function is sensiives$mology,
which is more important for the star formation history thae telatively
small change in the internal properties of the galaxies axexftime and
halo mass.

We compared our predictions to twdidirent observational results: the specific
star formation rate as a function of stellar mass and th&astalass function. The
latter function can be thought of as a convolution betweerhtilo mass function
and the stellar mass as a function of halo mass. As we are ti@N\WYMAP year-3
cosmology, our mass function is not quite right. In parécubur underestimate of
og Will cause us to underestimate the stellar mass functiometthe assumption
that the dfference in cosmology onlyfi@cts the halo mass function, which is cor-
rect to first order (as our comparison of the WMAP year-1 arat-gecosmologies
confirms), we could correct our stellar mass function. Weehast done this here,
but plan to do so in future work.

The comparison with observations revealed that:
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¢ In almost all simulations, the stellar mass function is elts the observed
number densities of galaxies over much of the observed naaggr The
shape is dferent though, with most models having a steeper low-mass end
None of the simulations predict a clear exponential dtiabthe high-mass
end, but this could just be due to our limited box size (we ptatest this
soon). The low-mass end is only steeper than extrapolatb&@shechter-
function fits to the observations. Except for models wittticent feedback,
the number densities agree well within the observed maggran

e For a fixed wind energy per unit stellar mass, the slope ofdherhass end
of the stellar mass function increases with the wind vejodihis is because
higher wind velocities keep the feedbadk@ent up to higher masses. In ad-
dition, low wind velocities correspond to high mass loadiactors and thus
to more dficient feedback provided the wind velocity remainsfisiently
high, as will be the case for lower mass galaxies. This suggbat we
could reproduce a wide range of stellar mass functions byingake wind
velocity a function of the halo mass, even for a fixed amourrargy.

e The predicted specific star formation rates as a functiortedfas mass are
lower than observed. The discrepancy is worst for modelshiicivthe feed-
back is dficient. The negative slope in the relation between the sSER an
stellar mass is only reproduced by models for which feedlmakefficient
in the observed mass range. Models without afigient feedback still un-
derpredict the sSFRs because their stellar masses areTtigtonly models
that can reproduce the high values of the observed sSFRsom@ with very
efficient feedback in low-mass galaxies (i.e. models with higtssroading
factors) and these models still only match the observationghe stellar
masses corresponding to the halo mass at which at the fdeidida@coming
inefficient. For higher stellar masses the sSFRs are again tooridwha
stellar mass function too high.

Thus, there is tension between the observed stellar masgdarand the ob-
served sSFRs. The high observed star formation rates fi@illito match unless
feedback suddenly becomesfiiigient at the lowest stellar masses for which ob-
servations are available, > 10>°M;). It cannot be infiicient in low-mass
progenitor haloes though, because otherwise the stellss mauld already be too
high, which would reduce the sSFR and would overpredict tbkkas mass func-
tion. The feedback can also not remainfti@ent as the stellar mass increases or
else the stellar mass function would again be too high.

Our investigation clearly shows that winds driven by feexddaom star forma-
tion determine the main properties of galaxies residingaloés of a given mass.
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Figure 2.16: Median star formation rate as a function of hmblss az = 2 for

5 simulations with dierent particle numbers afuat box sizes as indicated in the
legend. The vertical dotted lines indicate the mass of 2@0R chatter particles in
the simulations shown by the curves in the correspondingues! At the low mass
end, the median SFR falls to zero, as more than half of theebatoa bin do not
have gas particles with a density above the star formatishtiold. Above a mass
corresponding to 2000 dark matter particles per halo, tHe &Fa function of halo
mass is reasonably well resolved.

Even for a fixed amount of energy per unit stellar mass, variatin the sub-
grid implementation of feedback from star formation previgs with considerable
freedom. This freedom can possibly be exploited to matclemBbsons spanning
a wide range of masses, which would provide the simulatiatfs seme of the at-
tractions of semi-analytic models. However, this potémstizcess comes also with
the disadvantages of such models: the underlying physiagdwemain poorly un-
derstood. As higher resolution simulations become feasthle need for subgrid
models to generate galactic outflows in cosmological sitirara will hopefully be
removed.

Further improvement in our understanding of the physics dieéermines the
global properties of galaxies will likely come from theacat models and obser-
vations focusing on galactic winds. The physics of star fatiam is less crucial as
the time-averaged, galaxy-wide star formation rates ayeélated by the large-scale
outflows.
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Appendix A. Numerical convergence tests

In order to investigate the convergence of our results vaipect to box size and
resolution, the reference model is run in Helient simulations, together making up
complete sets of three simulations with the same box sizejitferent resolution
and another set of three simulations with constant resoldiut diferent box sizes.
The simulation that is common to both, is the reference stiar used throughout
the paper. We will denote the simulations BXXXNYYY, where XXXis the size
of the simulation box in comoving~*Mpc andYYYis the number of particles per
spatial dimension (for both dark matter and baryons weY)¢¥ particles). So,
the reference simulation here iS025N512

The two sets are:

e L025N512, LO12N256Gind LO0O6N128 which all have the same numerical
resolution, but a dierent box size, varied in steps of a factor of two. These
three runs will be shown in black lines withftirent line styles (solid, dashed
and dot-dashed, respectively).

e LO25N512, LO25N256nd L025N128 which have the same box size, but
different resolutions. The mass and spatial resolutions cHangdactor of
8 and 2, respectively. These will be shown by black, blue addsplid lines,
respectively.

In this Appendix we will show all Friends-of-Friends haladentified in the
simulation that have at least 20 dark matter particles, iwhas we will show, is
not enough to obtain converged results.

Fig. 2.16 shows that the box size has no influence on the staafmn rates,
as the lines with dferent line styles (which corresponds to runs with the same
resolution but dierent box sizes) all overlap. The onlffext is in the sampling
of the mass function: in a bigger box higher halo masses anglsd. This is as
expected: the dense regions of haloes do not care aboutzén@fsihe universe
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one simulates (provided it is large compared with the objgmmselves), but rare
objects can only be sampled infBaiently large boxes.

Mass resolution is an issue when simulating star formatasngcan be seen
by comparing the black, red and blue solid curves in Fig. 2.T6e minimum
non-zero SFR a halo can have corresponds to having one stainfp particle
at the star formation threshold. For simulations with loyarticle masses this
minimum SFR is lower (the minimum SFR in the highest resotutsimulation
is 6.2 x 10% = 1032 M, yr'! and scales linearly with particle mass). For the
lowest halo masses for which the median star formation exteson-zero, the SFR
will be slightly overestimated. The overestimate resulbsf the underestimate of
the SFR at lower masses, which makes both gas consumptiogaantemoval
through feedback lesdfient. Because the lines all get close together at high
masses, we conclude that the halo star formation rates e the high mass
end. The unresolved star formation at early epochs (whewendialo is less
massive) accounts for only a small fraction of the stellassria massive objects.

In Fig. 2.16 the vertical dotted lines denote 2000 times thek anatter par-
ticle mass in the simulations of the same colour. The halofetanation rates
are reasonably converged above these halo masses, as casanlb@yscomparing
the blue and black curves (highest versus eight times |lopatiad resolution) to
the right of the vertical blue dotted line. The halo massmegivhere the median
star formation rate is zero, because more than half the sidloaot have any gas
particles with densities above the star formation threghisl also removed when
demanding a minimum number of 2000 dark matter particledhaker. The haloes
are responsible for the sharp drop in the lowest mass bin.

The build-up of stellar mass is influenced by the SFR at altkprior to the
epoch at which it is measured. As all haloes were initiallyabrand thus poorly
resolved, the early build up of stellar mass is undereséthdndeed, Schaye et al.
(2010) have already shown that our higher resolution sitimula resolve the cos-
mic star formation rate at earlier epochs. We therefore eéxpat the convergence
of the (s)SFR as a function of stellar mass is slightly wonsetthat of the SFR as
a function of total halo mass.

Fig. 2.17 shows the same simulations as Fig. 2.16, but nowaté¢he specific
star formation rate against halo stellar mass (3FR The vertical cut-& at the
low mass ends corresponds again to haloes for which the mst@iaformation rate
is zero. At slightly higher stellar masses the specific siemftion rate decreases
with stellar mass, but in this regime the results dependhgtyoon resolution. The
same three regimes as in Fig. 2.16 can be identified, plus ddiécmal dfect:
as the resolution is decreased, a fixed stellar mass comésgo a smaller halo
mass and hence a lower star formation rate. The mass range/biah the SSFR
is an increasing function of stellar mass starts at a stel@ss corresponding to
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Figure 2.17: The median specific star formation rates ofdsabs a function of
their stellar mass a = 2 for 5 simulations with dferent particle numbers afwt
box sizes as indicated in the legend. The vertical dottesklindicate the mass
corresponding to 100 star particles in the simulations shbwthe curves in the
corresponding colours. The sharp ctit-@t low masses again stems from the fact
that there is a minimum to the (non-zero) SFR. Right of theicardotted lines
the specific star formation rates are reasonably well cgeder

about 100 star particles, as indicated by the vertical dditees. This is also the
regime for which the results become insensitive to resmitas can be seen by
comparing the solid black and blue lines rightwards of tleelttue, dotted line and
by comparing the solid blue and red curves rightwards of ¢k dotted line. We
note that, as expected, the same trends are found fof &R

Fig. 2.18 shows the stellar mass fraction as a function ab hadss for the
same set of simulations as used in Fig. 2.16. The verticaddinhes indicate our
adopted resolution limit of 2000 dark matter particles. Tregonal dotted lines
indicate the stellar mass fraction for haloes consistingQff star particles, which
is our resolution limit for plots with stellar mass on the izontal axis. The fact
that for a given resolution (i.e. colour), the solid curvéeisects the two dotted
lines in nearly the same place, implies that the cuts of 1@0rticles and 2000
dark matter particles are very comparable for the set oflsitioms of the reference
model at high resolution. Above this resolution limit of 20@ark matter particles,
the stellar mass fractions are nearly converged. At lowsologion, a minimum
number of dark matter particles is a more stringent cut thariremum number
of star particles. Throughout the paper we use a minimum eumbdark matter
particles when we plot quantities as a function of halo mass.
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Figure 2.18: Median stellar mass fraction as a function ¢ in@ass atz = 2 for

5 simulations with dierent particle numbers afuat box sizes as indicated in the
legend. The vertical dotted lines indicate the mass cooredipg to 2000 dark mat-
ter particles in the simulations shown by the curves in threesponding colours.
The diagonal black dotted line indicates the relation fdodéa with 100 star par-
ticles (the cut that is made in the rest of the paper wherdioak with stellar
mass are shown). As can be seen, in the highest resolutiarasiom, the cuts
made throughout this paper in minimum number of dark matgtigles and the
minimum number of star particles roughly correspond to eattier. At lower
resolutions, the cut in dark matter particle number is moiagent.

Although we will not show them here, we found that stellar stasmctions are
already converged with respect to mass resolution for kakgth 10 star particles
or more. Cuts in the number of dark matter particles, or indked particle number,
are much more delimiting. One would throw away many more é®lib a total
particle number cut is made instead of a star particle nurobiefthe stellar mass
function is only as nicely converged at= 2 for haloes with 500 particles of all
types together as it is for a minimum of 10 star particles)b&aonsistent with the
rest of the results show in the paper, we only plot stellarstiasctions for haloes
with at least 100 star particles.

In general, every relation plotted in this paper demandsats particle number
cuts for convergence. We find that 2000 dark matter partmiel0 star particles
per halo results in good convergence for most of the quastiiihese two cuts are
therefore adapted throughout the paper. To avoid biasieageasults, we impose
a cut of 2000 dark matter particles when looking at relatiith total halo mass
and of 100 stars particles when investigating correlatigitis stellar mass.
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CHAPTER 2. PHYSICAL PROPERTIES OF SIMULATED GALAXIES

Appendix B. The energy and momentum in momentum
driven wind models

In this Appendix we will look in more detail into the energydamomentum injec-
tion in the ‘momentum driven wind models’, such as those use@ppenheimer
& Davé (2006, 2008) and in this work. Inspired by Murray et @O005), these
models represent galactic winds which are driven by theatadi pressure from
the galaxies’ stellar population on the dust grains in tHadg outflows. As such,
the amount of energy per unit stellar mass formed is not eohsbut scales with
galaxy mass ag,, « M3, The total momentum used in the wind models is cho-
sen so that the the total star formation rate density of tiveuse is fit, and is not
restricted by what is actually available from SNe and raaiiapressure.

Here, we will compare the momentum that goes into the wind;aaspared
to the momentum from the SNe themselves, as well as thattiresdfom the
radiation pressure on the dust by the underlying stellauladion. As default
parameters for the SN ejecta we take thatM§ of material is flowing out at a
velocity of 3000 km st (Murray et al., 2005). This sets both a kinetic energy and
a momentum for this outflow.

For the radiation pressure, which results in an availablenerdum for the
outflow, we will use the spectral synthesis models of BruZgua&harlot (2003,
(BCO03)). We make the following assumptions:

1. Radiation is not scattered back and forth. In principlemf back-scattering
a large gain in momentum can be obtained. We are talking lenet atellar
continuum radiation, which after the absorption by dusirgravill be re-
emitted at very long wavelengths, for which the optical teigtvery low.
The cross-section for this radiation to be back-scatteretb® absorbed by
another dust grain is very small. Only for extremely high gibgl densities,
the shell that is driven will become optically thick for tHeetmal radiation
of the dust grains. In that case, thdfdsion of the photons outward may
boost the momentum. This is a situation which can only bazedlat the
very early stages of driving the wind inside the moleculaudl, not at scales
at which winds in the simulations are driverkfc).

2. All the radiation is used to drive an outflow. This, togetivh the previous
point means that all the momentum in radiation is transfetosout flowing
gas. Note that this is a very strong assumption, which mdiegstimated
outflow momentum from the radiation pressureupper limit

3. The driving radiation source is a simple stellar popatatf solar metallicity
with a Chabrier (2003) IMF, the spectrum of which is well désed by the
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2.B. Energy and momentum in momentum driven winds
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Figure 2.19: In black we show the ratio between the momenuaitedole from ra-
diation pressure and the momentum available from the saparmexplosions them-
selves (assuming that 1, is ejected at 3000 knT$ per supernova event). The
solid black line assumes that all SNe gid att = 0, so it is the integral of the
radiation pressure as a function of SSP age, normalizedebiothl momentum in
SNe. The dashed line instead has the momentum from radiationalized to the
total momentum from SNe up to that age. In red we show the atrafunomen-
tum that is put into the winds in the momentum driven wind datians. The ratio
between the red line solid line and the black dashed lineutadoo order of magni-
tude att = 107 yr) is therefore the factor by which the momentum is boostettié
simulations compared to what comes from radiation. The twjzbntal axis refers
to the red dot-dashed line, which shows the momentum in wimdse model of
Oppenheimer & Davé (2008), where the energy in the windsngdd to 2 times
the energy available from SNe. This only becomes a smalectan at velocity
dispersions greater than 700 kit s As the momentum from radiation is an up-
per limit, it is clear that the amount of momentum in the wiimd¢he momentum
driven wind simulations is unrealistically high.
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high resolution spectra of the BCO3 set of spectra for alsage

In a time intervalAt, during which the source has luminosity the energy
and momentum that the radiation can transfer to the gagage= L - At and
Prad = L - At/c, respectively, where is the speed of light.

In Fig.2.19 we show, as a function of age of the SSP, the totehemtum the
radiation can have transferred to the out flowing gas, updbdbe. This value is
normalized by the total amount of SN momentum, assuming tmsrand velocity
given above. The solid black line is under the assumptiohahé&Ne go df at
t = 0 (so normalized to the total available momentum from supeze that result
from the SSP), while the dashed black line follows the tim&deXplosions (for
all of which the same momentum is taken). This timed releagsiimated from
the number of neutron stars and black holes present in thpleatcording to the
BCO03 package. This adds up to the same number of SNe at thehage the lines
meet ( =~ 10° yr). The red lines in the plot show the amount of momentum that
is used in the simulations described in the paper. The soliizéntal line shows
the momentum that is used in all momentum-driven wind mode¢xribed in this
paper. The model used in Oppenheimer & Davé (2008) limisehergy in the
winds to be two times the energy available from SNe, whichltesn the red dot-
dashed line, in haloes with velocity dispersions as showthetop horizontal axis.
This maximum to the energy makes littlefférence, and no fierence in haloes of
velocity dispersion lower than 700 km's

From Fig.2.19 we learn that the amount of momentum availfabta radiation
is, even after the entire 20 Gyr lifetime of the SSP stilldadhort by a factor
of a few, compared to the total momentum in the SN ejecta. Reee that the
momentum from radiation is an upper limit. At the time all SN&t went df, there
is a factor 7 diference between the two.
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Disentangling galaxy environment and host
halo mass

Abstract

The properties of observed galaxies and dark matter halcg@sulations depend on their environment. The term
“environment” has, however, been used to describe a widetyaf measures that may or may not correlate with
each other. Useful measures of environment include, fomple the distance to th¥™ nearest neighbour, the
number density of objects within some distance, or, for tseof galaxies, the mass of the host dark matter halo.
Here we use results from the Millennium simulation and a samailytic model for galaxy formation to quantify
the relation between fierent measures of environment and halo mass. We show thabfitbe environmental
parameters used in the observational literature arefectemeasures of halo mass. The strongest correlation
between environmental density and halo mass arises whemuthber of objects is counted out to a distance
of 1.5 — 2 times the virial radius of the host halo and when thkvgeghaloes are required to be relatively
brighymassive. For observational studies this virial radius tseasily determined, but the number of neighbours
out to 1 — 2h~*Mpc gives a similarly strong correlation with halo mass. Eue distance to th&l™ nearest
neighbour the (anti-)correlation with halo mass is neadysttong providedN > 2. We demonstrate that this
environmental parameter can be made insensitive to hale ifiass constructed from dimensionless quantities.
This can be achieved by scaling both the minimum lumingsiss of neighbours as well as the distance to the
nearest galaxhalo to the properties of the object that the environmeneterdhined for. We show how such a
halo mass independent environmental parameter can bedl&imaoth observational and numerical studies. The
results presented here will help future studies to disgieathe €fects of halo mass and external environment on
the properties of galaxies and dark matter haloes.
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CHAPTER 3. DISENTANGLING ENVIRONMENT AND HALO MASS

3.1 Introduction

The formation and evolution of galaxies depends on bothnateand external pro-
cesses (‘nature vs. nurture’). Among the internal processe radiative cooling
and the formation of a multi-phase medium, formation andibaek from stars
and accretion of gas onto and feedback from super-massiek hbles. It is gen-
erally assumed that halo mass is the fundamental pararhatatrives the internal
processes for isolated galaxies. External processes @@rtant because galax-
ies do not live alone in the Universe. Galaxy interaction icetuce gravitational
torques that can significantly alter the angular momentunctire of the matter
in galaxies. This can for example lead to a starburst or toemapid accretion
onto the central black hole, which may trigger a quasar ph&sealler galaxies
may accrete onto the halo of a more massive galaxy. As a gataxes through
the gaseous halo of a more massive galaxy it may lose gas daentpressure
forces. Winds and radiation from nearby neighbours may aft&at the evolution
of a galaxy. To what extent the properties of galaxies arerdehed by internal
and external processes is still an open question.

Even if halo mass were the only driver of galaxy evolutionlagg properties
would still be correlated with environment. Because peakfié initial Gaussian
density field cluster together, more massive galaxies wal tlose to each other
(‘galaxy bias’). A correlation between surrounding galadgnsity and internal
galaxy properties therefore does not necessarily implyusalarelation between
the two.

Early, analytic models predicted that the clustering obhaldepends only on
their mass (Kaiser, 1984; Cole & Kaiser, 1989; Mo & White, @R9while later
papers have shown that clustering also depends on prapékieformation time
(Gao et al., 2005), concentration, substructure contgi, &nd shape, even for
fixed mass (e.g. Harker et al., 2006; Wechsler et al., 2006; &al., 2007; Gao
& White, 2007; Jing et al., 2007; Maccio et al., 2007; Weedl., 2007; Angulo
et al., 2008; Faltenbacher & White, 2010). All dependencigr than the one
with halo mass are, however, second-ordéeas. Lemson & Kafimann (1999)
already showed that the only property of a dark matter habdbrrelates with the
(projected) number density of surrounding galaxies is d@stthalo mass. Other
properties like spin parameter, formation time and corre¢ioh donot depend
on the surrounding dark matter density. The formation time #e halo merger
rate are found to depend on environment (Gottlober et @012Sheth & Tormen,
2004; Fakhouri & Ma, 2009; Hahn et al., 2009).

Both observations and simulations havidulty disentangling halo mass from
the external environment. The two are correlated (highessntaloes live, on
average, in denser environments) and finding an envirorahpatameter that does
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3.1. INTRODUCTION

not correlate with halo mass is non-trivial. Of course, thesaof the dark matter
halo hosting a galaxy is important for the evolution of thalagy, so halo mass is
as good an environmental parameter as any other. One wawlever, like to be

able to distinguish halo mass (the “internal environmefitm the environment

on large scales (the “external environment”). It is not aprclear whether the
environmental parameters used in literature measure hass,rand if so, whether
they measurenly halo mass, or whether they are also, or predominantly, thensi
to the external environment.

Observationally, halo mass is hard to determine. Grougazaias, abundance
(or stellar mass - halo mass) matching, and weak gravitatiemsing all provide
statistical measures of halo mass. Strong gravitatiomeirig is another way of
measuring the total mass of a massive lens system. Nonsshel®st observa-
tional data sets will have to do without dark matter halo mesd define envi-
ronmental parameters based on the distribution of visitdéten (usually stellar
luminosity) only.

Many observational studies have, nevertheless, inveéstghe &ect of the
environment on the physical properties of galaxies. In ggngalaxies form their
stars earlier and faster in higher density environment. (sewis et al., 2002;
Baldry et al., 2004; Balogh et al., 2004a,b; Kaoann et al., 2004; Thomas et al.,
2005; Smith et al., 2006) and there galaxy morphologies hecmore (pressure
support dominated) early type, as opposed to (rotation ated) late type (e.g.
Dressler, 1980; Dressler et al., 1997; Wilman et al., 2009)om observations
alone it is very hard to judge whether these trends are drivestly by halo mass
or whether other halo properties dodlarge-scale environment play an important
role. Crain et al. (2009) find, using tl@IMIC simulations that halo mass is the
only driver of the star forming properties of galaxies. A®lservations environ-
ment is usually contrasted with stellar mass (rather tham imass), an observa-
tionally based distinction between mass and environmenttelaus more about
the stellar mass — halo mass relation than about tfierdnce between external
environment and halo mass.

In simulations, halo mass (and other halo parameters) adlyeavailable.
From simulations much ‘cleaner’ definitions of environmenn be obtained, as
the distance to other objects is very well known in three disi@ns, contrary to
observations which can only provide a precise distancegpelipular to the line of
sight. Radial velocity dferences give an indication of the distance along the line
of sight, but peculiar velocities complicate a preciseahdistance measure.

Many different measures of environment have been used in the liter&ome
are closely related by construction, while the relationmleetn others is more ob-
scure. In this paper we compare several popular indicafoesnoronments. The
aim is to investigate which indicators correlate strongithveach other and with
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halo mass and which ones do not. We measure environmentahptars using a
semi-analytic model for galaxy formation constructed om ttierger tree of dark
matter haloes formed in the Millennium Simulation (Sprihggal., 2005), so that
we also have halo masses available. We will present envieatath parameters
that measure halo mass, but are insensitive to externaloament, along with
environmental parameters that are insensitive to halo .m@ikgese can be used
for studies that aim to separate th@eet of halo mass and external environment.
We will show that most of the environmental indicators usetitérature measure
predominantly halo mass. In the remainder of the paper weisgl the term ‘envi-
ronment’ whenever we mean to quantify distances to nearlaxiga, surrounding
galaxy densities etc., but never when referring to halo miaserder to clearly
distinguish the two.

This paper is organized as follows. Section 3.2 gives a shatview of the
literature on environmental parameters, both from obsens and simulations.
In Section 3.3 we determine some of the often used envirotahparameters and
investigate their correlation with host halo mass. Thengfite of the correlation
with halo mass depends on the distance scale used in themméntal parameters,
as we will show in Section 3.4. In Section 3.5 we discuss howatastruct an
environmental parameter that is independent of halo masally; we conclude in
Section 3.6.

3.2 Popular environmental parameters

The study of the #ect of the environment on the evolution of galaxies has un-
dergone considerable progress through large galaxy sirifkey the Sloan Digital
Sky Survey (SDSS; Stoughton et al., 2002) and (z)COSMOS/Bxet al., 2007;
Lilly et al., 2007). Many diferent definitions of environmental density exist. Ob-
servationally, the density around galaxies must usuallydsed on the distribution
of the galaxies themselves, as the full distribution of mas®ry hard to measure
reliably. In observational studies two slightlyfidirent flavours are very often used:
one in which the number density of galaxies within a fixedatise are counted,
and one in which the distance to tN&'e nearest neighbour is measured. Table 3.1
contains a short summary of the literature on the environahatependence of
galaxy properties, both from observations and from sinmutat We will expand
on these in this section and will study some of these in maia@ldesing the galaxy
catalogues in the Millennium database in the next section.

For the environmental parameters it is important, as we sbitbbw below,
whether the masses of the other galaxies used to measunevitenenental have a
fixed physical lower limit (or luminosity), or whether the mrnum mass is a fixed
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3.2. POPULAR ENVIRONMENTAL PARAMETERS

fraction of the mass of the galaxy one wants to know the enwirent of. It also
matters whether the distance out to which the environmeme@sured is fixed in
absolute terms or whether it is fixed relative to some lengdiesrelated to the
galaxy in question (e.g. the virial radius of its host hal@). Table 3.1 we indi-
cate for environmental parameter listed (described in teedolumn) out to what
distance (or a distance equivalent parameter) the envieahim measured (second
column), and whether the minimum mAsminosity of the galaxies used for the
environmental estimate is fixed in absolute terms or whdthiera fixed fraction
of the masguminosity of the galaxy in question (if applicable, thirdlemn). The
final column lists references to papers employing the paiemeé&rom Table 3.1
it is clear that only very few papers take minimum masses a@fhtmurs angbr
distances relative to properties of the galaxy’s host halo.

Two main classes of observational parameters can be idehtifihose which
measure the number of galaxies out to a given distance, asé thihich measure
the distance out to a giveN" neighbour. Note that using the number of galax-
ies out to a given distance is equivalent to using the numéssity of that same
sample of galaxies (and the same holds for the distan®é"toearest neighbour
and the density of galaxies in the volume out to ki@ nearest neighbour). These
two broad classes of methods are not identical, but thierdince is subtle. In high
density regions th&l neighbour is, on average, closer by and the scale on which
the environment is measured is therefore smaller, whil®ther class of methods
measures the density on a fixed scale.

The environmental parameters used in simulation studees@netimes simi-
lar to the ones used for observations, but can also be vigreit. Using a similar
definition allows one to directly compare models and obgema. However, with
the full (dark matter and baryonic) density field availaldenulators can also de-
termine parameters like the total amount of mass in sphecesd the galaxy in
question. Such guantities might influence the evolutiongslaxy, but are diicult
or impossible to obtain observationally.

Itis well known that high mass galaxies preferentially lindnigher density en-
vironments. A correlation between halo mass and envirotetheensity is there-
fore expected. For example, Kiéimann et al. (2004) use a semi-analytic model of
galaxy formation to show how their measure of environmedégisity (number of
galaxies within 2h~Mpc projected, and a redshiftférence less than 1000 km
s correlates with halo mass. It is, however, unlikely thabhmass is the only
characteristic of the environment that matters. With thanind, Fakhouri & Ma
(2009) have tried to construct an environmental paramétatgloes not scale with
halo mass. They found that the mean over-density in a splietévipc, exclud-
ing the mass of the halo, gives the most mass-independeanpser of the three
parameters they studied. They did not quantify the degreemélation, but their
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Table 3.1:overview of environmental parameters that are frequergdun literature. They are grouped
by the diferent ways of determining out to which distance the envireminis measured either in observational
or simulation studies. The first column specifies the envirental parameter, and the second and third column
indicate out to what distance the environment is measurddviether the minimum magsminosity is fixed or
scales with the galaxy in question. The fourth column spescifie references for the papers: 1: Dressler (1980),
2: Postman & Geller (1984), 3: Gomez et al. (2003), 4: Gotalef2003), 5: Whitmore & Gilmore (1991),

6: Whitmore et al. (1993), 7: Weinmann et al. (2006), 8: Coogteal. (2005), 9: Cooper et al. (2006), 10:
Cooper et al. (2008), 11: Balogh et al. (2004a), 12: Baloghl.2004b), 13: Baldry et al. (2006), 14: Bamford
et al. (2009), 15: Cassata et al. (2007), 16: Pimbblet e@DZ), 17: Lewis et al. (2002), 18: Blanton et al.
(2003b), 19: Blanton et al. (2003a), 20: Hogg et al. (2003), ldogg et al. (2004), 22: Blanton et al. (2005),
23: Kautfmann et al. (2004), 24: Blanton & Berlind (2007), 25: Kova&k (2010), 26: Fakhouri & Ma (2009),
27: Espino-Briones et al. (2007), 28: Ishiyama et al. (2029) Lemson & Katimann (1999), 30: Harker et al.
(2006), 31: Hahn et al. (2009), 32: Faltenbacher (2009)Bl8son et al. (2010), 34: Wilman et al. (2010), 35:
Maccio et al. (2007), 36: Crain et al. (2009), 37: Hester &ifaomi (2010), 38: Abbas & Sheth (2005)., 39:
Maulbetsch et al. (2007), 40: Wang et al. (2007)

Parameter Distance related parameter value Minimum/foasgsosity References
From observations
(Projected) galaxy number density Average of nearest ldxgsd my < 165 1,56
My < -204 6
Group average Mg < -175 2
ClusteyGroup-centric radius - Mr < -205 3,4
my < 165 5
- My < -204 6
Scaled to the virial radius r <1777 7
Projected galaxy number density out N =3, Av = 1000 km s R<241 8,9,10
to theN'™™ nearest neighbour N=45 Mg < =20 11-15,33
with a maximum radial velocity N =5, Av = 1000 km s M < -20.6 11
differenceAv N =5, Av = 1000 km s My < -20 12
N = 4,5,Av = 1000 km st My < -20 13,14
N =10 | <-24 15
N = 4,5,Av = 1000 km s* My < -206 33
N =10 My < -20 16
N =10, in clusters Mp < -19 17
N =5, 10, 20 Av = 1000 km st IaB < 25 25
Galaxy number density in sphere r =8h IMpc, Av < 800 km s T r<17.77 18- 20
of proper radius r=1 h*lMpc r <1777 22
Number of neighbours in cylinders r =2h IMpc, Av = 1000 km sT r <1777 23
with projected radius r=1 h’lMpc, Av correspondingto 8 Mpc  r < 17.77 21
r =0.1-10h~1Mpc, Av = 1000 km st Mo.1r — 5LOgyoh < —19 24
r=1-10h"*Mpc, Av = 1000 km s IaB < 25 25
r=0.5, 1, 2h~'Mpc, Av = 1000 km s My < -20 34
Projected galaxy number density in <IR/(h"IMpc) <3 r <1777 23
annuli {0.5,1,3 < R/(hMpc) < (1,2,3 M < -20 34
From simulations
Halo mass - M > 2.35x 1010M,, 26
Number of neighbours in spheres of radRis  R= 2 h *™Mpc Vimax > 120 km sT 37
Mass or density in spheres of radies R=5h"TMpc - 27,28
R=58h"1Mpc - 38
R=7h"Mpc - 26
R=1,24,8h"Mpc - 35,39
R=18,25h~*Mpc - 36
Matter density in spherical shells 2R/(hIMpc) < 5 - 29, 30,31
2 <R/(h"Mpc) < 7 - 26
Reor < R< 2h™Mpc - 26
Riir < R< 3Ry - 40
Average mass density of surrounding halos N =7 200< Vimax/km s 1< 300 32
Distance to nearest halo with minimum mass My /My > 3 28
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3.3. ENVIRONMENTAL PARAMETERS AND THEIR RELATION TO HALO
MASS

plots indicate a weak, but non-negligible correlation withst halo mass. Obser-
vationally, this quantity cannot be determined. As far asangeeaware no study to
date has found a measure of environment that is indepenéfibatcomass.

3.3 Environmental parameters and their relation to
halo mass

In this section we will investigate the relation betweenesal’environmental pa-
rameters and the host halo mass. First we will briefly sunwedtie main char-
acteristics of the synthetic galaxy populations used. F@ehvironmental param-
eters discussed, we will distinguish between the ‘ideak’caswhich the three
dimensional locations and the masses of all galaxies anerk(@s in simulations),
and the case in which only projected distances and velotfitgrdnces can be mea-
sured and only luminosities are available, as is the caserfabservations.

3.3.1 Simulations

We will compare diferent environmental parameters using the galaxy catalogue
constructed using the semi-analytic model of De Lucia & Bi&i(2007, see also
Croton et al. 2006), run on the dark matter-only Millenniumm@&lation (Springel
et al., 2005). The Millennium Simulation follows the evatut of the dark matter
distribution using 2169 particles in a periodic volume of 500 comovihg'Mpc
from very high redshift down to redshift 0. The model of De lau& Blaizot
(2007) uses recipes for the evolution of the baryons insat& thatter haloes and
is based on the halo merger trees constructed using the &alogues of the Mil-
lennium Simulation. The model predicts the galaxies’ lmre, physical proper-
ties such as their stellar masses and star formation tastamnd observables like
colours and luminosities. The model is calibrated to repecadthe redshift zero
luminosity function in theK- andbj-bands. De Lucia & Blaizot (2007), De Lucia
et al. (2007) and Kitzbichler & White (2007) showed that thiedel reproduces
many other observed properties of the galaxy populatiohérdcal Universe (e.g.
the luminosity function at higher redshift, the colour diastions, the stellar mass
function and the clustering properties). We will only use 2= 0 results.

We take into account all galaxies with stellar masses in sxaé 13°M,,.
This is roughly the same lower mass limit as Fakhouri & Ma @Q0@se (they use
1.2x10%M,, total mass). The reason for this choice is an estimate oftmution
limit of these simulations. Boylan-Kolchin et al. (2009)oghthat the subhalo
abundance of haloes in the Millennium Simulation is conedripr subhaloes more
massive than about 3M,, roughly independent of parent halo mass (as long as
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the parent mass is larger than'd®l,). Guo et al. (2010) also investigate the
subhalo abundance convergence of the Millennium Simulafithey compare the
dark matter halo mass functions for main- and subhaloeghegand conclude
that halo and subhalo abundance is convergedVfor 10'%1M,. These halo
masses were matched by Guo et al. (2010) to the stellar masgdiu from the
seventh data release of SDSS from Li & White (2009), from Wwhiwey conclude
that the observed galaxies with stellar mass > 10'%?M,, reside in converged
haloes. The exact number of neighbours counted in some eotiepends on the
lower stellar mass limit for galaxies in the sample (or, espondingly, the flux
limit of the survey), but as we will show, the scalings andrelations are usually
not sensitive to this lower limit.

3.3.2 The ideal case: using 3-dimensional distances and nsas

We will use the simplest version of both classes of obsamatly determined
parameters: the number of galaxiBl, within some volume with radiuR and the
distance to theN'" nearest neighbouRy. Parameters derived from these numbers
(such as the number density of galaxies within that volunie) ewill obey the
same qualitative conclusions.

In Fig. 3.1 we show the correlations between host (Frierigsriends) halo
mass and three definitions of environment: the number okgedavithin 1.5 virial
radii of the galaxies’ host haloes, the number of galaxighiwil h~*Mpc, and the
distance to the fourth nearest neighbour (left to right).il&VN1 vpe/n and particu-
larly N1sryir are strongly correlated with halo mass over the full masgeahalo
mass only varies witlR4 for Ry < 2h~'Mpc (corresponding td1 < 1013°My).
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Number of galaxies within a given distance

If the distance out to which galaxies are counted is scalgtidovirial radius of
the halo that the galaxy resides in, then the correlatiomdet halo mass and
environment is very strong, as is shown in the left panel gf Bil. Because the
region within which galaxies are counted grows with halo sn@asmore or less
constant fraction of the satellites is counted. A fixed facof all satellites is a
number of satellites that grows roughly linearly with halass, resulting in a very
tight correlation. This can be understood in terms of thalte$ound by Gao et al.
(2004): the fraction of the mass in subhaloes, the disinhutf subhaloes and
the shape of the subhalo mass function are independent bhalmssmass, while
the normalization (so the total number of and total mass bhaloes) scales (to
first order) linearly with halo mass. The number of subhal@esl thus satellite
galaxies) within a radius that is fixed relative to the viniatlius therefore grows
roughly linearly with halo mass. This makes the paramBleg.ir a very strong
measure of halo mass.

A slightly weaker correlation exists between halo mass d&ednumber of
galaxies within a fixed physical distance, as shown in thedfeiganel of Fig. 3.1
(for a distance of h~*Mpc). The upper envelope is populated by the central galax-
ies in the sample, while the satellites form the less tightlyrelated cloud below
the relation of the centrals. At the high mass end there anme mgalaxies with
M. > 10' M, per halo, causing the correlation betwediipen and Mpajo t0
weaken.

Distance to theN" nearest neighbour

In the right panel of Fig. 3.1 we show the correlation betw#enhost halo mass
and the distance to the fourth nearest neighbByi(which is very often used ob-
servationally, see Table 3.1). The distafedecreases with halo mass, because
more massive haloes are on average found in denser envintsime

For halo masseM > 103> M, the correlation betweeR, and M becomes
much weaker. This behaviour arises from the fact that forhae masses the™s
nearest neighbour (witM, > 10 M,) resides in another halo, whereas at high
masses we are counting galaxies within the same halo. Tigticm between the
two regimes depends on the rankfor higher ranks, the jump occurs at higher
halo mass.

The three parameters displayed in Fig. 3.1 all depend ore-ttireensional
distances. We will now proceed to investigate parametexsaite observationally
more feasible.
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3.3.3 The realistic case: using projected distances and lunosities

Observationally we have no access to the three-dimensgaparations between
galaxies. Instead, one measures distances projected skytland diferences in
redshift. Moreover, while luminosities are readily avhilg stellar mass determi-
nations depend on SED modelling, which comes with condiderancertainty.
We will now investigate to what extent the use of observableakens the corre-
lations compared with the ‘ideal cases’ discussed in Se@i8.2. As is done in
many observational studies (see Table 3.1) we will only medesof galaxies with
redshifts that are within 1000 kntsof the redshift of the galaxy for which the
environment is determined. We include both the Hubble flod eculiar veloci-
ties in our calculation of the redshifts. For reference, lacity difference of 1000
km s™* corresponds to a distance of AGtMpc if the peculiar velocity dference is
zero. We will denote the parameters using the same symbuls ased for the 3-D
distance variants, but with lower case letters. For examplenotes the projected
distance to the fourth nearest neighbour (using only gasawithin the redshift dif-
ference cut). We only include galaxies with an absokitband magnitude smaller
than -23, which corresponds M, ~ 10'®2M,,. This results in a slightly smaller
sample than the one used before. For the sample of galaxiesvyi> 10°°M,
the luminosity function shows signs of incompleteness ajnmitades fainter than
K=-23.

In Fig. 3.2 we show the dependence of the parameters sirithose used in
Fig. 3.1, but using projected distances and luminositiéserahan 3-D distances
and stellar masses. Note that the left panel still requiresvedge of the virial
radius of the host halo of the galaxy and is therefore hardeterchine observa-
tionally (we left it in for completeness). The virial radiaan be estimated if one
has a group catalogue available, like the one by Yang et @7(2who grouped
galaxies using a a friends-of-friends like algorithm. To&k luminosities of the
groups are then ranked and matched to a ranked list of halsasiagrawn from a
halo mass function sampled in a volume equal to that of theeguiT his procedure
results in the assignment of a host halo mass to all galamigsei sample. How-
ever, if such a catalogue is available, then the halo maskdsurse just as well
known as the virial radius, so using this environmental datbr as a measure of
halo mass is not very useful.

In the middle panel of Fig. 3.2 we show the halo mass as a fumaif the
number of galaxies with a projected distance less than*Mpc, with a redshift
difference less tham1000 km s! and withK < —23. Compared with the 3-D
version, there are now more low mass galaxies with a high eambneighbours.
This is due to projectionféects. We note that the correlation @agent is still
very high ¢0.71), so we can conclude that this environmental indicatarstrong

80




3.3. ENVIRONMENTAL PARAMETERS AND THEIR RELATION TO HALO
MASS

indicator of host halo mass. The horizontal scatter (inremvhental parameter for
fixed halo mass) at low halo masses (roughly 0.3 dex upwardislawnwards in
number of neighbours) is dominated by the projectifinas, while at high masses
the scatter (0.2 dex upwards, 0.5 dex downwards in numbeeighbours within
the projected distance) is mainly caused by satellites enothitskirts of the halo.
The scatter in the environmental indicator is smallest &domasses of about 10
Mo, where it is roughly 0.2 dex both upwards and downwards. Eorenn; ppcn
the spread in halo masses is small for low and high valueseo&tivironmental
indicator (roughly 0.3 dex) and highest for values of abdungighbours within
this distance ¥ 0.5 dex in halo mass) and is roughly symmetrical.

In the right panel of Fig. 3.2 we show the projected distandfé fourth near-
est neighbour withk < —23. Because of projectiorffects the bi-modal behaviour
visible in the right panel of Fig. 3.1 has been smeared oue ddrrelation with
host halo mass is therefore slightly weaker. Because ofifteitinuity in the dis-
tribution, the correlation cdicient is a function of the masses (both galaxy stellar
mass and host halo mass) of the objects that are taken intaratcc

3.3.4 A multi-scale approach

Wilman et al. (2010) recently measured the number densigaltaixies in concen-
tric rings in order to investigate trends in the- r colour distribution of galaxies
with environment at several distance scales (for given Issgale density, if de-
sired). They included all galaxies from the fifth data reéee@6SDSS with magni-
tude brighter than 17.77 in theband and with a mean surface brightness within
the half-light radius ofs; < 23.0 mag arcse?. The number density of galaxies
was determined in rings with radii fixed in physical coordé@sa In this approach
neither the mass nor the distance out to which the envirohinéeletermined scales
with the properties of the galaxy in question. We therefoqgeet that these mea-
sures of environment vary strongly with halo mass.

The correlation cd@cient for the density in annuli with halo mass is roughly
0.5, and depends on both the width and the radius of the agsyrauoh that smaller
radii (within ~ 0.5 Mpc) have larger correlation cfiients and wider annuli
mostly show weaker correlations. The power of the methodibfidh et al. (2010)
lies in the ability to measure residual trends of galaxy props with large-scale
(annular) environment, while controlling for the enviroemt on some smaller
scale (i.e. the projected number density in the inner giteding the same defini-
tions as oun parameter above). The samples are constructed by takigglalies
for which the number density of galaxies within the inneriwadf the annulus fall
within some bin, and are therefore comparable to horizatitads through the mid-
dle panel of Fig. 3.2. From this figure we can see that in sudice, & very large
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range of halo masses (comparable to the full range of halgesas the catalogue)
is still present.

As an example, we show in Fig. 3.3 the correlation between imalss and the
number of galaxies in annuli with an inner and outer radiug ahd 2 Mpc, re-
spectively, for three narrow bins of the number of galaxiébkiw 1 Mpc (projected
distance, within a redshift fierence of 1000 km‘é). Each bin contains/8 of all
the galaxies, where the lowest bin shown (the second pamel tine left) corre-
sponds to the lowesy8a of the total galaxy population, the middle panel shows the
middle ¥8 and the right-hand panel shows th& fjalaxies with highest numbers
of galaxies within 1 Mpc. From the colour scale it can cledry seen that the
different bins in central number density of galaxies favoffedint halo masses, as
expected from Fig. 3.2.

The correlation ca@&cients are low, for the second and third panel from the
left, which seems to make these parameters nearly halo m@egdandent. Look-
ing more closely at the Figure, we see, however, a positiveeledion between
mediann; > mpgh and My, especially at high mass. The relation with halo mass of
this measure of large-scale environment, at fixed smalesavironment depends
strongly on the (fixed) scales at which the environment issuesl. This, together
with varying flux limits in observational surveys makes ituafy measure of halo
mass, which is hard to interpret physically.

The trends seen in Fig. 3.3 are a typical example of the ‘rsclie’ approach
of Wilman et al. (2010). Changing the radii of the inner andeowedges of the
annuli angor the width of the bins in central galaxy number density domsfect
the qualitative conclusions drawn from Fig. 3.3. The catieh of the number of
galaxies in annuli with halo mass becomes weaker if vereldigtances from the
galaxy in question are taken (5-10 Mpc), but it seems likabt that is merely a
result of the fact that galaxies at such distances do not imah to do with the
galaxy in question anyway.
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3.4 Environment as a measure of halo mass

In this section we will study the strength of the correlatlmtween several envi-
ronmental indicators and halo mass.

We expect the correlation between the number of neighbautshalo mass
to be strongest at some given distance. Taking the distaggeswmall will bias
against massive galaxies (and results in strong discretedtects if the number
of neighbours is very small, as they can only be integer).intathe distance too
large, on the other hand, will result in a sample of galaxies does not have much
to do with the halo the galaxy resides in.

In Fig. 3.4 we show, for two dierent environmental parameters, the value
of the Spearman rank correlation ¢ogent with halo mass, as a function of the
distance related parameter used to measure the envircainaemisity. In the left
panel we show the correlation déeient between halo mass and the environmental
density indicatoin, (the number of galaxies within a fixed physical distangeo-
jected on the sky and withitv = +1000 km s?) as a function of. One example
of this type of parameter was shown in the middle panel of &@. Fig. 3.4 shows
that the correlation first strengthens with distance, reaehmaximum at a scale of
roughly 1h~*Mpc, and declines slowly thereafter. The vertical arrovdate the
median virial radii for the haloes of all galaxies in the séengf the correspond-
ing, and show that the peak of the correlation strength ecaudistances roughly
corresponding to the median virial radius.

In the right panel of Fig. 3.4 we plot the Spearman rank cati@h codficient
between halo mass and environment, now parametrizeg,lifie distance towards
theN™" neighbour (as in the right panel of Fig. 3.2), as a functiothefrankN. The
correlation cofficients are now mostly negative, as a higher density (coorefipg
to a higher halo mass) will result in a smaller distance towaheN™ neighbour.
However, for very massive haloes the distance to the firghfxiur is an increasing
function of mass, as the neighbour needs to be outside th&y@self, and more
massive galaxies are larger. Taking more neighbours givesmig-correlation that
becomes stronger for larger numbers of neighbours for higésrmalaxies. Lower
mass galaxies show the strongest correlation when thendista theN™ nearest
neighbour is taken, wittN > 3, but the correlation does not weaken much for
larger values. For a sample consisting of very high lumiyogalaxies, slightly
more neighbours need to be included to get the best meastni@mmass. The
median number of neighbours within the virial radius, abthesame luminosity
cut is indicated with the arrows.

The vertical arrows in Fig. 3.4 indicate the median viriadites of the sam-
ples in the corresponding colour (left panel) and the medianber of neighbours
above the same luminosity limit within the virial radiusgfnt panel). We conclude
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Figure 3.4: The strength of the correlations between halssnaad two of the
environmental indicators used straightforwardly in olkagons, for two samples,
with lower luminosity limits as indicated. In the left pangk plot the Spearman
rank correlation ca@cient between halo mass and the number of galaxies within
a given projected physical distancéand with a cut in redshift dierence, as de-
scribed in the text) as a function of The arrows show the value of the median
virial radius of the haloes of all galaxies in the sample vilik corresponding
colour. The right panel shows the Spearman rank correlaiefiicient between
halo mass and the projected distance toNffenearest neighbour as a function of
the rankN. The correlation cd@cient is negative, because more massive galaxies
have theitN! nearest neighbour closer by. The arrows indicate the mexdiarber

of neighbours within the virial radius of the haloes abowe itidicated flux limit.

If the environmental parameter is supposed to be a meashedammass, galaxies
out to a distance of1 Mpc is a good choice, or the distance to Mi& neighbour,
with N = 1 or 2. This second parameter is a worse measure of halo nas#ih
first, though the dference is small.

85




CHAPTER 3. DISENTANGLING ENVIRONMENT AND HALO MASS

1.0 -1.0
- T *08 . -
Q.
=
] £ -0.6 ]
] T 041 1
=
0.2F ] = -0.2f .
ro—=0-230 <K< =235 170071 S——0-230 < K< =235 170071) 4
FA---A-240 < K< -245 é% 1593543 n A--A=240 < K< =245 é% 15935437
rF--B8-250< K< -255 40663) O --8-250< K< =255 40663) " 4
0.0F ‘ ] 0.0 | ‘ 009)
0 2 4 6 O 2 4 6 8 10 12

Figure 3.5: The same as Fig. 3.4, but now for three bins inlatesmagnitude. We
show the correlation cdigcients between halo mass and the observationally feasi-
ble environmental parameters. For the neighbour seardgalaikies withK < —23

are taken into account. The shape of the relation betwearlation codicient

and the distance related parameters are relatively insenef mass, but the cor-
relations are stringer for samples with higher luminosijagies. The numbers in
between the brackets indicate the number of galaxies inaimple.

thatn, andry are both good measures of host halo mass, providedthatmea-
sured ar > rj, andor that the rank of neighbours taken into account is small. If
the host halo mass, and thus the virial radius, are not knoptioa, it is better
to taker larger, as the correlation rapidly weakens towards smeitances and
declines only slowly with increasing distance.

In Fig. 3.5 we break up the samples of Fig. 3.4 in bin&Kelband magnitude.
In the neighbour search we include all galaxies With< —23, but we plot the
Spearman rank correlation dteient between the environmental parameters and
host halo mass for bins afK = 0.5. The correlations are in general weaker
than for the whole sample, although the maxima are very coabp@a K-band
luminosity correlates with stellar mass (although at lowsggs the mass to light
ratios vary stronger), so together with the correlatiomieen stellar and halo mass
(which is very strong for central galaxies, which make upgidy half the sample
averaged over all stellar masses, and a larger fractionifiireh stellar mass or
K- band luminosity) one expects to weaken the correlation Wlo mass if a
narrow range oK—band luminosities is taken. Brighter samples of galaxies ar
more dominated by central galaxies, for which the corretegibetween halo mass
and environmental indicator are stronger.

As we will show below, usind-band luminosity as a proxy for (virial) mass
works well. Guided by the left panel of Fig. 3.2 one might esxtgbat we can im-
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prove onn, as a measure of halo mass $cales witH.lK/ 3. We have tried this, but
the correlation between halo mass and environment doeshstrgnger (or it gets
slightly weaker, with correlation céiécients of 0.65 — 0.7). In the range of halo
masses for which we could test it (any range betweér 46d 135°M,) the cor-
relation is stronger if a projected distance of 1 Mpc is useahtifr o LlK/3 is used.
Specifically, we triedr = 1h™*Mpc-(Lk /Lo)Y3, with Ly = 1005110115120
We therefore conclude that using a fixed physical projecisthice is safe, and
easier in practice than a distance scaling with lumino¥ifg.thus advise to usg
with r of the order ofr > Ry, if a measure of halo mass is desired. For most ob-
served samples of galaxies- 1 Mpc will do, but by iteration better values can be
obtained: use = 1 h~*Mpc, calculate the halo virial radii from the environmental
indicator (using the parametrization given in Appendix)&6d then iterate if the
virial radii strongly deviate from 1 Mpc.

In Appendix 3.6 we provide polynomial fits for the halo massdsnction of
several environmental parameters for several lower flukdimvhich can be used
to obtain halo masses from observed samples of galaxiesmatsured environ-
mental indicators.

3.5 Environment independent of halo mass

3.5.1 Mass independent parameters for simulations

All the parameters we have looked at so far correlate witb hass. The lower
masguminosity limit of galaxies included as possible neightsowas set equal to
the resolution limit of simulations, or the flux limit of a si@y. As we saw in the
left panels of Figs. 3.1 and 3.2, the correlation is strohgad almost linear with
halo mass, if the scale out to which galaxies are countedsuwath the virial radius
of the host halo of the galaxy in question. Per unit halo miws.galaxy number
density (either projected or in a spherical region) is tfeeeeroughly constant.
This also holds for dark matter subhaloes in high resoluiomulations, as shown
by Gao et al. (2004).

In order to obtain an environmental indicator that is indefent of halo mass
we have to scale out both the méisminosity of the galaxy and the length scale in
question. We defin®y ; to be the three-dimensional distance to Mith nearest
neighbour with at least times the virial mass of the halo under consideration,
divided by the virial radius of the halo under consideration

IN(Myir>f-M
DN,f — (Myir halo)
Rvir, ngb

where the subscripts ‘ngb’ and ‘halo’ indicate the neightmfiihe halo under con-
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Figure 3.6: Halo mass as a function of the paramBtey. The colour scale gives
the distribution for all central galaxies in the sample, l@hhe solid line is the
median halo mass in bins 8f; 1. The median relation is very flat. The correlation
codficient of this parameter with halo mass is 0.07 (for corretatiodficients as

a function of rank, see Fig. 3.7). We can therefore conclhde this measure of
environment is highly insensitive to halo mass. At the higjy end, where the
median halo mass is very high, there is a residual correlaigible because these
haloes are on the exponential tail of the mass function.
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Figure 3.7: The Spearman rank correlationfioent between halo mass and the
environmental indicatoDy s (see Eq. 3.1) as a function of the rahk for f =
{1/10,1,10}. Higher values forf and N result in a stronger correlation in the
range of ranksN and halo masses we tried. As= 1 still gives a very small
rank correlation ca@cient, and because the environmental parameter can only be
determined for the whole sample of galaxies fox 1, we conclude that using

f = 1 and alow rank (e.gN = 1) is a good choice if an environmental parameter
that is insensitive to halo mass is desired. If haloes carelbty identified for
mass lower than the lowest mass one wants to know the envioinfor, then a
value for f as low as possible should be used.

sideration and the halo itself, respectively. As we areidgakith halo properties,
we only take central galaxies (i.e. only Friends-of-Friemdloes) into considera-
tion. The use of the factof to set the minimum mass of haloes taken into account
in the neighbour search and the scaling to the virial radiagte two ingredients
that we expect to make the environmental parameter inggnttmassDy ¢ only
depends on the dimensionless paramel¢@nd f for a given halo, and is also
itself dimensionless.

Because the tidal field of thW’th nearest neighbour scales with the mass of
and distance to this neighbour BlgR3 and the mass scales Wl’cﬁir, the parameter
Dn.s scales with the tidal field to the powed /3. This make®Dy  a very natural
environmental parameter for which the physical interpi@tais clear.

The colour scale of Fig. 3.6 shows the distribution of halaes = 0 in the
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D11 — Mhalo plane. The curve shows the mediBa; in bins of halo mass. The
median halo mass found is always the same fobalikrespective of the factof.
The mediarDy ¢ in the sample is diierent for diferentf, though.

The weak correlation that starts to appear at very high saloeD; ¢, espe-
cially for large f, is caused by the fact that these are probing the most massive
haloes that are on the exponential tail of the Schechterti&lo mass function.
Large scale structure is no longer self-similar in thatmegicausing a slight pos-
itive correlation betweey s and halo mass. We have verified (by inverting the
axes) that for masséd < M. (whereM., is the mass at which the Schechter-like
halo mass function transits from a power law into an expaakfall-oft), where
the mass function is a power law (and therefore scale freegdirelation is very
weak. For higher masses, there is a mass scale imposed bypihreeatial cut-&
of the Schechter-like halo mass function. For values rogughbvef~1M.,, the in-
sensitivity to mass breaks down and a weak positive coipeléetween halo mass
andDy s appears.

In Fig. 3.7 we show the correlation déieients between halo mass abg,
as a function of the rankl for three diterent values of the mass ratios of galaxies
counted as neighbourfs= {1/10, 1, 10}. For all f the correlation between the rank
N and host halo mass increases for with the rank. If an envieoriah indicator
is desired that is insensitive to halo malls= 1 is therefore a good choice. The
correlation is weaker for lower values of the ratio betweestlnalo mass and the
masses of possible galaxies that are included in the neighgsarch. For a value
lower thanf = 1 the environmental indicator cannot be determined for thie f
resolved sample of haloes (as halo masses need to be aMeast Mg, With
Mies the resolution limit, in order to resolve all possible ndighrs). We therefore
advise to takef = 1, as then the parameter can be defined for all galaxies in the
sample and it gives only a very weak correlation with halosndéin a sample
of haloes some of the studied properties demand a much nmorgesit resolution
limit (e.g. if detailed halo profiles need to be fitted), antidloes of much lower
mass are resolved in terms of their virial mass and positluer; one should use
values off < 1, e.g. 0.1, as the correlation between halo mass and enwénan
vanishes.

If in the definition ofDy s the virial radius of the neighbour would be replaced
by the virial radius of the halo under consideration (thgrelsing the connection
to the tidal force of the neighbour), the correlation betwbalo mass and envi-
ronment gets even slightly weaker (e.g. a Spearman ranklatan codicient of
0.04 instead of 0.07 between halo mass Bagl). As using the virial radius of the
neighbour gives a more intuitive external environmentahpeeter, we still advice
to use the virial radius of the neighbour.

We can conclude that the paramel®y ¢, with N = 1 andf < 1 results in
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3.5. ENVIRONMENT INDEPENDENT OF HALO MASS

an intuitive environmental parameter that is very inséresito halo mass. We do
note, however, that in order to calculate this halo massiedeéent environmental
indicator, one needs a measure of the virial mass of the radst HFrom simu-

lations these can be obtained trivially. For observed sampf galaxies this can
be estimated using the environmental indicators that drelzde with halo mass
strongly, as described in the previous section and detailéghpendix 3.6. In the

next section we will present an environmental indicatot t@n be obtained from
observations that is also insensitive to halo mass.

3.5.2 Halo mass independent parameters for observed samplef
galaxies

In some cases it is possible to obtain virial masses and fadine host haloes of
observed galaxies. Using techniques like halo-matchimgyhich the total lumi-
nosity of all galaxies in a group or cluster are added and dh&ead luminosities
matched to a ranked list of halo masses (from either an an&lgto mass function
or a simulation), it is possible to get a reliable estimatelie host halo virial mass
of the observed galaxies, see e.g. Yang et al. (2003); vaidsch et al. (2003);
Yang et al. (2007). This requires, however, that a groupl@giie is available for
the observed sample of galaxies. As such catalogues areailgble for a limited
number of observational samples, it is something whichtesnohot easily done.

Hence, observationally neither the halo mass independawitbemental indi-
cator Dy s nor the virial mass or radius of a halo can be easily deterninge
therefore set out here to formulate a variable that can beeasily determined by
observers and that is as independent of halo mass as pod§iblet the definition
of Dy, guide us. We know that we have to scale the minimum m#Assasosities
of the galaxies that are taken into consideration in thecbelmr neighbours to be
a fixed fraction of the magsminosity of the galaxy under consideration and that
we have to scale the distance to the neighbours to some kygigtance of the
neighbour.

We use an observable, théband luminosity, instead of stellar mass. Lu-
minosity is easier to measure and does not require the niglelf the spectral
energy distribution of the galaxy. We use tkeband because in the very red opti-
cal bands and in the near-IR the correlation between luritinasd stellar mass is
strongest (aside from the uncertainties arising from te&ttnent of thermally puls-
ing asymptotic giant branch, TP-AGB, stars, see e.g. Mana®005; Tonini et al.,
2010). We will also have to normalize in distance. As a raefeeewe use typical
values for central galaxies in a halo with a virial mass of*M,, and therefore a
virial radius equal to 8 h~*Mpc.
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3.5. ENVIRONMENT INDEPENDENT OF HALO MASS

For all central galaxies in a bin of halo mass extending fré%¥4to 10'31M,
we have determined the medi&rband luminosity to be % x 10'L,. The virial
radius, which is used in the definition @fy ¢, scales with halo mass &,
M2 so we scale the distance used to normalize the environrsent &./° (see
below for the neighbour search strategy). As projectecadcsts are more easily
measured than three dimensional distances, we use thetebistances (and test
both with and without a cut in velocity fierence). Our environmental indicator

dn.m then becomes

IN(K <Kga-m) Lingp Y3
dnm = g ( : ) (3.2
Nm T 0.580-IMpc \1.4 x 101L,

where the subscript ‘ngb’ again denotes the neighbour ofjtiaxy in question,
m is the diference in magnitudes (corresponding to a ratio in lumigoe#ss, a
positivemmeans that the neighbours must be brighter) between theygalgues-
tion and the galaxies counted as possible neighbours (Welglvm = 0 below,
and therefore look only for neighbours that are at least ighbas the galaxy un-
der consideration)K is the absolutd-band magnitude andy the luminosity in
the K-band. Rjir13 = 0.58h~*Mpc is the virial radius of the ‘reference mass’ of
103Me.

If Ryir13(Lk /1.4 x 10L,)Y3 would be the virial radius (i.e. if the halo mass
to K-band light ratio would be constant), then the external remvhental indica-
tor dy,m could be described as distance to 8 nearest neighbour which is at
leastm magnitudes brighter than the galaxy we are measuring thieoenvent of,
normalized to the galaxy’s virial radius.

The colour scale in the left panel of Fig. 3.8 shows the diistion of galaxies
in the Mnaio — d1o plane. We include all galaxies in the catalogue Wthx —23.
The sample of galaxies withl, > 101°M,, shows signs of incompleteness at mag-
nitudes fainter thark = -23. Fig. 3.8 shows that halo mass indeed is weakly
sensitive to the parametdj . The Spearman rank correlation éioaent is -0.28,
which indicates a weak anti-correlation.

The parameter shown in Fig. 3.8 includes only galaxies wighiadial velocity
difference of 1000 km=s. Without this cut in redshift dierence the correlation
becomes stronger. Taking into account only galaxies wighirdshift window is
important, but the width of the redshift window is less impoit as long as it is
<10 kmst.

The dependence of the correlation between host halo maskanoh the rank
N is shown in Fig. 3.9, for three fierent values om. We have chosen to show
m = {-2.5,0, 2.5} magnitudes, because a magnitudéedence of 2.5 corresponds
to a luminosity ratio of 10, similar to the mass ratio of 10disdbove. Whenever
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Figure 3.9: The Spearman rank correlationfioent between halo mass addm

as a function of the rank, for m = {-25,0, 2.5} magnitudes. 2.5 magnitudes
corresponds to a factor 10 in luminosity. For the samplarice 2.5 magnitudes
there are fewer possible neighbours and the nearest neighiilbusually be found

in another halo (often even a more massive halo), causinga& e@relation with
halo mass. In the sample faor = —2.5 magnitudes, the parameter is only defined
for a small sample, because neighbours, which have a luitynb® times lower
than the galaxy in question, need to be resolved as well elhighbours are not
required to be much more luminoum (= 0) they can be either in the same or
in another halo, causing a correlation with halo mass tisassrfor low rank and
decrease for higher ranks.

possible neighbours are supposed to be a factor 10 lessdumim = —2.5), the
sample for which this parameter can be determined is muchiegnflaecause all
possible, lower mass neighbours need to be resolved asamdlthe typical haloes
the galaxies are in are more masssive. This results in theweak correlation
with halo mass for all rankhl, as shown in Fig. 3.9. If neighbours are required to
be more than a factor 10 brighter, the most likely neighbevilisreside in other
(more massive) haloes. If the minimum brightness of possilgighbours is the
same as that of the galaxy in question, or higher, the cdioaldetween host halo
mass andl o first increases with the rarfik and goes down after some maximum
(because for large rarik the neighbours are more likely to reside in other haloes).
This maximum and the rank at which the maximum occurs depenithe lower
luminosity limit of the sample and on theftérence in magnitudas. The lowest
possible raniN = 1 gives a very weak correlation and for the same reason asebefo
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3.5. ENVIRONMENT INDEPENDENT OF HALO MASS

we advice to use a luminosity ratio of in(= 0) between the galaxy in question
and its possible neighbours. Again, if neighbours withie@shift window can be
identified below the flux limit used for the analysis, it is @i® use a value fan
as low as possible.

3.5.3 Splitting the sample in centrals and satellites

The middle and right panel of Fig. 3.8 show the distributideentral galaxies and
satellites, respectively, in thélpao — dio plane. For these subsamples the Spear-
man rank correlation cékeicient between; o and halo mass are 0.09 and -0.35,
respectively. The samples combined give the correlatia@haan in the left panel.
Central galaxies find brighter neighbours that are (ofterira§ galaxies in neigh-
bouring haloes, while for the satellites mostly their owntcal galaxy is found as
neighbour. We expect that the correlation between halo magsnvironment is
predominantly caused by galaxies finding satellites inrtbein halo as possible
neighbours. Excluding these satellites should result irniehmveaker correlation.
We postpone such an analysis for future work.

We have verified that for a sample in which the neighbours tExjes are de-
fined as the nearest brighter galaxy that itself has no leigigighbour at smaller
distance (so it is not itself a satellite of that other gajaregults in a very low cor-
relation codfecient between halo mass afg, for the satellites too. In this case, a
satellite galaxy usually finds its own central as a neighljonless there is another
satellite that is brighter and closer to that the galaxy yaul@oking at than to its
central) and central galaxies find the nearest brighter athetral galaxy. A com-
bined sample of all centrals and satellites then still shawsrrelation coicient
of ~ —0.4, as the centrals and satellites show the same bimodal ibehas shown
in the middle and right panels of Fig. 3.8.

Splitting the sample first in a sample of satellites and edstand excluding
the central galaxy of the galaxy’s own host halo would prdpatsult in a weaker
correlation for the sample as a whole. This could be done Ifiyidg a virial
radius for each galaxy (based, for example, oiitdand luminosity) and identify
satellites by searching for galaxies that fall within theatiradius of another, more
luminous, galaxy. These can then be flagged as satellitegighinour search for
the satellites should then exclude a region as large as tfe radius of their
central, in order to be sure that the central galaxy in a rigigting halo is selected
as neighbour. This would significantly complicate the nbimir search and we
will postpone this for future work.
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3.6 Conclusions

The properties of observed galaxies and dark matter hatogisnulations depend
on their environment. The term “environment” has, howebeen used to de-
scribe a wide variety of measures that may or may not coereléth each other.
Useful measures of environment include, for example, teeadce to théN™ near-
est neighbour, the number density of objects within somiudcg, or, for the case
of galaxies, the mass of the host dark matter halo. In thi®ipa carried out
a detailed investigation of several environmental paramsethich are popular in
the (observational) literature, focusing in particulartbeir relationship with halo
mass.

We measured the environmental indicators from the symthgdiaxy cata-
logues produced using the semi-analytic models by De LucBlaizot (2007),
built on the Millennium Simulation (Springel et al., 2005)-his model repro-
duces the number density and clustering properties of wbdegalaxies in the
low-redshift Universe.

We showed that it is of crucial importance to realise thatdbgree to which
environmental parameters measure host dark matter habisdstermined by (1)
whether the scale out to which the environment is measurddswith some typi-
cal scale (e.g. the virial radius) of the galaxy in questind &) whether or not the
minimum masAuminosity that the neighbours are required to have is fireabiso-
lute terms or relative to the maksninosity of the galaxy in question. Specifically,
we found that

1. All frequently used environmental indicators (i.e. soimection of the dis-
tance to theN" nearest neighbour or the number of galaxies within some
given distance, either using three dimensional distancesiag projected
distances for all galaxies within some radial velocityfelience) correlate
strongly with halo mass.

2. For the number of galaxies within a given distange the correlation with
halo mass peaks for distances of 1.5-2 virial radii. Thealvimadius is for
observers in general afficult quantity to measure, but the correlation with
halo mass is nearly as strong for galaxy counts withihMpc.

3. The strength of the anti-correlation between the distandheN™ nearest
neighbourry, and halo mass is nearly constant for> 2 and only slightly
weaker forN = 1. The relation betweery and halo mass is slightly weaker
than forn, if r is taken to be similar to the virial radius.

4. Bothn, andry correlate more strongly with halo mass if the neighbours are
required to be more luminous or massive.
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We have shown that it is possible to construct environmepaahmeters that
are insensitive to halo mass by using only dimensionlesatiigs. For the case of
dark matter haloes in numerical simulations this can foetf@mple be achieved by
scaling the distance out to which environment is measuréuktwiral radius of the
halo for which the environment is determined and by scalegtinimum required
mass to that of the halo in question. The correlation witlo hrabss becomes
smaller if the minimum mass required for neighbours is lowkthe neighbours
are more massive than the halo for which the environment &sored, then scaling
the distance to the neighbour’s virial radius gives moreiiive results and lead to
only a slight increase in the strength of the correlatiorhwitilo mass. These
environmental parameters are, however, only insensitiMeato mass for haloes
that are not on the exponential tail of the mass function.

For observers, usually only a position on the sky, some randitation of
the distance along the line of sight and the flux or luminositgome waveband
are available. We showed that analogous environmentaluresaghat are highly
insensitive to halo mass can also be constructed using belk+tband luminosi-
ties, projected distances on the sky, and a maximum radiatitx difference for
neighbours. Specifically, the parametglp, defined as the projected distance to
the nearest brighter galaxy within a radial velocitffelience of 1000 km'$ (that
itself does not have a brighter neighbour closer by and thexgrobably is a cen-
tral galaxy of a halo) divided by thK-band luminosity of the neighbour to the
power one third, correlates only very weakly with host hakmss

In summary, when measuring environments for (virtual) oleéons, we ad-
vise to make use of both a halo mass independent measure aedsana that is
highly sensitive to halo mass. For purely theoretical gtsidhe halo mass is al-
ready known and we therefore advise to use an environmeatahyeter that is
insensitive of halo mass. The following parameters are gbaices:

e Insensitive to halo mass; for simulationBhe distance to the nearest (main)
halo that is at least times more massive than the halo in question, divided
by the virial radius of that neighbour. The choife= 1 works well, but
if resolution permits it, smaller values yield even weakerrelations with
halo mass. Dividing instead by the virial radius of the haself gives a
slightly weaker correlation with halo mass, at the experisesing the intu-
itive definition in which the environment relates to the tiflald due to the
neighbour.

e Sensitive to halo mass; for observatioriBhe number of brighter galaxies
within a projected distance of 1 h™'Mpc, within a redshift window cor-
responding taAv < 1000 km s*(n; Mpgh). Even better would be to sub-
sequently iterate the following two steps until the progedconverges: (i)
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check what the corresponding halo masses are using thensldtetween
n, and halo mass given in Appendix 3.6; (ii) adapt the maximuajeoted
distance to 1.5 times the typical virial radius of the halimethe sample.

¢ Insensitive to halo mass; for observatioriBhe parameted; o, as given by
Eqg. 3.2. The correlation with halo mass is weaker if sagdlinvf the galaxy
in question are excluded. This may be possible by requirieighibours
to be further away than some minimum distance. It may evenossilple
to vary this distance with the virial radius of the neighhowhich can be
determined using the measure that is very sensitive to haksmThis is
work in progress.

Many studies have measured galaxy properties as a functibotb stellar
mass and environment. The environmental indicators usechdst authors are
effectively measures of halo mass. While halo mass is a perfeaid measure of
environment, and may be particularly relevant for sagslitwe note that because
stellar mass is also expected to correlate strongly with imalss, these studies may
not have separated “internal” and “external” influences elsas one might naively
think. The work presented here will enable future obseoveti and theoretical
studies to disentangle théfects of halo mass (internal environment) from those
of the external environment. This may eventually tell us thlhehalo mass is the
only important driver of the physics governing galaxy evialo.

Appendix A. Obtaining the halo mass from environmen-
tal parameters

In this Appendix we provide fitting functions in order to ointghe halo mass from
different environmental indicators, for several lower limitstbe galaxy luminos-
ity. This luminosity limit holds for both the galaxies thevmonment is determined
for and for the galaxies included in the neighbour searchwieise the projected
guantities, as described in Section. 3.3.3, with a maximadnat velocity difer-
ence of 1000 km & (the fits are not sensitive to this choice) at redshift 0. We
show figures corresponding to Fig. 3.2, but without the cotmale and including

a polynomial fit that can facilitate future studies that wile the environmental
indicators to measure halo mass.

Environmental indicators that are directly obtained from observations

Here we will use environmental parameters that can be addadirectly from ob-
servations. In the next section we will describe how a betsimate of halo mass
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Figure 3.10: Halo mass as a function of threffedent environmental indicators
(corresponding to the columnsg 5 mMpgh N1 Mpgh @ndNampen), for three diferent
lower luminosity limits (corresponding to the rows, < {-23, -24,-25}). The
symbols are the medians of the data, while the errors repréise 1 spread (as
defined in the text). The solid line is the best fit third ordetypomial with coef-
ficients given in Table 3.2.
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Figure 3.11: Halo mass as a function of threffeifent environmental indicators
(corresponding to the columns, r4 andrqg), for three diferent lower luminosity
limits (corresponding to the rows < {-23 -24,-25}). The symbols are the
medians of the data, while the errors represent thesgread (as defined in the
text). The solid line is the best fit third order polynomiakkvcodticients given in
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Figure 3.12: Halo mass as a function of threffedtent environmental indicators
(corresponding to the columns, ryir N1.5 Rvir @NAN2Rvir), fOr three diferent lower
luminosity limits (corresponding to the rows, < {—23, —24, —25}). The symbols
are the medians of the data, while the errors representittspiead (as defined in
the text). The solid line is the best fit third order polynolwiéh coefficients given
in Table 3.2.

can be obtained iteratively. We provide the parametergspanding to third order
polynomial fits for the halo mass as function of the environtakindicators. We
fit a function of the form

log Mhato = (109 Mhaig)o + AP + BP? + CP®

WhereP indicates the logarithm of the environmental parameteniestion. We
fit on the medians in bins separatedAly = 0.25 for all indicators.

The fitted values for the normalization lddfa0)o and the three other polyno-
mial codficients are g, B, C) are given in Table 3.2 for six fferent environmental
parametersng.s mpeh, N1 Mpc/h, N2 Mpe/h, 1, T4 @andrg) and for six diferent upper
magnitude limits K = {—23,-23.5, —24, —24.5, - 25, —25.5}). Similarly, we fit the
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(10) spread in halo mass at fixed environment:
o (10g Mhaio) = (109 Mhaio)o + aP + gP? + yP3

Note that the distribution is not perfectly Gaussian, hansyetric, so as ad
error we user = (Psa — P16)/2, Wherepga e are the 84'th and 16'th percentile
of the distribution. The fit parameters are also given in @&bR. The halo mass
for a given environment can then be estimated from obsenaltidata sets using
Eq. 3.3, with the uncertainty given by Eq. 3.4. For comples=n the final column
of Table 3.2 indicates the Spearman rank correlatiorfficient between the halo
mass and the environmental indicator in question for thepd&aim question.

Similar fits can be requested at the author fdfedent filters used for the se-
lection, diterent redshifts, dierent environmental parameters gdlifferent flux
limits.

In Fig. 3.10 we show some of the relations between enviromnpamametrized
by n;, and halo mass for threeftirent values of and for three dterent samples
with different lower luminosity limits. The symbols are the mediassaduin the
fits, and the error bars are the 3preads of the data. The solid line is the best fit
third order polynomial for which the céécients are given in Table 3.2.

Fig. 3.11 shows the same, but now for the environment paraedtbyry for
three values of the rank. Note that these distributions are bimodal as shown in
Fig. 3.2, so the correlation with halo mass is in generahlljgveaker.

For the samples with a very high flux limit the fits are based bmied num-
ber of galaxies and bins, and are therefore more uncertamd®hot expect that
the brightest flux limits quoted here are used for low redstifdies.

A better halo mass estimator

As we have shown in Section 3.3.2 the strongest correlatatwden halo mass
and environment is obtained whenever galaxies are countaithwa distance that
scales with the virial radius of the halo. In order to to doaoestimate of the halo
mass is necessary. Using the relations described earlithismAppendix, from
the observable environmental indicators an estimate didfleemass can be made.
Using

Mhaio \° 1
Riir = 0.27h~*Mpc 0 3.5

" P (1012|\/|O 1+7 (35
which is the same relation as used in the rest of the paperttnotirial radii,
an estimate for the virial radius can be obtaineds the redshift, which is zero
throughout this paper.
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3.A. Obtaining halo mass from environmental parameters

Table 3.2: The codicients of third order polynomial fits to the halo mass as a tfancof six different
environmental indicators which can be obtained directiyrfrobservations above a flux limit (indicated in the
first column, fit codficients in columns 2-5), as well as ¢heients of third order polynomial fits to the spread of
the data (columns 6-9) and the Spearman rank correlatioficent between halo mass and the environmental
indicator (final column). The symbols are as defined in EsaBd 3.4.

P = Log;0[No.5 mMpd

MaximumK (Iog Mhaio)o A B [ (1og Mhato)o @ B Y S(Mhalo, P)
23 12.0 234 0.70 0.21 0.52 217 2.66 0.78 0.65
-23.5 12.0 2.83 -1.00 0.26 0.52 2.70 -3.84 1.33 0.61
24 11.9 3.97 -2.15 0.61 0.86 0.98 -1.57 0.41 0.54
245 11.9 5.60 3.77 0.97 0.92 2.31 -5.53 2.79 0.44
25 11.8 8.48 -8.40 3.02 1.51 -0.63  -3.33 3.47 0.32
255 12.0 12800 12800  0.00 2.38 -6.00  4.00 8.00 0.20
P = Log; o[N1 mpc]

MaximumK (logMhaio)o A B [§ o (logMhaio)o @ B Y S(Mhalo. P)
23 12.1 053 1.15 0.35 0.16 2.84 271 0.67 0.71
-23.5 12.1 1.30 0.56 -0.21 0.32 2.60 -2.52 0.59 0.65
24 12.0 225 -0.14  -0.06 0.50 263 -3.05 0.82 0.58
-24.5 11.8 5.06 -3.99 1.56 0.61 412 -6.91 2.76 0.49
-25 11.8 7.45 -6.78 2.32 1.02 3.78 -9.57 5.16 0.38
-25.5 12.0 6400 12800  0.00 2.62 -4.00 0.00 12.00 0.25
P = Logyo[n2 mpcl

MaximumK (Iog Mhaio)o A B [ (1o Mhaio)o @ B Y S(Mhalo, P)
23 12.4 -1.04 2.06 047 0.20 1.88 -1.05 0.11 0.63
235 123 -0.77 211 -0.53 0.16 2.45 -1.53 0.20 0.58
-24 123 -0.20 2.05 -0.61 0.30 2.69 -1.86 0.26 0.52
245 12.2 1.47 0.78 -0.31 0.41 4.09 -4.13 0.91 0.45
25 12.0 471 -2.86 0.84 0.56 728  -1415  7.07 0.38
255 12.7 6.72 -9.81 5.63 2.00 241 215 463 0.28
P = Logyolrs (™" Mpc)]

MaximumK (logMhaio)o A B [§ o (logMhaio)o @ B Y S(Mhalo. P)
23 12.6 0.15 057 0.26 1.17 035  -0.02 0.06 -0.47
235 125 -0.50 0.63 0.37 1.13 041  -0.02 0.10 -0.56
24 125 -0.85 0.59 0.45 1.00 -0.49 0.25 0.29 -0.56
-24.5 12.7 -1.07 0.51 0.46 1.12 -0.32 0.10 0.19 -0.50
-25 13.1 -1.16 0.21 0.33 1.38 0.08 -0.18  -0.01 -0.43
-25,5 14.1 -0.70 -0.30 0.08 1.23 1.04 -0.06  -0.37 -0.29
P = Logslr4 (h~TMpc)]

MaximumK (log Mhaio)o A B [ (1og Mhaio)o @ B Y S(Mhalo. P)
23 12.8 0.84 0.70 0.37 1.04 007  -0.07 0.02 -0.67
-23.5 12.9 -1.03 0.64 0.41 1.10 0.17 012 -0.06 -0.61
24 13.1 -1.35 0.48 0.49 1.05 0.18 012 -0.07 -0.52
-24.5 135 -1.48 0.20 0.43 1.05 0.54 -0.05  -0.13 -0.42
-25 14.3 -1.24 -0.37 0.24 1.01 0.95 001  -0.37 -0.35
255 14.9 0.26 -2.42 1.02 0.58 0.26 2.36 -1.35 -0.20
P = Logyqlr1o (h™"Mpc)]

MaximumK (Iog Mhaio)o A B [ (1o Mhaio)o @ B Y S(Mhalo, P)
23 133 -1.30 0.39 0.42 0.99 0.47 006  -0.16 -0.62
235 13.6 -1.63 0.21 0.56 0.93 0.48 010  -0.14 -0.53
24 13.9 -1.80 -0.06 0.70 0.89 0.71 0.06 -0.25 -0.43
245 14.6 -1.89 -1.27 1.22 1.01 0.52 0.09 -0.19 -0.34
25 15.1 -0.83 -2.67 1.45 0.97 0.42 0.31 -0.15 -0.28
255 10.6 10.40 9.15 234 2.79 -4.01 4,05 -1.20 -0.13
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Table 3.3: The codiicients of third order polynomial fits to the halo mass as atfancof three diferent
environmental indicators for which a good estimate of th@liadius is needed, above a flux limit (indicated in
the first column, fit coéicients in columns 2-5), as well as ¢heients of third order polynomial fits to the spread
of the data (columns 6-9) and the Spearman rank correlatigficent between halo mass and the environmental
indicator (final column). The symbols are as defined in Eca8d 3.4.

P = Log0[Ns Rvirl

MaximumK (logMhaio)o A B [§ o(log Mhaio)o @ B Y S(Mhalo. P)
23 12.0 207  -050 0.08 0.61 0.04 0.14 0.02 0.85
-235 12.0 268  -1.00 0.20 0.65 0.15 -0.32 0.07 0.81
-24 12.0 3.52 -1.75 0.40 0.85 -0.43 0.17 -0.06 0.74
-245 12.0 4.38 -2.42 0.56 1.15 -1.32 1.03 -0.34 0.63
25 11.7 866  -8.91 3.33 1.76 -4.44 551 231 0.49
255 125 896  -1437 892 3.06 1413 2625 -15.34 031
P = Log; 0[Ny 5 Rid

MaximumK (Iog Mhaio)o A B [ o (log Mhaio)o @ B Y S(Mhaio. P)
23 12.0 150 -005  -0.02 0.50 0.42 -0.40 0.07 0.86
-235 12.0 194  -034 0.03 0.58 0.35 -0.41 0.07 0.82
-24 12.0 259  -0.79 0.13 0.75 0.10 -0.31 0.06 0.75
245 11.9 446 274 0.72 113 -1.30 1.15 -0.39 0.66
-25 11.7 820  -8.34 3.16 1.64 -3.72 4.65 -2.02 0.53
-25.5 12.9 459 371 1.40 2.84 21168  19.69  -10.26 0.34
P = Logs0[M Rvirl

MaximumK (Iog Mhaio)o A B [ o (log Mhaio)o @ B Y S(Mhaio. P)
-23 12.0 1.24 0.09 -0.04 0.44 0.59 -0.48 0.08 0.86
-235 12.0 1.71 -0.20 0.01 0.53 0.56 -0.53 0.10 0.81
-24 12.0 239  -0.68 0.11 0.73 0.15 -0.27 0.05 0.75
245 12.1 315  -1.18 0.21 0.94 -0.11 -0.25 0.04 0.67
-25 12.0 5.38 -3.62 1.01 1.36 -1.51 0.93 -0.33 0.56
-25.5 12.7 642  -7.77 3.74 2.79 -11.36  19.20  -10.01 0.37

A better estimate of the halo mass can then be found by megshe projected
number of neighbours within a given multiple of the viriatlnas (with the same cut
in radial velocity diference), as shown in Section 3.3.3. In Table 3.3 we provile th
same third order polynomial fits as in Table 3.2, but for tHatien between halo
mass anahy rvir, N1.5 rRvir ANM2 Rvir, @S Well as the corresponding (higher) Spearman
rank correlation caoicients. Fig. 3.12 shows the relations for a selection of the
fits.

This procedure of obtaining a better estimate for the halssntan then be
used to iterate towards a reliable estimate for the halo nradading the spread in
halo masses at fixed environment (note that this spreadyssweall for high mass
haloes if the neighbours are counted within a multiple ofuin@l radius of order
one.)

We note that these halo masses are measured in the MillerBiomalation,
which uses the WMAP first year results for the cosmology, Whias (among
other diferences) a larger amplitude of fluctuations), This means that for a
given galaxy luminosity, the haloes will be slightly too ree. How this &ects
the relations between environment and halo mass is not clear
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The simulated galaxy luminosity function:
input physics, dust attenuation and galaxy
selection

Abstract

We investigate the luminosity function (LF) resulting framsmological hydrodynamical simulations with vary-
ing input physics, with and without an estimate for dustrattion. We find that in simulations in which the
supernova (SN) feedback is ffieient in massive galaxies, due to too low a wind velocity, @amip’ in the lu-
minosity function appears due to the overproduction of hous galaxies. Invokingfcient feedback in these
massive galaxies (either through the use of a momenturerdrivind prescription in which the energy in the
winds increases with galaxy mass, a top-heavy IMF for stan&bion at high pressure or AGN feedback) re-
sults in a monotonically decreasing LF. Dust attenuatiomplémented by assuming that the optical depth scales
with the metallicity-weighted column density, is mor&@ent in galaxies with lessfigcient feedback, as there
is more (high metallicity) gas available in such galaxiesthvficient feedback, little gas is left in the galaxies,
reducing the ffect of attenuation to close to zero. In low luminosity gadsxthe column densities and optical
depth are in general lower. From virtual observations we tiirad the LF as obtained using techniques used for
observations results in LFs very similar to those obtaineecty from halo catalogues. Nevertheless, for large
PSFs (corresponding to typical ground-based seeing ¢onslitvery deep observations may result in shallower
faint-end slopes of the LF, due to the preferential remof&dw-surface brightness galaxies.
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4.1 Introduction

The luminosity function (LF) has proven to be a very powet@dl in studies of
galaxy formation and evolution. Observationally, the Inosities of galaxies in
some wavelength band are relatively straightforward taioljirovided reasonable
estimates of the galaxies’ distances can be made (usualty $pectroscopic or
photometric redshifts) and ignoring dust attenuation. a@alformation models,
combined with stellar population synthesis models, cadiptéhe luminosities of
galaxies. Here, several uncertainties come in to play. kamele, the star for-
mation histories and metallicities of model galaxies mayb@representative of
real galaxies. Population synthesis models also do not egitheut uncertainty,
because the contribution of exotic kinds of stars (e.g. nladly pulsing asymp-
totic giant branch stars, TP-AGBs) may dominate the speetrargy distribution
(SED) of a simple stellar population (in this example, tharAafrared emission)
and the inclusion of these exotic stars is non-trivial (&lgraston, 2005; Tonini
et al., 2010). The initial mass function of stars is also @uto determine the
SED of galaxies and is not very well constrained, especiadtyat high redshift.
Further issues, specific to simulations are how to model elstction without
the presence of a multi-phase interstellar medium (ISM)thadspatial and mass)
resolution of the simulations used (see e.g. Jonsson, 200gts et al., 2009).

Going the other way, i.e. converting the observed lumiiessivf galaxies into
physical properties through SED modelling, comes at ledtét the same uncer-
tainties. Added to those are the fact that marffedent combinations of physical
properties are degenerate in their contributions to the 8Ebgalaxy. As an ex-
ample, a population may become redder due to ageing, having metals andr
more dust extinction. In order to break the degeneraciesdsst models a very
large range of wavelengths is generally necessary, ideatlging al the way from
the ultraviolet to the far-infrared (or even sub-millimestr Even then, some prob-
lems still exist. Noise in the data can allowfférent solutions to the results of
the SED modelling. Extinction will probably not be unifornerass a galaxies,
whereas most SED modelling attempts take one single valuthéoattenuation
of a galaxy. For a recent review of SED modelling techniqseg, Walcher et al.
(2010). Very strong extinction will even result in the rerabwef a galaxy from the
sample, anfect for which correction is nearly impossible.

Semi-analytic recipes for the evolution of the baryonic poment of galaxies
on top of some underlying dark matter halo merger history, usmually tuned to
reproduce the redshift zero LF in one or more broadbanddifeg. Cole et al.,
2000; Croton et al., 2006; De Lucia & Blaizot, 2007; Monacalet 2007; Bower
et al., 2008). Predictions for higher redshift LFs, or otfpysical or observable)
properties of the galaxy population, can then be made amelt@s order to vali-
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date the models. Hydrodynamical cosmological simulationghe other hand, are
usually not tuned to reproduce any LF. The LF is thereforesdiption of the mod-
els, but often already ruled out by observations. It is, rbedess, still interesting
to investigate the LF from hydrodynamical cosmological detions. Especially
when varying input physics of the simulations, as is donehia paper, as this
makes it possible to investigate what physical ingredishégpe the LF of a galaxy
population. Previous studies have already focused on thepietric properties of
simulated galaxies in various wavelength bands. For exanidgamine (2002);
Nagamine et al. (2004); Night et al. (2006) focus on the pimetoy of Lyman
Break Galaxies at various redshifts and find that many sitioua predict a LF
with a steeper faint end slope than observed, for moderatergsions about the
extinction. Using their packageunrise’, Jonsson et al. (2010) investigate the pho-
tometric properties of simulated mergers and from mockt lggnes constructed
from the Millennium Simulation (Springel et al., 2005) wigbmi-analytic models,
Kitzbichler & White (2007) and Stringer et al. (2009) compérne observed optical
properties of a large range of galaxies at @ < 5.

In cosmological simulations, much of the physics that isyvierportant for
galaxy formation is not resolved, i.e. important procedsée place on (mass,
length and time) scales below the resolution limit of thedations. For this
reason, these simulations rely on sub-grid models thatitesthe dfects of the
small scale processes on the scale of their resolutiongfatlyrtypically ~ 10° M,
andor ~ 1 kpc). There is considerable freedom in the implementabibthese
sub-grid models and in the values of their parameters. Masgiple choices are
well motivated, but result in substantiallyfiéirent galaxy populations.

In the current paper we use a small sub-set of the OverWhglynirarge Sim-
ulations (Schaye et al., 2010), in order to investigate the &f simulated galaxies.
Many of the physical parameters, including the stellar niasstion, have already
been discussed in Chapter 2. Here we implement the populsgiathesis models
of Bruzual & Charlot (2003) in order to estimate the lumities of the galaxies in
several filters. As already alluded to, the LFs cannot be @rpeto give as good
a match to observations as achieved by semi-analytic moéetsajor draw-back
is also the cosmology used in these simulations, which maeWMAP 3-year
results (Spergel et al., 2007), and have a lower amplitudictuations than the
currently favoured WMAP-7 year results (Komatsu et al., @01A more funda-
mental prediction of the simulations than the LF is the dhstion of luminosities
of galaxies as a function halo mass. This relation can thexbeolved with a halo
mass function from the favoured cosmology in order to pteitie LF. We post-
pone such an analysis to future work and will focus on the L#ieectly obtained
from the simulations’ halo catalogues.

For these reasons, the goal of this paper is not to match gena galaxy LF
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as well as we can, but rather to

1. investigate how the input physics of VL Ssimulations &ects the shape
of the LF.

2. investigate how we can model dust attenuation in sinanativith a resolu-
tion typical of current hydrodynamical cosmological siatidns.

3. compare the LFs constructed from virtual observationth whose from
(sub-) halo catalogues.

Observers identify galaxies by selecting regions of pixeose surface
brightness exceeds the background by some specified thdesBomulators, on
the other hand, usually identify gravitationally boundgwe of particles, and call
the centres of these structures (containing the stars dddyes) galaxies. These
methods are so fundamentallyffiérent, that it is not at all guaranteed that they
would yield the same LF, even if they would both have the egante population
of galaxies. We will therefore project our star particlesodmages, convolve them
with a reasonable point spread function, add noise, anceqoesitly measure the
LF with the tools observers would use for this (in this Chapte use SExtractor,
Bertin & Arnouts, 1996). We will show that these two method=d/very similar
LFs, which is encouraging for studies comparing modelleti@served galaxies.

The structure of this chapter is laid out as follows. In Secd.2 we describe
the simulations used in this chapter and the physics theB#sntion 4.3 describes
how we deal with the population synthesis and we show theergence and evo-
lution of the LFs, followed by a description of howfldirent input physics influ-
ence the shape of the LF. Dust attenuation andffeceon the LF are discussed
in Section 4.4. The creation of virtual observations and.fRe resulting from the
procedure observers would follow are described in Sectibradd we conclude in
Section 4.6.

4.2 Simulations

For a detailed discussion of the full set@WLSruns we refer the reader to Schaye
et al. (2010). Here we will briefly summarize the set of sintiolss, their relevant
numerical properties and the sub-grid models under corzgida.

4.2.1 OverWhelmingly Large Simulations

The simulations are performed with an extended version & kWrBody
Tregsmooth particle hydrodynamics (SPH) codepGr3 (an improved version
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of Gapcer2, last described in Springel, 2005) in periodic boxes of 2& #0 co-
moving Mpc ITL. There are 512dark matter and equally many baryonic particles
(which can be either collisionless ‘stars’ or collisionga$’ particles). The particle
mass of the highest resolution simulation under consiaer&25h~Mpc box size,

2 x 512 particles) is 88x 10° M,, for dark matter and initially B5x 10° My, for
baryons (the baryonic particle masses change during thseatf the simulation
due to mass transfer from star to gas particles).

Initial conditions are generated witlusrast (Seljak & Zaldarriaga, 1996) and
evolved forward in time from an initial glass-like statengsthe Zel’'Dovich (1970)
approximation t@ = 127, where the simulation is started. The cosmology assumed
is specified byQ,, = 0.238,Qp, = 0.0418,Q4 = 0.762,0g = 0.74,n = 0.951 and
h = Ho / (100 km s1/Mpc) = 0.73. These values were deduced from the WMAP
3-year results (Spergel et al., 2007) and are largely camgigith the more recent
WMAP?7 results (Komatsu et al., 2010). The most significastidipancy is in
og, Which is 8% lower in WMAP3 than in WMAP?7 (resulting in sligyhtdelayed
structure formation in the WMAP3 cosmology).

The names of the simulations are as followSIAME LxxxNyyy, in which
‘NAME is a very short description about which parameters are gbdfalways
specified in the text),L'’xxX is the box size, in which. = {100, 050, 02§ cor-
responding to 100, 50 and 25 comovihg‘Mpc and N’ denotes the number of
particles, such thall = {512, 256, 128 corresponds to 2 times 53,2256 and
128 particles, respectively. As an example, the reference thinde25h Mpc
box with 2 times 512 particles will be denoted byREF.L0O25N512

4.2.2 Subgrid physics in the reference model

Radiative cooling and heating are treated by explicitlyoiwing 11 elements in
photo-ionization equilibrium with the CMB and a Haardt & Mad(2001) model
for the UV/X-ray background radiation from quasars and galaxies, sarithed in
Wiersma et al. (2009a). At some density, deep inside halwesknow that the
gas is composed of several phases, ranging fronwhain tenuous gas to cold,
dense molecular clouds. This high density, multi-phase ISMot resolved and
particles with proper physical hydrogen number densitigs> 10t cm™2 and
temperature§ < 10°K are put on a polytropicféective equation of state (EoS), in
which the pressur® o« p’eff, whereyeg = 4/3 is the polytropic index (this value
is chosen, such that both the Jeans mass and the ratio ofahe l@éagth and the
SPH kernel are independent of the density, thus preventindais fragmentation
due to a lack of numerical resolution, see Schaye & Dalla Mec2008), ang is
the mass density of the gas. The normalization of the pglidrequation of state
is such that the energy per unit mass corresponds 1d<1& a mean molecular

109




CHAPTER 4. SIMULATED GALAXY LUMINOSITY FUNCTIONS

weight of 1.2. Star formation is followed stochasticallytiwa pressure dependent
star formation rate, obtained from the observed KenniSotimidt law (Kennicultt,
1998a) and local hydrostatic equilibrium, as discusseccha@e & Dalla Vecchia
(2008). Gas particles are only allowed to form stars whew #re on the EoS, so
there is a threshold density for star formatiomgf> 10~ cm3.

The star particles are assumed to be simple stellar popuga(iSSPs) with a
Chabrier (2003) IMF. Stellar feedback from massive stas @upernovae is im-
plemented kinetically, which means that we launch a winth wiind velocityw,, =
600 km s?, in which the mass loading is such that the energy in the warcee
sponds to about 40% of the energy available from superndvgg® |l (including
Ib,c), which for our IMF means that the mass loading in thedwin= 2xSFR. For
details on the kinetic wind implementation, see Dalla Véa& Schaye (2008).
The enrichment of the gas by AGB stars, Type la and Type ll{ting Type Ib,c)
supernovae is followed explicitly for the 11 elements nekefiw the cooling as
described in Wiersma et al. (2009b).

4.2.3 Variation of subgrid models

In this chapter, we will make use of three variations to thferance model de-
scribed above. One, which we will call ‘No $No Z cooling’ includes neither
supernova feedback nor metal-line cooling. By comparinmg ritodel to the refer-
ence simulation we can investigate the influence of SN fegddba the LF, with
and without dust attenuation. We turnefll metal-line cooling because the metal-
licity of dense gas becomes unrealistically high in the abseof SN feedback.
Note that there is still gas cooling through hydrogen andihel The OWLS name
of the simulation is ‘NOSNNOZCOOL..

The SN feedback as implemented in the reference model becm&gcient
for high-mass galaxies (Chapter 2), because the presstinese galaxies is suf-
ficiently high to prevent the wind from escaping. The newlyigred gas sur-
rounding young stellar particles stays where it is and tigh Imetal content and
high densities result infiective cooling and star formation. In order to have a
simulation with éfective feedback from star formation for a wider range of gala
masses, we implement a model that has a top-heavy IMF if #repatticle forms
at a pressur@®/k > 2.0 x 10° cm3K (evaluated at the resolution limit of the sim-
ulation). The IMF used is a top heavy IMF witiNddM o« M~ (in these units,
Salpeter would have an index of -2.35). The excess energgspwnding to the
higher fraction of high mass stars per unit stellar mass éoris used to increase
the initial wind velocity from 600 km g to 1618 km s'. This model is called
‘Top-heavy IMF’, while its OWLS name is ‘DBLIMFCONTSFV1618

In order to investigate theffect of a varying wind mass loading (and to get a
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higher mass loading in low mass galaxies) we use a wind modehich the mass
loading and the wind velocity depend on the circular velobit = +VG Myir/Ryir)
of the halo (determined using an on-the-fly group finder dutire simulation) they
were launched from, as followss, = 5v¢/ V2 andy = \/AE X (Ve/150km s1)~1,
Note that the energy in these wind models is not constantramdases with galaxy
mass (and exceed the total available energy from SNe for st massive galax-
ies). In low mass galaxies the mass loading is higher thargim tmass galaxies,
but the velocity is lower. These models are motivated by awlhiving mechanism
in which the winds are accelerated by radiation pressuma fitee stellar popula-
tion on dust grains (Murray et al., 2005). We will here caisttmodel '"Momentum
driven winds’ and its OWLS name is ‘WVCIRC'. This model is yeimilar to the
model of Oppenheimer & Davé (2006, 2008)

The last simulation we will discuss here includes AGN feettbd he prescrip-
tion for the growth of the black holes and the correspondaegiback are described
in Booth & Schaye (2009). It is the OWLS simulation ‘AGN’. Binodel produces
black holes that follow the observed scaling relations (Ba@& Schaye, 2009) and
effectively suppress star formation in massive haloes (Ch@pte

4.2.4 Halo identification

Haloes are identified using a Friends-of-Friends (FoF)rélyo, linking together
all dark matter particles which are closer to each other tharinking parameter
(b = 0.2 times the mean inter particle distance). Baryonic padicre linked
to their nearest dark matter particle and belong to the saimepg if any. FoF
identifies iso-overdensity contours &f 3/(27b%) ~ 60 (Lacey & Cole, 1994).

Within these haloes, gravitationally bound substructaes identified using
the SubFind algorithm (Springel et al., 2001). SubFindtstasith the output of
FoF and removes any unbound particles. Bound substrucineeseparated from
the main halo and classified as subhaloes. The separatite slibhalo and the
main halo occurs at saddle points in the density distrilbutéll particles inside the
subhalo are removed from the main halo, so the mass of the mfondecreases
whenever a subhalo is identified. Each subhalo (above sosotution limit, see
Sect. 4.3.1) is considered to be a galaxy.

4.3 Population synthesis

We obtain observables (such as magnitudes and coloursyif@gataxies using the
techniqgue commonly known as population synthesis. The lddénd this tech-
nique is to obtain a spectrum of the galaxy by summing up allgbectra of its
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Figure 4.1: In the left-hand panels we show the rest-fr&veand LF of all sub-
haloes in the referend@WLSruns at redshift 2 (upper panel) and 0O (lower panel).
Lines with the same line style have the same box size (affiel€lnt resolutions),
while lines with the same colour, butftirent style have éierent box sizes at
the same resolution. In the right-hand panels we show the sbat now for the
B-band. The vertical dotted lines show the adopted resaldiiits in the sim-
ulations with the resolution corresponding to the samewroldVe conclude that
the LF is well converged with respect to resolution and thattiox size is only
important for sampling the high luminosity end of the LF.
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stars. To this end, we assume every star particle to be an.8SR,stellar popu-
lation with a single age and composition. The spectrum &f 88P then depends
on its age, metallicity, mass and the IMF. The spectrum ivaeed with a fil-
ter profile to obtain (broad-band) magnitude in any wavebdesired. As input
SSP spectra we use the package of Bruzual & Charlot (20033BG6 now on),
with a Chabrier (2003) IMF, consistent with the IMF used ia #imulations. The
mass and metallicity are simply the initial mass and meigfliof the star particle
(inherited from its parent gas particle) and the age the simee its creation.

We interpolated the BCO3 spectra to a regular grid of 1008 age 20 metal-
licities, bracketed by the lowest and highest age and ntglhvailable in the
BCO03 package (so extrapolation was necessary). This stkpantlae assignment
of spectra to star particles computationally mofigceent. For every wavelength
bin we used a 2-dimensional cubic spline interpolation terjpolate in logp(age)
and logo(Z), whereZ is the metallicity. To obtain magnitudes we use the BC03
filter integration algorithms. This procedure gives a venosth interpolation be-
tween the SSP magnitudes given by the standard BC03 software

We assign to every star particle a magnitude (or spectruom this 20x1000
table by taking the nearest age and metallicity combinagigailable scaling it to
the appropriate mass (the initial mass of the star partivl&) do not use any other
spectra than SSP spectra, as the formation of a star pastenteevent that is a delta
function in time. In marginally resolved galaxies this medlnat, because of the
stochastic nature of the star formation in these simulafitme age distribution of
the stellar content is very spiky. In higher mass galaxidwne there are thousands
(Mstar ~ 10° M) to millions of star particles this stochasticity is waslued.

We will here first show LFs without correcting for attenuatioMe will focus
on rest-frameK-band absolute luminosities, because attenuation shaulelb-
tively unimportant in theK—band.

4.3.1 Convergence of the LF

The upper left panel of Fig. 4.1 shows the LF at redshift twehie K—band for

5 different simulations, all with the same physics, but usirfpent box sizes (at
fixed resolution, all red lines) andftirent resolutions (at fixed box size, all solid
lines). By comparing the solid lines to one another one cartisat with respect
to numerical resolution, our LFs are reasonably well caywerover a large range
of luminosities. The size of the box is only important for tiigh-luminosity end:
we sample the LF to higher luminosities in larger boxes, g&eted. At the low-
luminosity end there is a down-turn of the LF, which is expddb be due to a lack
of resolution in the lowest mass systems. The vertical ddittes show the resolu-
tion limits we adopt for simulations with a resolution of tberresponding colour.
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Figure 4.2: The evolution of the LF as a function of redshdit high resolu-
tion (solid lines, theL025N512simulation) and lower resolution (dotted lines,
L100N512simulation, which has 64 times lower mass resolution). ffddént
colours indicate dierent redshifts. The LFs are only shown for the magnitude
range we consider converged.

The diterence between the vertical linesAK = —-2.5log,,8, as expected if the
resolution limit in luminosity equals the ratio in mass fesion of the simulations.
The adopted resolution limit for simulations in a B5-Mpc box with 2x 512 is
K =-16.

For simulations with dferent input physics we verified that the same resolution
limit holds at all redshifts we present in this paper. In tipper right panel we
show the same, but for the-band. In theB-band the adopted resolution limit is
B = —-16.5 for the same resolution simulations.

At redshift zero the resolution can be slightly relaxed. (iee the same reso-
lution, the LF is converged down to fainter luminosities$, slhown in the lower
panels of Fig. 4.1. The adopted resolution limits in the at0 areK = -185 and
B = —20, respectively, for the 100 'Mpc boxes with 2« 512 particles. The very
lowest resolution shown is not well converged at any lumigo&rom now on we
will only show LFs on the converged luminosity range.

4.3.2 Evolution of the luminosity function

For the reference simulation we show in Fig. 4.2 the evolutd the LF from
z=4-0, for both the low and the high resolution simulations (tighhresolution
only for z = 4 — 2 as the simulation stops at 2).

The number densities of galaxies of Kl-band luminosities grow with time,
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and the growth is stronger for higher luminosities. At raéfishower than two we
observe some peculiar behaviour in the low-resolution Etian. Towardsz = 0
a bump appears in the LF. This feature has also been obseyveggenheimer
et al. (2010) in the stellar mass function at comparableluésa for constant wind
models like the simulations presented in Fig. 4.2.

The appearance of the bump is closely related to the feedpadcription
used. As discussed in Chapter 2, winds may or may not esceathxy anfbr
host halo depending on the prescription used and the mabks bf&to. The winds
need to be launched with affigiently high velocity in order for the gas to over-
come hydrodynamical drag forces in the ISM. The requiredaitt increases with
the pressure of the ISM and thus with the mass of the galaxy is#la Vecchia
& Schaye, 2008). If the wind velocities are too low, metatigmed gas piles up,
the star formation rate increases and too many stars are€orirhis is visible in
Fig. 4.3 as a relatively sharp upturn in the number densitjatdxies FOK < —-23.

4.3.3 The d#fect of feedback from star formation and AGN

Simulations that use wind prescriptions which afiéceent in removing gas at all
masses do not predict a bump in the LF, as shown in Fig. 4.3biimg is absent in
both the model with a top-heavy IMF for starbursts and fontfwalel that includes
AGN feedback, which confirms that it was indeed the resulhdficient feedback
in massive galaxies. AGN feedback is mofiicgent in suppressing star formation
in massive galaxies, as was also shown in Chapter 2. At thduownosity end the
LFs predicted by the the models that include SN feedbackndiuthe momentum
driven winds, converge. This is because in lower mass geddkie pressure in the
ISM is low enough to form the majority of the stars with the aidf IMF, such
that the SN feedback in all these simulations is the samehacause AGN are not
active. The momentum driven winds result in a considerah®fiewer faint-end of
the LF. Because the galaxies are of low mass, all wind védscitsed are shicient
for the winds to escape the galaxies. In the lower mass gala#ie wind mass
loadings are higher, removing a larger part of the ISM in ¢rgelaxies.

So far, we have only looked at the stellar luminosities, Wwldan be compared
to attenuation insensitive bands, like te-band, or to extinction corrected data.
Because extinction corrections come with large unceregniand does not help
for galaxies that were removed from the sample by extingtiis also useful to
try and go the other way around: estimate the extinctionwlatld arise from the
distribution of gas (and especially metals) in the simolatand compare directly
to observed LFs. We will do this in the next section.
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Figure 4.3: The K-band luminosity function at redshift zéothe reference (black
solid line), no SN feedback and no metal-line cooling, teay IMF for star-
bursts (red dotted line), momentum driven wind (magentaddshed line) and
AGN feedback (blue dashed line) models. The bump, whichng @kvious in the
reference simulation, is hardly present in tlkeetive feedback models and absent
in the AGN feedback run.

4.4 Dust attenuation

On its way outward through the ISM of a galaxy, star light emters gas and
dust which can absorb or scatter photons. Dependent on thelemgth under
consideration, an estimate for the amount of dust attemuadi crucial to get the
luminosity (or colour, as dust changes the colour by the Veaggh dependency of
the scattering and absorption) of a galaxy is crucial.

The clouds in the ISM in the solar neighbourhood that arearsiple for the
bulk of the attenuation are not resolved by our simulatiafis.will therefore have
to rely on some parametrization (or sub-grid model) for thst@ttenuation. Our
approach is to model the dust attenuation on a star partycktds particle basis.
This allows for gradients of attenuation throughout a gglalue to varying gas
densities and metallicities. In Appendix 4.6 we explainphecedure of obtaining
column densities from the simulations and we show the cticel between hydro-
gen column densities and several properties of the haldes.hydrogen column
densities towards star particles correlate strongly withtbtal mass, stellar mass
and star formation rate of their host haloes. Correctingtfese correlations leaves
the spread of about two orders of magnitude in the columnitiengfor given halo
mass, stellar mass or star formation rate) in tact, but tisare correlation left with
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either of the other parameters we tried.

Here we will use the metal column densities from star pasidhtegrated out-
ward along a line of sight (L.O.S.) for 100 kpc. We tested tistasce up to which
the L.O.S. integration should be carried out in the follayvimay. Increasing the
distance up to which gas particles are still counted inegé#se column density up
to a few to several tens of kpc, after which it remains coriqthere is no EoS gas
in between haloes). We therefore chose to use 100 propkpc for the maximum
distance at which particles can still contribute to the ISCGowards a star parti-
cle. Absorption by the intervening intergalactic medium ba taken into account
separately, but we will not consider it here.

441 Method

In Appendix 4.6 we we explained how we compute hydrogen colaensities
to individual star particles. Because the optical depth wudust extinction is
expected to scale with the metal column rather than the lggiir@olumn density
(dust after all is made up of metals), we estimate dust at@mufor an individual
star particle from the metallicity-weighted hydrogen entudensity in front of the
particle and the observed relation between the gas columsitgeand the optical
depth in some band for solar metallicity. We then use an etitin law in order to
get optical depths for any desireffextive wavelength.

The observed relation is based on observations in the seighlmourhood (at
solar metallicity) and relates the optical depth in B¥dand to the hydrogen col-
umn density:rg = 5.3x107%2Ny as derived by Xu et al. (1997), which is consistent
with the results of Larson et al. (2000). With a solar metéifiof 0.012 and the as-
sumption that the optical depth in tBeband due to dust attenuation scales linearly
with metallicity, we become

B = 53x lO‘sznH (%)C“_

whereny is the hydrogen number density adds the metallicity. In order to get
the attenuation in other wavebands an extinction law candeel.u Because the
present approach is already full of uncertainties itseH,decide to use a simple
power law approximation of the extinction law, given by

2oy

T8 \AB ef

in which 7, is the optical depth at theffective wavelengthes, 75 the optical
depth inB from Eq. 4.1 andig & = 4391A. The value for the extinction law index
n varies among dierent authors, ranging from 0.7 in the model of Charlot & Fall
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Figure 4.4: The LFs irK (upper panels) an8 (lower panels) at redshift 2 (left
panels) and O (right panels), both including dust attepnafsolid lines) and ex-
cluding attenuation(dotted curves, which are also showfign4.3). TheK-band
LF is less influenced by dust attenuation than Baeand LF. Strong SN feedback
and AGN feedback lower the high density gas content of gatagnd therefore
result in a smaller dierence between the attenuated and unattenuated LF.

(2000) to 1.5 for the SMC (Weingartner & Draine, 2001). We 0486, after Shao
et al. (2007). Some studies use extinction laws which ar@uma power-laws, but
have features, like the often used Calzetti et al. (19940p6%tinction law.

4.4.2 Luminosity functions with dust extinction

The inclusion of dust extinction can potentially change sign of the &ect of
feedback on the LF. In simulations with morfeztive feedback, haloes contain
less gas and form less stars. However, the dust attenuatigrboenmuch lower in
such simulations due to the much lower gas densities.

In Fig. 4.4 we show the rest-frani2- andK—-band LFs with and without dust
for the same simulations and redshifts as in Fig. 4.3. Tifextive wavelength of
the K-band is almost 5 times longer than that of Band, so the optical depth
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in K is roughly 5 times smaller than that B, which corresponds to about 1.7
magnitudes. The fierence between the LFs (compare adjacent panels) seems,
however, to be somewhat smaller. This arises because theastiles which

are visible are the ones with a low extinction, whereas thesdhat are heavily
obscured are invisible in both filters (even in tkeband the optical depth is high

for the highest column densities).

Fig. 4.4 shows clearly that attenuation is less importargimulations with
more dfective feedback: the simulation with AGN feedback hardlpveh any
attenuation at all, even in tigband, because of théheient removal of ISM gas,
especially in the high mass galaxies.

4.4.3 The shortcomings of dust attenuation estimates in co®logical
SPH simulations

The ideal situation for simulators would be to rely on dustmbation estimates
observers obtain from their data, and compare their attemiaorrected lumi-
nosities directly to the unattenuated luminosities of dated galaxies. Unfortu-
nately, the observationally inferred extinction correns are highly uncertain and
are only available for galaxies in which the attenuation s@sciently modest for
the galaxy to be detectable. Moreover, there is not oneesimginber for attenua-
tion of a galaxy. Diferent stellar populations are covered bffatient dust clouds,
but the only quantity that can usually be inferred from theawvlations is theféec-
tive attenuation of the integrated light of the galaxy. Aliigh these issues make
the inclusion of dust attenuation in simulations worthwhthis procedure is also
highly uncertain.

We have only showed one particular estimate of the dustwtem, while
much more are possible. Some authors have used even simgtieods than the
one presented here, and others have used much more coegblit@dproximate)
radiative transfer schemes in order to estimate the sieullgalaxy SEDs (e.g.
Jonsson, 2006). In real galaxies, small, cold and dense&<lare responsible for
the strongest extinctions, but cosmological simulatiomshsas ours do not yet
include this cold, interstellar gas phase.

If more ‘realistic’ scenarios for extinction are desirediolwledge about the
number, covering factor and column densities of absorbiogds is required and
would thus necessitate some ad hoc assumptions. Even if veetovase a multi-
phase model for the gas on the equation of state (e.g. Joessbdn 2010; Scan-
napieco et al., 2010) we would still need to assume someildison of cloud
numbers and sizes. As all this information is not predictgthle simulation itself,
the model for the extinction would become disconnected fiteersimulation. This
is the main reason why we instead chose to use an observédirdlatween metal
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column density and the optical depth, which itself is therage of a sample of
sight lines that pass through some number of absorbing sloud

Another method for estimating the attenuation, based omwarsion of the
Kennicutt-Schmidt law (in which the column density of gag&imated from the
star formation rate of a galaxy), tends to strongly oveneste the attenuation,
because the total attenuation of a galaxy is weighted by igiele luminosity of
star particles, and therefore biased towards the leasiuated parts of a galaxy.

4.5 Mock images and galaxy selection

Observers identify galaxies on an image by grouping regairgxels that have
a certain minimum surface brightness. Using packages likar8ctor (Bertin &
Arnouts, 1996) this processed can be automized in a clearegandducible way.
The methods for galaxy identification used for simulationd abservations are
therefore very dferent. We have used SubFind to identify gravitationally-sel
bound structures, in the centres of which there usually &nes.s A galaxy’'s lu-
minosity is then just the sum of the luminosities of the bostat particles. It is
therefore not at all clear that the observers’ way of idgmtg galaxies will give
the same brightness for the galaxies as the methods comrapplid to simula-
tions, even if the underlying distributions of galaxies @entical. For example,
there might be projectionfiects in which smaller (satellite) galaxies cannot be
separated from the bright galaxy in front or behind them andreled haloes of
stellar light may dissolve into the background.

By creating virtual observations, we can perform a galaxgci®on procedure
very similar to the one used by observers. In this section Widikgt describe the
creation of the images, followed by a description of the $&otor settings we use
to identify galaxies in the images. We will investigate th#uence that SExtractor
parameters and the parameters for the creation of the maageisn(e.g. the size
of the point spread function (PSF), the noise propertiestlaagixel size) have on
the obtained LFs. We will use parameter values that are fgpwgjual to those in a
selected set of observations . We will only use the refersimelation at redshift
2,ina 25h‘1Mpc volume, with %512 particles, except in the resolution study,
where we vary the particle number. We will not use the 0 resolution, because
our simulations that go down to= 0 do not have dticient resolution to match
observed data sets.

4.5.1 Creating mock images

We will make images with properties that roughly match thokeeal observa-
tions. We focus on three filerent surveys. For thdubbleUltra Deep Field (UDF,
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Figure 4.5: An example of the images produced by the destpbacedure. These
come from the reference simulation at redshift two, in theesbed MEGACAM
i-band. The image shows 340230 pixels, which corresponds to ¥711.5 arcsec
and 580x 390 comoving kpc. The parameters are those used to mimicubblel
UDF, so the PSF is a Gaussian with a FWHM of 0.12 arcsec andike is Gaus-
sian with a FWHM of 28 mag arcset The overdrawn apertures are the apertures
defined by SExtractor (check image typeertures’) on which the photometry is
performed.

Beckwith et al., 2006) the pixel size is 0.05 arcsec, the tpgpnead function can
be approximated by a Gaussian with a full width at half maxm@FwHM) of
0.12 arcsec, and the noise on the image (after subtractsngngan) is well ap-
proximated by a Gaussian with a standard deviation of 28 megpa®. For the
VIMOS VLT Deep Survey (VVDS, Le Févre et al., 2004) the pisee and PSF
(Gaussian FWHM) are 0.205 arcsec and 0.8 arcsec, respeciivee background
was diferent for diterent nights. For simplicity we assume the noise level tdibe t
same as the one for the UDF: 28 mag arc$éwhich is unrealistic, but as we will
show below does not influence the results). The last surveinvestigate is the
Canada France Hawaii Telescope Legacy Survey (CFHTLS,r@alet al., 2007).
In order to compare to the ‘wide’ survey of CFHTLS, we assuypéctl exposure
times of one hour, which with their standard read-out noisg @B) magnitude
zero-points results in a background subtracted noise ibesicby a Gaussian with
FWHM 26.9 mag arcseé on pixels of 0.186 arcsec with a PSF (average seeing
conditions) of 0.7 arcsec.

The observational surveys used slightlffelient filter sets, but in order to facil-
itate direct comparisons we always use the i-band filter o&GEAM, as used in
the CFHTLS. This is their reddest filter with a reasonabletlilelp has an fective
wavelength of 770 nm, which at redshift 2 corresponds toftectve rest-frame
wavelength of 257 nm. The noise levels for the other data aetdaken from

121




CHAPTER 4. SIMULATED GALAXY LUMINOSITY FUNCTIONS

SubFind
Hubble UDF
WDS
CFHTLS

L, ]

P T

I

—4 —4 K

| | . . . . . . . . . .
-12 -14 -16 -18 -20 -22 -24 -12 -14 -16 -18 -20 -22 -24
i—band magnitude (AB) i—band magnitude (AB)

L

SubFind
SExtractor

Figure 4.6: Left panel: the LF from both SubFind (dotted lines) and SExtractor
(solid lines), for three simulations withfé&rent numerical resolution, all with the
same parameters for the creation of the images and for tleetaet of galaxies.
The diferences between the LFs obtained by SExtractor for therdnt resolu-
tions are entirely due to the underlying distribution of m@$ and the creation
of images and measuring the luminosity functions using &exr are insensi-
tive to numerical resolutionRight panel: The LF as obtained from SubFind, i.e.
directly from the simulations (dotted line), compared te thminosity function
obtained using mock images, mimicking thredatient observational data sets:
Hubble UDF, VVDS and CFHTLS, respectively. The parametéthase data sets
can be found in the text.

nearby filters F814andl for UDF and VVDS, respectively).

For computational ficiency we cut the simulation box in 2010 regions (of
2.5 x 2.5 x 25 comovingh~*Mpc) and project the stars along the long axis onto
pixels of the desired size.

In Fig. 4.5 we show an example of (part of) an image created fhe reference
simulation at redshift two, with the SExtractor aperturesrdrawn. The image
shows 340x 230 pixels, which corresponds to X711.5 arcsec and 580 390
comoving kpc. The parameters are those used to mimic thelellhbF, so the
PSF is a Gaussian with a FWHM of 0.12 arcsec and the noise isszauwith a
FWHM of 28 mag arcse@. In low density regions it is clear that most if not all
sources are well defined. In higher density regions, likeatka left of the centre of
the image, some emission can be missed. We will use the_amiég) magnitudes
of SExtractor in the remainder of this chapter.
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4.5.2 Comparing the LFs from halo catalogues and mock obseav
tions

Fig. 4.6 compares the LFs obtained from virtual observatioith those obtained
from halo catalogues. The mock observations used parasrfetethe images and
for SExtractor as described above for the Hubble UDF). Tftepkmel compares
three simulations with dierent numerical resolution. In each case the LFs from the
mock observations (solid histograms) match those from éihee datalogues (dotted
lines) well down to abouit = —15 ( = —17 for the lowest resolution shown). The
difference in the LFs from SExtractor forfidirent resolutions are therefore the
result of the diferent star formation histories of the haloes in the simoretj and
not of the mock image procedure.

In the right panel of Fig. 4.6 we show the LF from SubFind tbgetwith
three LFs from mock images, all for the reference simulagibthe highest reso-
lution atz = 2. These three closely mimic the UDF, the VVDS and the CFHTLS.
Down to the luminosities that define the depths of the suratlyhree observa-
tional data sets follow the LF obtained directly from haldatagues very well.
Thus, if our simulated galaxy sample would be observed theeitf the three tele-
scopginstrument combinations described, then the LF obtainedidvbe nearly
exactly the same as the true LF of the galaxies in the sinomatiown to some
limiting magnitude. It is, nevertheless, not straightfard to compare the three
LFs, as they dfer simultaneously in terms of the background noise levedlpi
size and PSF size (the SExtractor settings for the three tdsshawever, identi-
cal). In the following sections we will look at thdfect of varying the parameters
for the mock image creation and for the detection and phatgnoé the galaxies.
We will vary the parameters one-by-one using the parametees corresponding
to the HUDF as our baseline.

4.5.3 Mock image parameters

In this section we will investigate the dependence of thexgaselection technique
using mock images and SExtractor on the parameters usecefating the virtual
observations. Specifically, we will vary the noise levek 8ize of the pixels and
the size of the Gaussian PSF. These are all varied away fretdtiDF values by
factors of 5 and 10, roughly bracketing the other obsermatidata sets.
Increasing the noise level by factors of 5 or 10 results inLke shown in the
upper left panel of Fig. 4.7. As expected, the minimum obsgigalaxy luminosity
increases with the noise level. The LF is already complatgdtaxies that are only
1 magnitude brighter than the faintest detected objectsgatesn noise level (the
underlying galaxy population is the same for the three Lssdmown by the dotted
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Figure 4.7: The influence of several image creation and SEtxr parameters on
the obtained LF. In théeft columnwe vary the parameters used when creating
the image, from top to bottom: the size of pixels (and thusréselution) of the
images, the size of the PSF (varied over a factor 5 and 10) lemdmount of

noise

(the HUDF value and that increased by a factor of 5 and ItOthe right

columnwe vary three important SExtractor parameters, from topottom: the
minimum deviation of the pixels above the background, thHelateling contrast
and the background (global as used in the other plots versusahbackground
determined on a small and on a large area). The solid blagkdithe default model
and is the same in every panel. The dotted black line is thefltReounderlying

galax

population directly from the simulations.
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line).

Changing the size of the PSF (from the default, a Gaussiam avitandard
deviation of 0.12") strongly fiiects the recovered galaxy population. If we increase
the PSF (at fixed pixel size) by a factor of 5 or 10, so to a Ganssith standard
deviations of 0.6” and 1.2", we detect less galaxies as weasite galaxies out
more and we start to loose the low surface brightness objeutseasing the PSF
therefore results in a much flatter LF over a large range @galuminosities, as
shown in the middle left panel of Fig. 4.7. Only the very btigt galaxies follow
the same LF as the one obtained from images with a smaller\WBife the SEx-
tractor LF agrees with the intrinsic (i.e SubFind) LF fotx —15 for a 0.12” PSF,
the two only agree for < —19 andi < —20 for PSFs of 0.6” and 1.2", respec-
tively. Note that a PSF with a standard deviation of 1.2” i$ extremely large.
This may indicate that at high redshift the LF, if observethveipatial resolutions
typical for ground based surveys, may be strongly flattenesitd the selection
technique used to identify the galaxies. Hence, if the gidwesed surveys shown
in Fig. 4.6 had integrated longer and therefore producedrghtons with have a
higher signal-to-noise ratio, then the low luminosity efthe measured LF would
most likely be shallower than that of the underlying pogolabf galaxies.

The size of the pixels (for a fixed PSF size) is also importantte selection
of galaxies, as shown in the lower left panel of Fig. 4.7. éasing the pixel size
results in a higher minimum detected luminosity. Note, havethat in the im-
ages with larger pixel sizes, the FWHM of PSF is smaller thauixal, which is
unrealistic.

4.5.4 SExtractor configuration file parameters

The detection of galaxies with SExtractor depends on marmgnpeters, some of
which are more crucial than others. In this section we withpare the LFs ob-
tained after changing some of the parameters in the configaréile within ac-
ceptable bounds.

The first parameter we vary is the detection threshold. Ommtlage, the soft-
ware determines a background (for variations of the backgta@stimate, see be-
low) and specifies it by a mean and a standard deviatidBources are then defined
to be objects if at least some number of adjacent pixels (&)tsand out above
the background by at least some number of standard desatiBy default, we
have set this threshold tar5 Decreasing this parameter from 5 tor tesults in
the detection of fainter sources (i.e. sources with a lowgase brightness) as we
can see in the upper right panel of Fig. 4.7. A deviation ofdat is not rare, so
sometimes a collection of noise pixels will be mistaken ftmvabrightness galaxy.
The blending of sources will be more important in highly pleped regions, as it
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is easier to connect blobs of emission with pixels exceetlirdhackground byd
than with pixels exceeding the background by 3 he threshold does not influence
the shape of the LF at higher luminosities, as the few pixéls moise-like surface
brightness do not add significantly to the luminosity of abtigalaxy. Increasing
this threshold by a factor of 5 (i.e. demanding a source taodstaut 2%~ above the
background) results in much less faint galaxies, but highinosity end is again
undfected.

The estimate of the background on the image is also subjedetw SExtractor
settings. In the first place, one can choose between a gloldboal background.
Global means that it is the same over the whole image, wtikd lefers to a locally
determined background.We have so far chosen to use a glatiatound, because
that is what our mock images contain. Here we investigatethveineor not using a
local background influences the selection of galaxies (&edé¢he background the
same when creating the images). For example, in highly péediregions of the
universe the local background might be higher, blending llawinosity objects.
In the middle right panel of Fig. 4.7, we compare the resultsiging a global
background to results using a local background, for whichsetethe area used
to determine the background to thredfeient (and extreme) values: 2000 pixels
(almost as big as the image), 200 pixels and 20 pixels (oidgitsy larger than
the objects themselves). Although the last choice extdra&F to slightly fainter
levels, the diterences are marginal. We conclude that for our method ohgddi
noise, the selection of galaxies with SExtractor is indemsto the details of the
background estimation (but this would probably change ifweze to make the
background change gradually across the image).

The last parameter we will investigate is the minimum caitfar deblending.
Whenever there is a saddle point in the surface brightnesshdition, SExtractor
has to decide whether there are two slightly overlappingcgs, or whether it is
one, with substructure. The parameter that influences #usion is the minimum
deblending contrast, which is the ratio between the intedgrantensity of both
sub-peaks. A very high minimum contrast means that fluetgdields are more
likely to be regarded as one source. For more details we t@fertin & Arnouts
(1996). The number of levels in surface brightness is lethatdefault setting,
32. In the lower right panel of Fig. 4.7 we compare severalimim deblending
contrasts. Varying the parameter over 4 orders of magniffrden 0.5 to 5x
107°) does not make an appreciabldfeience for the recovered LF. We therefore
conclude that this parameter is not crucial for our purpod@®ther conclusion is
that blending of sources is not an importaffeet for the mock images. If it were,
a very low minimum contrast would have been able to deteellgatgalaxies as
seen in projection before or behind a more luminous gala>gte Nhowever, that
we may underestimate the number of superpositions of phijysienrelated objects
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due to the small size of our volume. The spatial resolutiothefsimulations and
images (of order 1 kpc) is also large enough to ensure thgakdkies have fairly
smooth surface brightness profiles.

We want to note here that at lower redshift (ezg= 0.1, the median redshift
of SDSS) the dterences between the LFs from halo catalogues and from lirtua
observations could well be larger. At low redshift, the massaloes contain a
large halo of ‘intra-cluster light’, stars that are far awegm the central galaxy in
a large dituse halo (up to~ 30% of the luminosity of what would be called the
central galaxy). It is well possible that such haloes arepieited up by SExtractor
as being part of the galaxy. The spatial resolution of theukitions that go down
to redshift zero are comparable to the SDSS angular resp|igo resolution issues
are likely to play a big role, and for this reason we postpam&hsan analysis to
future work.

4.6 Conclusions

We have investigated the LF of galaxies in several simuiatiaifering in the
input physics. We focused an= 2 andz = 0 and investigated an implementation
of dust attenuation and itstect on the luminosity function in both the- and the
B-band. Finally, we created virtual observations and oktithe LF using the
tools observers would use for the same purpose.

Whenever LFs are obtained from observations wittficent SN feedback
(and no AGN feedback) in high mass galaxies, an over-abuwaedahhigh lumi-
nosity galaxies appears. This shows as a ‘bump’ in the LF.Higle luminosity
ends of such simulations correspond to the high luminosity ef the LF of a
simulation without any SN feedback, indicating that thedfeseck in these high lu-
minosity galaxies is indeed very ificient. In simulations with a top-heavy IMF
for star formation at high pressures, for momentum-drivémdwnodels (which
have more energy in the winds than available from SN, eslhyedmhigh mass
galaxies) and for simulations with AGN feedback (which araimy effective in
shutting df star formation in high mass haloes) the ‘bump’ disappeadgstiaa LF
goes steeply down. The low mass end slope of the luminositgtion mainly de-
pends on the mass loading in the winds: higher mass loadswtsein a flatter
slope.

The inclusion of dust attenuation can potentially changesilgn of the &ect
of feedback on shape of the LF, because besides loweringdhdosmation in
massive galaxies it also lowers the gas content and pogsiblgust content. We
estimated the dust attenuation from the metallicity-wiidhgas column density
towards individual star particles. By doing so, we make $bet the dust atten-
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uation may vary with location in the galaxy and that the at&gion scales with
the metallicity and gas column towards star particles. Tifeceof dust attenua-
tion implemented as such is that the attenuation is stréngeéise most luminous
galaxies and stronger for simulations with weaker feedlfatkiven intrinsic lu-
minosity). The diference in attenuation in th€andB-bands is less than the factor
of 5 difference in the optical depth for given column density for ¢hego dfec-
tive wavelengths, because the total apparent luminosidpisinated by the least
attenuated stellar emission.

It needs to be noted, that due to the low spatial (and massjutEs of cos-
mological simulations, dust attenuation estimated mayheovery reliable. As
the bulk of the attenuation in the solar neighbourhood happlkie to small high
opacity clouds (and there is no reason to suspect thisterelnt in other galaxies),
dust extinction happens on scales much smaller than thiitiesolimit of current
simulations.

We made mock observations, mimicking threfatient observational data sets
(the Hubble Ultra Deep Field, the VIMOS VLT Deep Survey arel@FHT Legacy
Survey) at redshift 2 in a rest-frame UV band. We concludé doavn to the flux
limits of the surveys the LFs obtained from the virtual olbaéons agree very well
with those obtained directly from the halo catalogues.regengly though, the size
of the point spread function may become very important fay \eep, ground-
based surveys. For large PSks]( arcsec), but deep images and low noise levels,
objects of low surface brightness are preferentially remdovom the sample. As
the fraction of low surface brightness galaxies is highetdaer luminosities, this
may substantially flatten the low-luminosity end of the okisd LF, compared to
the underlying intrinsic LF.

LFs should not be used as discriminators betwedierint cosmological hy-
drodynamical simulations (as is often done for semi-aialgtodels of galaxy
formation). Even if LFs are obtained by convolving halo mfasetions (obtained
with the favoured cosmology) with the galaxy luminosity afuaction of halo
mass, plenty of diiculties still remain. The star formation histories of gad&xin
models invoking dierent sub-grid physics vary strongly and a distinction Igole
based on the shape of the LF will probably prove degeneraiso, &specially
for blue rest-frame wavelengths, dust attenuation will i@artant, and how to
estimate dust attenuation for a galaxy is far from trivial.
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run on Stella, the LOFAR BlueGefiesystem in Groningen and on the Cosmology
Machine at the Institute for Computational Cosmology in ltam as part of the
Virgo Consortium research programme.

Appendix A. Column densities in SPH simulations

In order to obtain galaxy magnitudes which include tffea of dust attenuation,
we calculate column densities through the simulation barsst,Fwe will summa-
rize how densities are defined in SPH and how we calculatergotiensities along
lines of sight through the simulation box. We will then shaswhhydrogen column
densities depend on galaxy properties. Finally, we willtheecolumn densities of
metals in order to estimate the attenuation of stellar layh& star particle by star
particle basis.

SPH interpolation and densities

In SPH simulations the density field is discretized by a sepaticles whose

smoothing kernels determine their contribution to a givegsical quantity at a

given point in space. Although in principle a kernel can haysethora of shapes,
they are usually chosen to be similar to Gaussians, althdlugy go to zero at

small distance from the particle. The most commonly usedelas the one orig-

inally proposed by Monaghan (1992), which consist of twagaroth described
by a polynomial. This form goes to zero for a value equal to twees the kernel

length. Springel (2005) introduced a kernel, which we udese shape is exactly
the same, but goes to zero at one kernel length and changesiptien half-way:

1-6(5)7+6(5)° 0<L<05
W(r h) = — 2(1-1y® 05<t<1
F>1

Both transitions from one to the other prescription areiooious up to the second
derivative. The value of the smoothing lengtis chosen such that for every den-
sity there are aboutispy particles within one kernel (in our simulatidfspy = 48).
The value of a given physical quantity at the location of iplat (o)), in this ex-
ample the density, is now given by a summation of all gas @asgtithat fall within
the kernel of poinfp, weighted by that kernel:

N
pi = Z mW(rijl, hi),

=1
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whereri; = ri —rj. The value of the kernel in the point of interest is deterrdibg
increasing a sphere until it contains a constant mass, anefftine abouNsp ~ 48
particles. Note that the value of the kernel depends on theekat the location
the density is desired of, but not on the kernels of the otheigles. This is called
the ‘gather approach’, contrary to the ‘scatter approaafiich we will describe
below.

Column densities

Surface mass densities are obtained by integrating thetgatsng a line of sight

(L.O.S.):
r- [ pood
LOS

wherelL is a spatial coordinate along the L.O.S.. At every point iacsp the
physical density is determined by a kernel-weighted sunil gfaaticles (of which
~ 48 should contribute). The method we use to obtain colummities changes
the order of the summation over the particles and the intiegralong the L.O.S..
For every particle we obtain its contribution to the L.O.8egral, as a function
of its impact parameteb. We tabulate the column densities as a functiorb of
in a look-up table. We distinguish between particles whosmdds are crossed
completely (from one edge to the other) and particles forctvine L.O.S. either
starts or ends within its kernel.

For computational ficiency we use the kernel of the particle under consider-
ation, rather than the kernels of all points along the L.OT®is is slightly incon-
sistent with the actual SPH formulation usedaincer, as explained in Section 4.6
(we use the ‘scatter’ rather than the ‘gather’ approach)wéi@r, within one ker-
nel length the density will not vary much, leaving the kesnetry similar and the
errors introduced by this procedure are minor@o).

For particles with kernels that are completely crossed byLtl.S.the look-up
table is one dimensional, having the impact parameter asrilyeparameter. We
tabulate a value for the column density, normalized to mas$ufnn density per
unit mass’) and we use spatial coordinates normalized t&eheel (i.e.b/h). The
integral is evaluated numerically using Romberg integratilhe impact parameter
is taken to be between 0 and 1 in 10.000 steps. This reduceslétize error in
the kernels of the particles along the L.O.S. to be Of)LO

For particles whose kernel overlaps with the start or theddride L.O.S., the
estimate described above would be too high. For these legrtice use a two-
dimensional table of (mass- and kernel-normalized) coldemsities, with the im-
pact parameter and a ‘distance parameter’ (the distanceghrthe kernel, perpen-
dicular to the impact parameter). Due to memory issues we leeer precision
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Figure 4.8: The distribution function of column densitiesthie Rer’ simulation
at three dfferent resolutions: 582256 and 128 particles. The number of lines
of sight in a bin is divided by the total number in the box. E&cB.S. targets a
different star particle.

for this table than for the one-dimensional one. As thiseahill only be used
for a small fraction of the particles (for L.O.S. much longiean a typical particle
kernel), the number of steps for both parameters betweemmteero is chosen
to be 1000. This is a minor limitation, as there are many mamtigles crossed
completely than partially, for L.O.S. longer than a typipalticle kernel £ kpc).
In this work we will mostly consider L.O.S. of 100 kpc, whesge kernels deep
inside the haloes are 1 kpc in the high-resolution simulations.

Column densities towards star particles in cosmological SP simula-
tions

Selection of gas

In this paper we are interested in the attenuation towaedtgstticles by the gas in
a galaxy. Because we are interested in the gas of a galaxyegenbles the ISM,
we will only take gas into account that has a density excegtfia star formation
threshold. This gas is expected to be responsible for thgebtgart of the attenua-
tion and is probably closely related to the gas measured anRabservations and
the gas probed by molecular indicators (although this wbeld fraction of all E0S
gas (in volume even a small fraction), the other part of th8 Bas being the warm
and ionized ISM). The L.O.S. are taken along the main axese$imulation box,
and therefore the galaxies are oriented randomly reladivee L.O.S..
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Figure 4.9: The distribution functions of column densitiesards star particles in
the reference simulation, the simulation without metaélcooling and SN feed-
back the simulation in which star formation at high densitiecurs with a top-
heavy IMF (and the extra available energy is used to incrédesevind velocity),
the simulation with momentum-driven winds and the simolatincluding AGN
feedback. The low column density ends of the distributiom exactly the same
for the simulations with SN feedback The second, higher peake reference
simulation is absent in the simulation witffective feedback in high mass haloes.
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We tested the distance up to which the L.O.S. integrationulshbe carried
out in the following way. Increasing the distance up to whigs particles are
still counted increases the column density up to a few toragtens of kpc, after
which it remains constant (there is no EoS gas in betweerebpldNe therefore
chose to use 100 proper Kpcfor the maximum distance at which particles can
still contribute to the L.O.S. towards a star particle. Wiobtaining observables,
absorption by the IGM could be added separately, but we willdo so here.

Convergence of the L.O.S. column densities

To be sure that the column densities obtained are not syratfependent on the
numerical resolution, we plot the normalized distribuidn Figure 4.8 for three
different particle numbers in theer’ simulation in a 25 Mpc box. The value of
every bin is the number of lines of sight in that bin dividedthg total number
of lines of sight in the box (i.e. the number of star partidteshe box). The high
column density end of the distribution is slightly depertdamresolution. This was
expected as theffectiveness of feedback is also somewhat resolution depende
(Chapter 2). BelowNy = 107! cm? the distribution functions are, however, very
similar. The high column density cutfas higher for higher resolution simulations,
because the highest volume density that can be reachedd$epenhe resolution
(it scales roughly with the particle mass divided by the exuifig length squared,
and softening and particle mass depend on resolution).elneit section we will
show that the dferences betweenftierent physical models are far larger than the
resolution &ects.

Distributions of hydrogen column densities for diferent input physics

The distribution of hydrogen column densitidsy( = XyX/my) towards all star
particles in a box of (25 Mpb)3, with the reference parameter set and the three
different simulations used in this paper are shown in Figureh®.double peak is

a feature arising from the ifiective feedback in high mass haloes, where the winds
are not able to escape (Chapter 2). To illustrate this, Eigud also shows the dis-
tribution for a simulation in which star formation at deresitabove some threshold
pressure happens with a top-heavy IMF. The extra availaidegg per unit stellar
mass formed is used to increase the velocity of the wind fromté 1618 km st.

The second, high column density peak is absent, while thefése distribution is
undfected. In the model without any SN feedback and without rHetalcooling

the very highest column densities reached are as high agjinesthin the reference
simulation. This (and the fact that the highest column dessin the simulation
with a top heavy IMF at high pressure are lower) indicates tiwa highest (res-
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Figure 4.10: The relation between the hydrogen column tleasalong lines of
sight to all star particles, binned according to the totassnaf the halo they are in.
In the upper panel, the diamonds are the medians in the bibstbraxes (all bins
contain equally many L.O.S.). The thin solid lines are theid® 84 percentile lines
of the distribution in the bin. The dotted line (and rightti@al axis) indicates the
fraction of L.O.S. with zero column density. The lower paimelicates the range
between the percentile lines in the upper plot.

134




4.A. Column densities in SPH simulations

olution dependent) column densities that can be reachedrdyereached when
feedback is infiicient. The overall normalization of the model without SNdee
back and without metal-line cooling is much higher, becanaay more stars have
formed in that simulation. In the simulation with momenturivein winds and in
the simulation with AGN feedback the distribution is vergngar to the one in the
simulation with the double IMF, with some smallfidirences at the high column
density end. The low column density end in all simulationthv8N feedback is
very similar, which is an illustration of the self-regulati of star formation by SN
feedback.

Correlations between hydrogen column densities and halo perties

In order to investigate the dependence of the column dessdiong the line of
sight to star particles on properties of the galaxies theyimrwe use Friends-of-
Friends haloes. For the star particles in haloes, which Wéogsely call galaxies,
we will correlate the median column densities in bins of ptgisproperties like
stellar mass, star formation rate or ISM mass of the same halo

We bin the L.O.S. such that in every bin are equally many L.@a&ording to
halo mass and star formation rate surface densigy{= SFR/RZ,, where the total
FoF group mass is used as the virial mass) for the referemadagion in Figures
4.10 and 4.11, respectively. The symbols plotted are theansdh both horizontal
and vertical quantities. The thin lines are the 25th and pgticentiles, while the
thick straight solid line in Fig. 4.11 is a power-law fit to threedians. The dotted
line indicates the fraction of L.O.S. that have zero colurengities, as indicated
on the right vertical axis (bins for which this fraction erds 0.5 are not used
for the power law fits we discuss later on). The lower panelshihe diference
between the two percentile lines as a function of the sanmedwntity. In every
case, the spread is about 2 orders of magnitude, with onlyak wependence on
halo properties.

As can be seen from these plots, there is a tight correlagbnden the hydro-
gen column density and halo mass or star formation ratecidiansity. This also
holds for the correlation between the hydrogen column deasd stellar mass and
between hydrogen column density and star formation ratesfmmwn), The spread
in the data is about two orders of magnitude and increaggi#tlgliwith halo mass,
star formation rate aridr star formation rate surface density. The fraction of star
particles that have zero column density is roughly constént 15%. In high
mass haloes this starts fluctuating more, because theofmaatistar particles far
away from the centre is higher, and also satellite galaxdegribute (centrals and
satellites will be in the same FoF halo).
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Figure 4.11: The relation between the hydrogen column teasalong lines of
sight to all star particles, binned according to the stantttion rate surface density
of the halo they are in for the reference simulation at rdtdghi Symbols are

explained in Figure 4.10. The solid lines are power law fitshi medians, the
relations for which are given in the legend.
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Figure 4.12: Same as Fig. 4.11, but now for the simulatio witop heavy IMF
for star formation above a density threshold. The relatieiwveen median column
density and star formation rate surface density is mucteflétan in the reference
simulation. Note that the extent of the vertical axis i§atient than in Fig. 4.11.

Effective feedback

In thepeLvF, in which stellar feedback idiécient at all halo masses, winds escape
more easily from high mass haloes. In these haloes, the ga#yles expected to
be lower, and the star formation rate also is. Therefors,difierent implementa-
tion of star formation and feedback might result iffeiient correlations between
halo properties and column densities. We saw already b#fatéhe very high col-
umn density end was truncated for this simulation (c.f. Fegt19). In Figure 4.12
we show the correlation between the hydrogen column deasifythe star forma-
tion rate surface density as defined before. Indeed, the sibfhe correlation is
strongly ditferent ¢ 0.7 instead of~ 1).
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Table 4.1: Correlations (Spearman rank correlgtipand power law exponents)(
from fits between the hydrogen column density and several raperties in two
of our simulations. The two not available power law indicegresent simulations
for which the correlation between that halo property and nahss cannot be well
described by a power law, as shown in Fig. 4.10 for the referasimulation.

Reference  Top-heavy IMF

Halo property p n Jo n

Mhalo 0.54 n.a. 0.36 n.a.
M. 0.55 0.76 0.37 0.36
SFR 0.55 0.60 0.41 0.33
SFR/RZ/ir 054 1.02 0.41 0.73

Correlation strengths

To discriminate between theftirent correlations found in the previous section,
we calculate a Spearman rank correlationficient. The value of this cdicient
will always be between -1 (perfect anti-correlation) andoérfectly correlated),
while a value close to 0 indicates a lack of correlation.

In Table 4.1 we compile the correlation ¢heientsp for correlations between
the hydrogen column density andiérent halo properties. For the simulations for
which the relation between the halo property and the coluemsities are well
represented by a power-law, we also give the result for a thi@form

NH(X) o X"

in which X are the halo properties, ands the power law index quoted in the table.
These are the fits shown in the figures of the correlations ds We only fit on
bins in column densities with non-zero medians, as otherttis fit result depends
on the value we assign to those. For the rank correlatiofficeats we do include
star particles with zero column density.

Correlation of residuals

If we correct all values for the column density for the valxpected from one of
the halo quantities (i.e. using the fit results quoted in @abll, with the proper
normalization), we remove the dependency on one of theaetgyarameters. We
can now investigate whether or not residuals correlate wotitler halo properties.
So, we now do the same analysis, but between a correctedggrdoolumn density
(Alog(Np) = log(Ny) — log(Ny)(X)) and the other halo properties.
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When doing so for every combination of parameters reportéthble 4.1, we
find that all other correlations are insignificant and poveer fits give slopes very
close to zero (with normalization also close to zero), with $ame spread of two
orders of magnitude in the corrected hydrogen column deriElite example of the
REF Simulation, with the L.O.S. corrected for the median vals@ &unction of star
formation rate surface density plotted against the steikss of their halo, is shown
in Figure 4.13. There is no correlation left, the distributiis still two orders of
magnitude wide and the median is very close to zero with aweigk dependence
on the stellar mass. Without showing the results for othenlinations of halo
properties, we emphasize that this is true for all combamatiof halo properties
that correlate well with the halo mass (like, e.g. stellassatar formation rate
and star formation rate surface density).

This means that the the median of column densities in a haioiggiely deter-
mined by either one of the parameters, and that, after dargefor the correlation
with that property, there are no correlations left in theadsgt between these halo
parameters and residual column density. We are not abletéondi@e the source
of the scatter and do not identify what causes its extent.
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Figure 4.13: The relation between the column densitiesiected for the trend
found with star formation rate surface density, and thdastetass of the halo the
corresponding star is in for the reference simulation asmgd2. Symbols are
explained in Figure 4.10. The lower panel shows the widthefdistribution of
residuals, similar to the lower panels of Figs. 4.10, 4.1d 4ri2. There is no
relation between the residuals and any other halo propeatycbrrelates with halo

mass.
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Variations in Integrated Galactic Initial
Mass Functions due to Sampling Method
and Cluster Mass Function

Astronomyé- Astrophysics, 2010, 512, 79
M.R. Haas & P. Anders

Abstract

Stars are thought to be formed predominantly in clusterse §thr clusters are formed according to a cluster
initial mass function (CMF) similar to the stellar initialass function (IMF). Both the IMF and the CMF can
be approximated by (broken) power-laws, which favour loassiobjects. The numerous low-mass clusters will
lack high mass stars compared to the underlying IMF, sineertbst massive star cannot be more massive than its
host cluster. If the integrated galactic initial mass fimc{IGIMF, i.e. the total stellar mass function of all stars
in a galaxy) originates from stars formed in star clustérs, IGIMF could be steeper than the IMF in clusters.
We investigate how well constrained this steepening is amdihdepends on the choice of sampling method and
CMF. We investigate the observability of the IGIMEext in terms of galaxy photometry and metallicities. We
study various ways to sample the stellar IMF within star teltss and build up the IGIMF from these clusters.
We compare analytic sampling to several implementatiomammdom sampling of the IMF andftérent CMFs.
We implement dierent IGIMFs into thesaLev evolutionary synthesis package to obtain colours and fioitias

for galaxies. Choosing fiferent ways of sampling the IMF results irfiérent IGIMFs. Depending on the lower
cluster mass limit and the slope of the cluster mass functiom steepening varies between very strong and
negligible. We find the size of thefect is continuous as a function of the power-law slope of tMFGf the
CMF extends to masses smaller than the maximum stellar miagsnumber of O-stars detected by GAIA will,

if some uncertain factors are better understood, help tggutie importance of the IGIMFfect. The impact

of different IGIMFs on integrated galaxy photometry is small, imitthe intrinsic scatter of observed galaxies.
Observations of gas fractions and metallicities could ouleat least the most extreme sampling methods, if other
sources of error are fiiciently understood. As we still do not understand the detfilstar formation and the

sampling of the stellar IMF in clusters, one sampling metbadnot be favoured over another. Also, the CMF
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at very low cluster masses is not well constrained obsemally. These uncertainties therefore need to be taken
into account when using an IGIMF, with severe implicatioas dalaxy evolution models and interpretations of

galaxy observations.

5.1 Introduction

A series of papers (Kroupa & Weidner, 2003; Weidner & Kroup@d4, 2005,
2006, the latter WK06 from now on) pointed out that the dittion of initial
stellar masses in a galaxy may significantly deviate fromirtfil mass function
(IMF) the stars have when they are born, if the vast majoritgtars is born in
clusters. These clusters follow a power-law mass functibe ¢luster mass func-
tion, CMF), which means that most stars form in low-masstehss In low-mass
clusters there is a deficiency of massive stars (as the masiveastar cannot ex-
ceed the total cluster mass), resulting in an integrateatcgalinitial mass function
(IGIMF) that is, at the high mass end, steeper than the IMF.

The universality of the IMF is still an often debated topid. id as yet not
clear whether the IMF in all Galactic star clusters is the sawhether or not the
field stars in the Milky Way follow the same mass distributemcluster stars, and
whether the IMF in other galaxies is the same as here. The Bvshaped by
the very complicated processes which transform molecltardccores into stars,
processes which would be expected to be environmentakdepé Therefore, a
non-universality of the IMF would intuitively be expected.

As the distribution of stellar masses has a profound impachany aspects of
the evolution of galaxies, it is important to know to whatenttthe IGIMF deviates
from the underlying stellar IMF (which is often used as IGIMiFgalaxy evolution
studies) and how thisfizects galaxy properties. For example, the relation between
star formation rate andddluminosity is shown to be steeper in galaxies with a very
low star formation rate (Skillman et al., 2003), which canelsplained by having
a steeper IGIMF for low SFR galaxies (Pflamm-Altenburg et2007) due to the
preferential formation of low-mass clusters. Also, thedigats in galactic disks
of SFR and K luminosity are diferent due to clustered star formation (Pflamm-
Altenburg & Kroupa, 2008). The supernova rate per unit atathass formed and
the chemical enrichment history of a galaxy are influencethbyGIMF as shown
by Goodwin & Pagel (2005). In a recent paper Hakobyan et @042 study the
difference in rates of supernovae of typécliand type Il and find that their re-
sults can be explained by having a steeper IMF in the ousstirgalaxies than in
their centres, which can be explained by fietent ‘IGIMF’ in the outskirts of the
galaxy as compared to the inner regions due to a lower SFReinutskirts.

Recently, Recchi et al. (2009) investigated th¢He] versus velocity disper-
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sion in early type galaxies and the rates of supernovae &f Dgte Il and la in
several galaxy types in the light of the IGIMF framework. YHind that if one
assumes a constant star formation rate over a Hubble tire,fthn all but the ir-
regular galaxies these numbers agree well with the obsefalees. Recchi et al.
(2009) explained this discrepancy by stating that for mfaggalaxies a constant
SFR over the age of the Universe is not likely to be a good aqumiation.

However, other studies (see e.g. Sandage (1986)) find appatety constant
SFR for late-type spiral galaxies (&d), and declining SFRs with time for earlier-
type galaxies (where the decline time decreases while dming Sc to E galaxies).
For Sa-Sc galaxies, the SFR is directly related to the aMailgas mass, resem-
bling the Kennicutt-Schmidt law (Kennicutt 1998a). Stads, superimposed on
any of the standard Hubble types, seem to be a common phenom&hey have
the strongest impact on photometry and chemical enrichfoeldte-type galaxies
(which are typically of low mass) and major mergers (due t titiggered ex-
tremely high SFRs). Such starbursts might be interpretéceasntly rising SFR”
as found by Recchi et al. (2009).

WKO6 test three dferent scenarios for sampling stellar masses in a cluster.
They conclude that ‘sorted sampling’ (see Sect. 5.3.3)repsbduces the observed
relation between maximum stellar mass in a cluster and tistesi mass (but see
Maschberger & Clarke (2008) for a critical re-evaluationtlois relation). The
amount of steepening of the IGIMF is found to depend on theptiaghn method
and on the power-law index of the low-mass end of the CMF.

For galaxies as a whole, the low-mass end of the CMF is notaeektrained.
Even in the Milky Way we can only see low-mass star-formirgjams (few to few
tens of solar masses) nearby, while for distant galaxiels segions are too faint.

In this work we investigate the dependence of the IGIMF on the

1. Sampling methodstellar masses in clusters can be sampledffer@int ways
from the stellar IMF. We will show that the specific samplingthrod is in-
deed important and thatftierent sampling methods givefidirent results, as
was already shown by WKO06. We will extend their set of sangpiirethods.

2. Cluster mass functionit is to be expected that theffects on the IGIMF
depend on the CMF. Sampling issues become more importatavfemass
clusters, and therefore a lower minimum cluster masgoauadsteeper CMF
will result in a stronger steepening of the IGIMF. We takeeslied CMFs
for high mass clusters and extrapolate them down to the massdserved
star forming regions in the solar neighbourhood. We ingesti the impact
of different lower mass limits and power-law indices.

In Sect. 5.6 we implement some IGIMFs into the GALEV galaxplation
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models (Bicker et al., 2004; Kotulla et al., 2009), whicHdual the photometric and
chemical history of idealized galaxy models self-consigye We will investigate
how properties like the integrated broadband photometsgveral filters and total
gas metallicity are influenced by taking into account sangpigsues in the IMF,
and discuss observational needs to quantify the importahtee IGIMF dfects
for galaxy evolution and observations of integrated galawoperties.

We will start by presenting the mass distributions of stas eusters that we
use in Sect. 5.2 and discuss our sampling methods, incluiognsistency test
of the sampling methods in Sect. 5.3. The results for the IGke shown in
Sect. 5.4 for several sampling methods with a constanteriusass function and
for one sampling method with a variety of cluster mass fumsti In Sect. 5.5
we calculate the number of O-stars that will be observed byAGAnder various
assumptions, and we compare the results of our IGIMFs wihatbrk on single
O-stars by de Wit et al. (2004, 2005). Sect. 5.6 describeg#hxy evolution
models and shows results on the integrated photometry agrdichl enrichment
of galaxies with various IGIMFs. The conclusions are présgéim Sect. 5.7.

5.2 The underlying mass functions

Here we discuss our choices for the stellar IMF and the alussess function. The
methods of sampling these distribution functions are tpéectof the next section.

5.2.1 The stellar initial mass function
For stars we used the Salpeter (1955) IMF:

&(m) = dN =A-m?,

dm
with —a = —2.35. The reason for this choice was computational simplicitiye
steepening of the IGIMF as found by Kroupa & Weidner (2003gidNer &
Kroupa (2004) happens at relatively high stellar massesyliich other IMFs (e.g.
Kroupa, 2001; Chabrier, 2003) have similar power-law iadicThe diferences are
expected to be small betweerffdrent IMFs. We will compare the Salpeter IMF
to the Kroupa (2001) IMF in Sect. 5.4.1. The normalizatiomstant &) was
calculated from the total number or mass of stars. The mimirand maximum
stellar masses were taken to be 0.1 and RO respectively. Although there are
indications that there is a fundamental stellar upper nasgsdf ~150 M, (Weid-
ner & Kroupa, 2004, and references therein), the uppeiastelass limit has little
influence on our results.

144




5.2. THE UNDERLYING MASS FUNCTIONS

5.2.2 The cluster mass function

For the star clusters we assumed a power-law mass functiolasto Eq. 5.1.:

N _ 5w

There exists a debate betweeftalient groups who try to obtain the cluster ini-
tial mass function (CMF) in distant galaxies. In studiesaehhiry to constrain the
power-law slope of the CMF from the relation between the SFR galaxy and
the number of clusters in a galaxy (or, equivalently, theihowsity of the brightest
cluster in a galaxy), many groups find valuegof~ 2.3 — 2.4 (e.g. Larsen, 2002;
Whitmore, 2003; Weidner et al., 2004; Gieles et al., 2008&)re direct measure-
ments of the masses of the clusters, however, tend to fin@vaonsistent with
B =20 (e.g. Zhang & Fall, 1999; de Grijs et al., 2003; McCrady & am, 2007;
Larsen, 2008). Bastian (2008) notes that this discrepaanybe alleviated by as-
suming that the clusters really follow a Schechter-like srdistribution, which is
a power-law at low masses, but turns over at a typical massaintexponential
fall-off of the number of clusters. The high mass of this turn-ovew €°M,)
makes it hard to infer directly from the masses. Their streffigct on the upper
mass limit for the clusters in a galaxy makes it detectaldenfa statistical point
of view, though. See below for a discussion on how Schedikei€MFs might
influence the IGIMF #&ect.

Here we took pure power-laws with a slopet 2.2 for consistency with
the work of Weidner & Kroupa (2004), and to have a case that lsetween the
values found by the two competing camps. In Sect. 5.4.3 waudssthe specific
caseB = 2.0 as well as a continuum of slopes in the rapge 1.8 — 2.4, to cover
the whole range of slopes found observationally.

Although the range of cluster masses probed is wide, thenzditgenally acces-
sible extragalactic star clusters have masses exceedgVg) except for clusters
in the Magellanic Clouds. As minimum mass for star clusteesused a default
value of 5Mg, as did Weidner & Kroupa (2004). As the value for a physiceldo
mass limit for clusters, if any, is unknown, this mass waemakecause it is the
lowest mass of groups of stars that is observed to be formitigel Taurus-Auriga
region (Bricefio et al., 2002). This lower limit is far beldlae range in which the
power-law behaviour is observed. It is an extrapolation ofarthan two orders of
magnitude. This extrapolation is assumed in other IGIMElistu as well and the
best we can currently do. The upper mass limit for star clastas set to infinity.

We varied both the lower and the upper mass limits to invatgigow sensitive
our results are to variations of these values. The minimwstet mass is expected
to be important, and &, is far below observational limits of any young star cluster
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that is outside the solar neighbourhood. Observationatations for an upper
cluster mass limit are found in e.g. the Antennae (Zhang & E8B9) and M51

(Gieles et al., 2006b; Haas et al., 2008) and in general ftenrelation between
the brightest cluster in a galaxy and its star formation bgt&/eidner et al. (2004);
Bastian (2008). These upper mass limits are found to be drb? %> M,. See

Sect. 5.4.4 for an investigation of star formation rate deleat IGIMFs.

5.3 Sampling techniques

In this section we discuss several ways to sample the disirib functions de-
scribed in the previous section.

5.3.1 Star formation scenarios and sampling of the IMF

Ideally, one would like to connect sampling methods in nicaéexperiments like
the one conducted here in some way to the astrophysics gaing e studied
system. Here this would mean that we construct a method oplsagnstellar
masses in a cluster, which is based on a scenario about r®ueldbkter forms from
its parent molecular cloud. It is expected that the IMF foumstar forming regions
harbours a wealth of information about the star formatiarcpss. A recent paper
by Dib et al. (2010) indeed describes several ways of bugldip an IMF from star
formation scenarios.

The problem with constructing sampling methods in this wathat it is not
at all guaranteed that the mass function inside clustel®iselthe same functional
form in all clusters. Besides, the mass function of cloucesds an equally un-
certain factor. Likewise, the large number of free paransetand inherent un-
certainties of physical star formation scenarios wouldhbithus in drawing any
conclusions. The point of this paper is to show tlfie&s of diferent sampling
methods, given that the underlying IMF is the same. We chosestore to use a
single underlying IMF and constructed sampling methods dbanot necessarily
represent physical star formation scenarios.

5.3.2 Analytic sampling

The first method to sample a distribution function we disdasmalytic in nature.
We use the fact that the total mass of stars inside a clustettliie cluster mass) is
calculated from

Mmax
Mg = f m- &(m) dm,

Mimin
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wherem,,, = 0.1 Mgy andm,,,, = min(100Mg, M,). Limiting the mass of the most
massive star present in the cluster ensures that there atansanore massive than
their host cluster.

The normalisation of the IMFA in Eq. 5.1) is defined by relation 5.3. Sam-
pling the distribution function is done by using

Mmax

N; = f &(m) dm

m
with N; = N; = 1 for the most massive star (this star has the mags?2 for the
second most massive and so on. For any cluster mass the robaliesars present
in the sample are uniquely determined, see also Weidner &pag2004).

5.3.3 Random sampling

In order to introduce stochasti¢fects, we will mainly sample mass functions ran-
domly, as it ensures that random fluctuations are preseheigsample of masses.
Whereas the analytic way of sampling will never produce avg0star in a 100
Mo cluster, this will happen (although rarely) when sampliagdomly. There are
nevertheless issues, as described below.

A random number from a distribution function was drawn usimgndom num-
ber, uniformly distributed between 0 and 1 as many numepaakages can pro-
vide you with, and the normalised cumulative probabilitydtion, which is the
normalised cumulative probability density function, whign this case) is itself an
integral over the mass function :

m

CPDF(n) = f CMFdm,
Mmin
normalised to CPDF(nay = 1. Inverting Eg. 5.5 and inserting uniformly dis-
tributed random numbers provided the desired randomly Eahpasses.
For power-law distribution functions, the inversion cardo@e analytically, so
that the necessity for time consuming numerical integnatiothe use of look-up
tables (constraining the flexibility of our research) isverged.

The total mass of the cluster

When sampling stars one by one, the chances of them adding exattly the
cluster mass are marginal. Therefore one has to make a ciloicé which stars
to include. One way is just sampling stellar masses until fpat go over the
predetermined total cluster mass. Four choices can be made:
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1. Stop at that point. The cluster mass will always end ughslichigher than
the predetermined value. We will indicate this method bgpsafter’, as we
always stop just after passing the cluster mass aimed for.

2. Remove the last star drawn. The cluster mass will now besically
lower than the masses drawn from the CMF, we will therefoterebate it
by ‘stop before’.

3. Only remove the last drawn star if then the total mass setlo the desired
value. The cluster masses are sometimes slightly loweresoras slightly
higher than the predetermined value. This will be our defalbice, indi-
cated by ‘stop nearest'.

4. Like the previous option, but removing the star at 50% gbility, regardless
of whether it would bring the cluster mass closer to the pedeined mass
or not. This will be called ‘stop 560'.

Sorted samplinga la Weidner & Kroupa (2006)

An alternative treatment was introduced and extensivedieteby WKO06, ‘sorted
sampling’: Draw a number of starl(= My/Myengd IN Which My, is the cluster
mass andn,.....Is the average stellar mass in the IMF under consideratitenT
draw that many stellar masses from the IMF. Repeat this itdked mass is not
yet the desired cluster mass by drawing an additioNa] € > M)/ Myerage Stars
(where}; m is the sum of the masses already drawn). When the clusterimass
first surpassed, sort the masses ascendingly and removeostamassive star if
that brings the total stellar mass closer to the desiredasiusass. Only the most
massive star drawn can be removed. If the first sample of gtees over the cluster
mass by a large amount, still only one star can be removede @ correction
upwards in mass can be with any arbitrary number of stars.

Sampling to a total number of stars

Alternatively, one can once draw a predetermined numbetaos $or a given clus-

ter from the IMF. The number of stars that is drawn is, as imtémb sampling’,
given byN = M, /Myeqge IN this case some clusters may become much more or
much less massive than the mass that was sampled from therchess function.

We will indicate this method simply with ‘number’.
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Figure 5.1: The fraction of clusters per unit Idg) as a function of cluster mass.
The input CMF is shown as solid straight black line. The codoly discontinuous
lines are recovered CMFs after populating clusters withssidth the indicated
sampling methods. The input CMF is plottefiset, to more easily distinguish the
recovered CMFs.

Limiting the stellar masses to the cluster mass

By default we limited our maximum possible stellar mass #rttass of the cluster
(so that e.g. &M, = 10 Mycluster can contain only stars at most as massive,as
= 10 Mg). Otherwise, clusters of a predetermined mass may end Upanstar
that is more massive than the cluster itself. However, we tied it without this
constraint, in which case we add ‘unlimited’ to the name. eNtbiat lowering the
maximum possible stellar mass heightens the probabilitgfawing lower mass
stars (per unit mass), as the integral of the probabilitysderiunction of stellar
masses should still be one.

5.3.4 The recovered cluster mass function

One consistency test for the sampling methods is to see ethetiot the mass
function of the clusters after populating them with stacfrithe IMF recovers the
input CMF. For some of the methods mentioned it is obvious i total mass
will always be over- or underestimated (e.g. stopping thepiag always right
after or right before you passed the cluster mass, where #ss mill be over- or
underestimated by on average half an average stellar magsafdMF). For the
high cluster mass end thesdtdirence are negligible, but that is not necessarily
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| ——-—— Stop before <4
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Figure 5.2: The IGIMF for randomly sampled stars in clustamsl (1) the next
star would overshoot the cluster mass (dashed), (2) a massshdo the cluster
mass is reached (dotted), or (3) one star crosses the aassr (dot-dashed). The
solid line is the input Salpeter IMF. The value on the vettaas is the fraction of
all the stars that are in that particular mass bin.

clear for very low cluster masses, where the recovered CMidee steeper or
shallower than the input CMF.

In Fig. 5.1 we compare the input CMF (solid black line, shifts/ an arbitrary
vertical dfset), to several recovered CMFs after populating the dlsistéh stars.
The default sampling method is shown in red (dashed), angréferred method of
WKO06, sorted sampling, is shown in dash-dotted blue. Therhaedels for which
discrepancy is expected are shown in the dotted green [iffes expected under-
or overestimate of the total mass+s0.3 My, which is more than an order of
magnitude less than the very lowest cluster mass. It turnéthat even for these
models the discrepancy is marginal. Therefore we cannetaut one or another
sampling methods based on the recovered CMF.

5.4 Integrated galactic initial mass functions

We drew samples of YOclusters from a cluster mass function with &M o
M~22, We tested several sample sizes and foundt@e both computationally
feasible and showing only tiny statistical fluctuationsifgse.g. 16 clusters re-
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sults in IGIMF scatter nearly as big as thdfeience between some models we
tested). We constructed the IGIMF by sampling the starsdrchisters in dterent
ways, as described in the previous section, and summed gfaedlfrom the indi-
vidual clusters. In Fig. 5.2 we show three IGIMFs from randsampling, together
with the Salpeter IMF.

5.4.1 Sampling methods

Figure 5.2 clearly indicates that the IGIMF steepens fohlsiggllar masses, due to
the lack of high-mass stars in low-mass clusters. Also, rifqgact of using either
of the three methods is comprehensible: stopping the sagplne star before
the cluster mass filled up biases maost against high stellasesaas the chance of
going over the cluster mass is higher for a higher-massatarjoing slightly over
the cluster mass biases least against high mass stars. SRettaudiferences are
small, from now on we plot the fraction of all stars in a mass blivided by the
fraction predicted from the input stellar IMF (i.e., Sake{1955)). The same data
as in Fig. 5.2 are used for Fig. 5.3, where th@atences become clearer.

In Fig. 5.3 we also compare the analytic method of samplingxg$ained in
Sect. 5.3.2 to the random sampling methods. Both have tharsteasses limited
to be at most the cluster mass, but in the random samplingnitpet sometimes
a relatively high-mass star does occur in a low-mass clusteis is not the case
for the analytic sampling, which results in the sharp dowmtat masses close
to the upper limit. As noted by WKO6, the ‘sorted sampling’thaal resembles
the shape of analytic sampling, although less severe. Tatoreis even steeper
(approaching an IGIMF power-law index of -3) for> My nin.

Sampling a number of stars equal to the cluster mass divigietidbaverage
stellar mass for the IMF under consideration is also showfign5.3. If the aver-
age mass is calculated with the upper mass limit in a clusteteld to the cluster
mass, the method gives results rather similar to the defaeihod. When the av-
erage mass is always calculated for a well sampled IMF betWwekand 10M,,
the resultant IGIMF is indistinguishable from the input IM¥ote that the cluster
mass function is still intact.

Using a Kroupa (2001) IMF results in the green dot-dot-cedtoed line in
Fig. 5.3. The bend again is found at roughly the same stellssnas for the
Salpeter IMF. Deviations from this at lower mass are strartheugh, as the mean
mass of a star in the Kroupa IMF is bigger than in a Salpeter. IBtranging the
upper stellar mass limit does not influence any of the resilisr than that the
lines extend to higher stellar masses.

Comparing the calculations to the light grey dotted lines-ig. 5.3 shows
that all random sampling techniques give high-mass-enceptaw indices of the
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Figure 5.3: The same as Fig. 5.2, but for every mass bin divijethe expected
value for the input IMF. The IGIMFs presented in Fig. 5.2 agpresented by the
solid lines in various colours. The ‘stop /50’ model is included as well. We
also include the ‘analytic sampling’ case (dotted lineg #ampling of a specific
numberof stars based on the expected mean mass, limited by therclusiss

(black dashed) and unlimited (magenta dashed, going arthen@alpeter line).
The black dot-dashed line is the ‘sorted sampling’ metho@&i06. The realisa-

tion for a Kroupa (2001) IMF is shown in the green dot-dot-dashed line (almost
on top of the black solid (default) line). The light grey amttlines with numbers
are lines that would have the indicated power-law index elGIMF.

IGIMF very close to -2.60, whereas the analytic samplindghiégue is slightly
steeper~2.67 and turns completely down close to the physical upper firags
for stars (i.e. the mass of the cluster needs to become extiydrigh in order to
sample a star with a mass very close to the upper mass limit).

5.4.2 The cluster mass function

In all randomly sampled realizations, the steepening besowery prominent at
m= 10°>"M, = 5 M, the lower mass limit for clusters. The analytically sandple
case becomes steeper at lower masses, as there the moseratssiin these low-
mass clusters are well below the cluster mass. We investigaiw the steepening
depends on the imposed lower cluster mass limit and therstssmf the cluster
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Figure 5.4: The same as Fig. 5.3, but now for variations ofttbster mass func-
tion. We show our default (minimum masdVg,, power-law index -2.2) model and
four other models: slopes varied to -1.8 (dotted) and -3a3l{dd) and the mini-
mum cluster mass set to 1 (blue solid) and\Bg(red solid). The light grey dotted
lines give an indication of the slope of the lines when pbbidés an IGIMF with
power-law indices as indicated.

mass function.

In Fig. 5.4 we show the IGIMFs, as obtained with our defautd@m sampling
model, for three dferent lower cluster mass limits (1, 5 and B, for a CMF
slope of -2.2) and three filerent cluster mass function slopes (-1.8, -2.2 and -3.2
, for a lower cluster mass limit of My). The flattest CMF and highest minimum
cluster mass use samples of busters instead of Y@&lusters. The higher mass in
clusters makes the IGIMF less sensitive to errors from sgugsttatistics in stars.
It can be clearly seen that the deviations of the IGIMF fronmamdard Salpeter
IMF start at the minimum cluster mass. Results thereforsemsitively dependent
on the cluster mass functions at very low cluster masses. stdepness of the
IGIMF depends on the power-law slope of the cluster masgifamcChanging the
cluster mass function power-law index from -2.2 into -34£2Z; not shown in the
figure) makes the IGIMF slope steepen from -2.6 to -3.6 (-4L8 steepening still
occurs at the minimum allowed cluster mass. A flatter CMFeslofp-1.8 results in
a much shallower IGIMF compared to our standard case, il tieviations from
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Figure 5.5: The deviation at 10 and 1@@(stars and diamonds, respectively) of the
value of the IGIMF as compared to the IMF as a function of theFG\Nbpes in the
region aroung = 2. For the ‘sorted sampling’ method (dotted lines) we penked
the Monte Carlo simulations at intervalsg$ = 0.1 from 1.8 to 2.4 (including the
entire range of observationally determined values) usirgyraillion clusters. The
default, fully stochastic sampling (solid lines) simutais are performed using ten
million clusters withs varying steps of 0.05.

the input Salpeter (1955) IMF. We can also conclude thatreg & thdowermass
limit of the CMF is higher than theippermass limit of the IMF, IGIMF &ects
are negligible. We would like to emphasize that although waedua lower mass
limit of the CMF of 5 M, (i.e. considerably lower than the upper mass limit of the
IMF), this value as well as the shape of the CMF at masses keli@w hundreds
solar masses is very uncertain due to a lack of observatitatal even in the Milky
Way.

543 Thes =2CMF

In Elmegreen (2006) it was claimed that in the case where M€ S described

by a power-law ofs = 2, IGIMF effects vanish, making this a singular case in

between oupB = 1.8 andB = 2.2 cases. In order to validate this result, we ran sim-
ulations with values foB close to and including 2. To address the behaviour of the
deviation of the IGIMF from the IMF, we plotted the deviatiohthe IGIMF from

the underlying IMF at two dferent stellar masses as a functiorpah Fig. 5.5.

We used a minimum mass ok, for the cluster CMF, no upper mass limit and
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plotted the results fom, = 10 and 100M,, in bins of widthAlog(m,) = 0.2. We
performed the exercise for our default sampling method adiffd8rent values of
B (i.e., with A3 = 0.05), and for seven ferent values with the ‘sorted sampling’
technique from WKO6 (i.e., witih3 = 0.1).

We found the results fg8 = 2 to be non-singular and to follow the expected
behaviour from its surrounding points. The vanishifi@ets found by Elmegreen
(2006) were not reproduced in our simulations. In the Moraddsimulations de-
scribed in EImegreen (2006) a smalffdrence was already visible. In the intuitive
analytic section it is explained why there should be ndedénce. This conclu-
sion was based on the crucial statement that ‘the probabiliforming a star of
a particular mass is independent of cluster mass’. This lig tone for stars in
clusters with masses higher than the upper mass limit fos.stor clusters with
lower total masses, the situation is more complex: stans mgsses higher than
the total cluster mass get assigned zero probability (ardes does not impose a
limit to the stellar mass equal to the cluster mass), whaesstith lower masses
get higher probabilities to fulfil the IMF normalisation. Fany value ofB there
is some number of clusters which will lack high mass starsclvmakess = 2 a
normal case without singular features. The claim by EImagi@006) is correct
only if the lower limit of the CMF is higher than the maximunel&r mass, in
agreement with our own findings.

We learn from Fig. 5.5 that choosing a value for the power-lagiex of the
CMF of -2.2 instead of -2.0 produces a largdéieet, as does the choice of sam-
pling method made by WKO06 compared to our default method. oliservational
support ford = 2.4 justifies the use g8 = 2.2 in the rest of this work.

5.4.4 Star formation rate dependent upper cluster mass linti

On purely statistical grounds a relation between the standtion rate (SFR)
and the mass of the most massive cluster in a galaxy is expesselong as the
timescale to form a complete population of clusters is fixak(Maschberger &
Kroupa, 2007, they find a timescale of 10 Myr). This relatisrekpected to be
linear. However, Weidner et al. (2004) have found a relakietween the SFR of
a galaxy and the mass of its most massive cluster that istlslighallower than
linear:

log(Mgimay) = 0.75- log(SFR)+ 4.83.

In this section we will show Monte Carlo simulations with @ppluster mass limits
which correspond to SFRs of 170to 10* My, yr~! in steps of half a dex in SFR.
As galaxies with a very low SFR in general also have very lovgsea (dwarf
galaxies), we can expect to have more statistical (shosgrinilow SFR samplings.
In order to get a handle on the median IGIMF and the 68%l¢) confidence
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Figure 5.6: SFR dependent IGIMFs, in which the SFR sets arrugpster mass
limit, given by Eq. 5.6. We ran the lowest SFR modelsfisiently long to get

converged confidence intervals which are shown by the cetbuegions around
the solid line medians. For the higher SFR simulations, éselts are very close
and the confidence intervals extremely narrow. Therefoeepmly plot the result
of one simulation. The order is in a way that the higher thefstanation rate (and
hence the upper cluster mass limit), the shallower the IGIN&i e that the highest
SFRrunis 16 Mg yr1.

intervals we assumed that the galaxies have formed stal®fGyr, together with
the SFR this gives a total stellar mass. The CMF (with a lonasscut-& of 5SMg
and a power-law index of -2.2) then sets the number of clsistewn. For the very
low SFR runs, there were not so many clusters to be drawr (¥Q yr~- 10 Gyr
= 10° M, total stellar mass). We ran 500 realizations of the lowefSgradually
reducing this number, as the 68% confidence intervals agenarow already for
relatively low SFRs. The corresponding upper cluster miastsirange from 18°8
=12 M,, to 10’83 M, so extending from extremely (maybe even unphysically) low
star formation rates and corresponding upper cluster rirags to extremely high
SFR limits. Both limits are far beyond the range in which te&ation between
SFR and maximum cluster mass has been observed. We samplddRtwith the
method which samples up to a total mass and removes the &shditar if that
brings the total mass of stars closer to the predeterminesterl mass described
before (i.e., “stop nearest”). In Fig. 5.6 we show the IGIMéisthe 19 diterent
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SFRs (solid lines). For simulations with a series of runs Wwews medians (in
black) and 68% confidence intervals in colour. It appears fthraa given CMF
and sampling method the statistical variation around thdiamelGIMF is very
small. Also, the high mass end of the IGIMF is steeper for I08€Rs, due to the
lower upper cluster mass limit. With a lower upper clusteissimit relatively
more clusters form with a low mass. As the upper cluster mass increases,
the variation in the IGIMF becomes smaller. This indicates bur simulations,
without an upper limit, are good representatives for higiR ®bjects (galaxies),
whereas for galaxies with a low SFR the IGIMFs are steepefoSgalaxies with
a low SFRthe gfect will in reality be stronger than we indicate

In Bastian (2008) it was claimed that to reproduce the @tabietween SFR
and the maximum cluster luminosity, it is preferred to ha&chechter-like CMF
(i.e. a power-law with an exponential cuff@bove some mass) instead of a pure
power-law. The typical mass at which the CMF turns down erpdtial is a few
times 16M,. As this mass is much higher than the highest stellar masgrétise
shape of the cutfdis not expected to be important. An exponential turn-down at
that mass has a similaffect on the IGIMF to truncating the CMF at that mass. For
the lower limit to the cut-ff mass found by Bastian (2008) the SFR corresponding
to their cut-a¢f mass, according to Eq. 5.6, would be"8M,, yr~1. In Fig. 5.6 it
can be seen that such IGIMFs are hardly distinguishable @Mfs without upper
cluster mass limits.

5.4.5 Constructing IGIMFs from clustered and non-clusteral star
formation

The results described above are only valid if all stars are looclusters. The frac-
tion of stars formed in clusters is a strongly debated gtyantwadays. Cfferent
authors constrain the fraction of stars formed in clusterdifierent and not nec-
essarily comparable ways. The main hindrance here is theitilafi of ‘a cluster’.
Young clusters often get disrupted (sometimes called rinfaortality’) on time
scales of about 17Q/rs (Tutukov, 1978; Kroupa et al., 2001; Lamers et al., 2005)
These young clusters may or may not have a stellar massbdisbrn similar to
clusters which survive their childhood. Also, stars mayrfarithout ever being
part of a “cluster”. Numbers for the estimate of the fractidistars born in clusters
vary from~ 5-10% (Miller & Scalo, 1978; Bastian, 2008, and referenceseting
up to 40% or higher as found in the comparison of cluster mesgugtion for a
particular CMF power-law index by Piskunov et al. (2006){f&ient authors used
different definitions of what a clusfassociation is and found veryfiirent values
for the fraction of stars that is a born in a cluster-like eomiment (see e.g. also
Carpenter, 2000; Lada & Lada, 2003; Porras et al., 2003; kteget al., 2005;
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Piskunov et al., 2008).

The ‘real IGIMF’ (i.e. the true distribution of stellar ma&ssat birth for a whole
galaxy) can be straightforwardly estimated from the IGIMé&nf clustered star
formation (i.e. the results given above), and the IMF froarsborn in isolation.
If we denote the distribution of initial masses in the fieldd§& g, the IGIMF from
clustered star formation (i.e. the results obtained abasd{cIMFR- and the total
IGIMF (the pdf of initial masses of all stars in a galaxy) asME 1, we can simply
write at any given stellar mass

IGIMF1(m,) = f - IGIMFc(m,) + (1 - f) - IMFg(m.),

where f is the fraction of the stellar mass that is born in clustessuming that
this fractionf is independent of stellar mass and that the mass distriigitiothe
right-hand side of the equation refer to distributions vahéce both well sampled.
In practice, this means that the total IGIMFs will end up invieen the IGIMFs
described above and the underlying IMF, weighed by theifraaif clustered star
formation (so lines in Figs. 5.3 and 5.4 will end up in betwéss horizontal line
and the shown IGIMFs).

Note that if the second term in the right-hand side of Eq. §.Jaige, IGIMF
effects may well become negligible, or at least far less sigmifithan indicated in
the rest of this paper.

5.5 The number of O-stars in the Milky Way

One way to judge between the several IGIMFs (or judging onirtiportance of
the IGIMF dfect) would be high mass star counts by upcoming surveys IK&G
(e.g. Perryman et al., 2001).

In order to estimate how many O-stars will be observed by GAlAwill here
undertake the following exercise, in which we keep thingsiagple as possible.
We assume that the IGIMFs described earlier are perfecthpkad (i.e. there are
no sampling issues apart from those that make up the IGIMRa),the SFR of
the Milky Way has been constant for the last 10 Myr, which wk agsume to be
the lifetime of O-stars. Furthermore, we assume that thetifna of all O-stars in
the Milky Way, observed by GAIA, is the same as the fractiomlb&tars together
(i.e. ~10%). This last number is very uncertain. O-stars are vaghband would
therefore be visible to larger distances (the GAIA survelf @ magnitude lim-
ited). If, however, all O-stars form in the disc, the extionttowards them will be
typically higher than for stars above and below the disk. &fiion of the O-stars
may be runaway stars, launched by multiple body interastinryoung star clus-
ters, which can bring them from the disk into less dusty negi(D-stars formed
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Table 5.1: The factoAgvr from Eq. 5.8 for Salpeter and all our IGIMFs.

IGIMF AIGIMF, Salpeter _AIGIMF, Kroupa _fatio
Underlying IMF 2610 4090 1.9
Stop nearest 1650 2670 1.62
Stop before 1490

Stop after 1830

Stop 5050 1710

Analytic 1050

Number 1810

Number unlimited 2610

Sorted sampling 1200 2050 1.71
CMF slope -1.8 2530

CMF slope -3.2 280 450 1.61
CMF slope -4.2 60

Min. cluster mass W, 1210

Min. cluster mass S0 2570

in isolation will typically not get far out of the disk, as \wita random velocity of
a few times 10 kifs, they will not get much further than a few parsecs away from
the disc plane they were formed in). The observed number @ is then given

by

SFR \, At \/f
No = Aveiur (1M@/yr)(10Myr) (61):

in which the SFR is that of the Milky Way, averaged ovdr which is the life-
time of O-stars, andps is the fraction of O-stars in the Milky Way that will be
observed Aigimr is the number of O-stars under the given assumptions, edoll
by dividing the total mass formed by the average stellar réa#se IGIMF, mul-
tiplied with the fraction of all stars that are more massivant 17M, in which
all the IGIMF information is absorbed. In Table 5.1 we give factorAg e for
the Salpeter IMF and all our IGIMFs with underlying SalpdtdfF in the second
column. We rounded the number§ to multiples of ten.

It is now well established that the real IMF in star formingjioas is not
Salpeter-like, but bends over towards lower masses (eaupé, 2001; Chabrier,
2003). The dierence here mainly lies in the number of very low mass stars, f
which our IGIMFs are all indistinguishable from the undarty IMF. The fraction
of O-stars in IGIMFs with other underlying IMFs will befti&rent though, as the
fraction of very low mass stars is lower than in Salpeter, in@khe fraction of
high mass stars higher. For example, the numbers in a Krou@dabrier IMF
will be about 1.6 times higher (the exact values of the raépethds on the sam-
pling methods and cluster mass functions, but do not varyhndo illustrate this,
we ran a selection of our sampling methods also for an unidgriroupa (2001)
IMF, as displayed in the third column of Table 5.1. The lagtiom gives the ratio
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between the results for an underlying Kroupa IMF and an uyiter Salpeter IMF.
From the ratios (for rather ‘extreme’ sampling methodsgit be seen that they do
not vary much from one sampling method to the other.

From the numbers in Table 5.1 it is clear that in principleesa/IGIMFs may
be ruled out by the GAIA survey. Thefticulty in judging between several IMFs
will be in the other numbers quoted in Eq. 5.8. Some of theeextr IGIMFs
can most probably be ruled out with less exact knowledge ebther important
parameters. We stress here that the given numbers are @mythib number of
O-stars observed by GAIA, if the underlying IMF is Salpetedaf the cluster
mass functions assumed are the true mass distributionsirofpsl of forming stars
(as here they are heavily extrapolated from the observed maeges of young
clusters).

5.5.1 Clusters consisting of one (O-) star

Using our sampling methods we could form clusters that ebrdionly one star.
The question whether this is important or not was raised b\Wiest al. (2004,
2005). We track here a) the fraction of clusters that comdiatsingle star, b) the
fraction of clusters that consist of a single O-star ¥ 17My, see de Wit et al.
(2005)) and c) the fraction of clusters for which the most snasstar is an O-star,
which contains more than half the total cluster mass (wetbhae “O-star domi-
nated” clusters). The results are shown in Fig. 5.7. We plabability distribution
functions (PDFs) for the fraction of clusters that have tihdidated properties in
a cluster population. We ran ten thousand realisationsustet populations and
counted for example how many clusters were actually singkta@s and divide
that number by the total number of clusters. The distrilbutid these fractions
is what is plotted. So, the peak of blue dot-dashed line shibaisout of all ten
thousand cluster populations about 0.5-0.6% of their elgsdre O-star dominated.
PDFs that do not add up to 1, like the fraction of clusters tuasist of exactly
one O-star, indicate that the rest of the cluster populatiwad zero single O-stars
in them.

For the default sampling method, there are very few clustertsconsist of only
one star, only one ir 10*. The number of clusters in which this one single star is
an O-star is again an order of magnitude smaller, with a meafi&.6 - 10-3. This
factor ten in between is less than the ratio of the number efa®s to the number
of all other stars, because it is more likely that one is ctogbe mass of the cluster
if the star is an O-star than when it is less massive. Theidmradf clusters that
is dominated by an O-star (i.e. containing an O-star witreast half the cluster
mass) shows a sharply peaked distribution function arouseRe.

In the sorted sampling method of WKO6, the fraction of cltstontaining a
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Figure 5.7: Distribution functions of clusters consistifgsingle stars (black solid
line), single O-stars (red dashed line), and clusters datathby O-stars (i.e. con-
sisting of an O-star that has more than half of the clustersimalse dash-dotted
line) in the default sampling method, in a cluster populatiwith a power-law
CMF with index -2.2 and a lower cluster mass limit df15. In the sorted sam-
pling method of WKO6, the first two fractions are zero for dlister samples. The
O-star dominated fraction is ten times lower than in the défaethod, as shown
by the green dash-dotted line.

single (O-) star is zero by construction: the first numberlo$ters to be drawn is
calculated by dividing the total cluster mass aimed foridg#id by the mean stellar
mass in that cluster according to the appropriate IMF. Thesmmass is more
than one order of magnitude smaller than the assumed lowstecimass limit.

Therefore, of the order of ten stars or more are always drdfithe cluster mass
is exceeded already with the first drawing of stars (for imsta if there is a really
massive O-star drawn, it has on its own as much mass as thefrdws stars or

more), then at most one star is removed, resulting in a clugth at least of the

order of ten stars. The number of O-star dominated clusargeiefore also much
lower: the chance of having an O-star with half the mass ofcthster or more

while not going far over the cluster mass (far enough to ket @+star be removed)
is small. Ten stars will mostly have an average mass thabsedo the average
mass of stars according to the IMF. The one dominating Otiséaris several solar
masses too massive, making it very likely to be removed. Thdiam fraction of

O-star dominated clusters is 207°.
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5.5.2 The number of single O-stars

In their paper, de Wit et al. (2005) specifically looked at fifaestion of all O-stars
which are single, i.e. not part of a detected cluster. Thayr@d very low mass
clusters can be detected, so that these are really O-stdrsutvia surrounding
cluster. Nevertheless they are only sensitive to very lovesmdusters if these
clusters are very concentrated (i.e. small). Clusters of il@v mass are very
easily disrupted, and extrapolating the results of LamefSié&les (2006) to lower
mass clusters (by about an order of magnitude), the typicabltiition time of
clusters is given byy = 1.7 - (M/10*M)%87 Gyr, resulting in O-star lifetimes for
~ 10Mg, clusters. Therefore it is very likely that if O-stars livevlry low mass
clusters, the clusters are in the process of being comypldis$olved at the time
of observation of the cluster. If not completely disrupted, yhe cluster will have
dispersed already significantly, making it harder to detieetunderlying cluster
than assumed by de Wit et al. (2005).

We use this argument to claim that our “O-star dominatedstelts would also
probably be observed as single O-stars. Together with thlgsia of the previous
section, we can now investigate which fraction of all Osta&ould be observed to
live outside star clusters (without taking runaway OB stats account). For the
default sampling mechanism 11% of the O-stars would be veddo live outside
clusters (if all O-star dominated clusters are detectedragesO-stars). For the
sorted sampling method this is 0.24%. Thé&etience of course is mainly caused
by the diterent fraction of O-star dominated clusters.

de Wit et al. (2005) found that#2% of the O-stars in the Galaxy cannot be
traced back to a formation in a cluster or OB-associatiorth@lgh this number
is smaller than what we found, taking into consideration tha did include very
low mass (and probably) dispersed clusters it is legitin@airrect our result by
a factor of a few, bringing the results into nice agreememtrdasing the number
of single O-stars in the “sorted sampling” method is mucldiato justify, so we
conclude that this method significantly underproduceslsi@gstars by a factor of
10-20.

5.6 Galaxy evolution models

ThecaLev models (Bicker et al., 2004; Kotulla et al., 2009) are evohary synthe-
sis models for galaxies and star clusters. Essentialljuggoary synthesis models
take a set of isochrones, assign a suitable stellar spedttreach isochrone entry,
weigh each entry according to a stellar mass function andrd@imation history
(SFH), and sum up all contributions for a given isochrone ageevs “chemically
consistent” modelling follows the steady chemical enriehinof the interstellar
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Figure 5.8: The impact of various IGIMFs on the time evolataf integrated Sd
galaxy colours. Top row: U-B colour, bottom row: B-V colouteft column:
IGIMFs for various sampling methods, right column: IGIMFKs various CMF
parameters. Shown are thdéfdrences between models withfdrent IGIMFs and
the corresponding model with a Salpeter (1955) IMF. At tlghbst ages, average
colours (and their standard deviation) for Sd galaxies floeHyperLeda database
are shown.

medium caused by stellar winds and supernovae, and formssagténe metallicity
available in the gas phase at this time. Nebular emissicakentinto account for
actively star-forming galaxies. We used models with theofeing input physics:

e isochrones: from the Padova group (Bertelli et al. (1994hwiubsequent
updates concerning the TP-AGB phase)

e spectral library: BaSeL 2.2 (Lejeune et al., 1997, 1998)

e SFH as a function of Hubble type: following Sandage (1986 warame-
ters adjusted to simultaneously reproduce a range of cdtsemg for galax-
ies of diferent Hubble types (for details see Kotulla et al. (2009))

— an Sd galaxy is modelled with a constant SFR
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— an E galaxy with an exponentially declining SFR with /& Hecline
time of 1 Gyr

— Sa-Sc galaxies are modelled with SFRs depending on thebletas
mass at a given time (similar to the Kennicutt-Schmidt laa® Kenni-
cutt (1998b)), resulting in approximately exponentialgctining SFR
with 1/e decline times of 3.5 Gyr (Sa galaxy), 6 Gyr (Sb galaxy) and
10.5 Gyr (Sc galaxy)

— the gas mass-dependence of the Sa-Sc galaxies’ SFR resalight
changes between models with Salpeter (1955) IMF and theusri
IGIMFs, with the IGIMF models having slightly lower SFRs by u
to 5% for our standard IGIMF model (“stop nearest”) and up @80l
for extreme cases

stellar yields: explosive nucleosynthesis yields areriadkem Woosley &

Weaver (1995) for high-mass stars (M10 M) and from van den Hoek &
Groenewegen (1997) for stars with lower masses. In addiSdhla yields

from Nomoto et al. (1997) are included (only total metatids traced, not
individual elements)

stellar MF: we use the various IGIMFs determined in this work

Underlying assumptions for this approach include

the IGIMF does not change with time or SFR (taking into ac¢dboe SFR-
dependent fects discussed in Sect. 5.4.4 would only strengthen theadevi
tions, so our results are lower limits for the impact of théMIE effect)

the IGIMF does not change with metallicity (no such dependean known
or expected for Population | or Population Il stars and dizsters)

no infall or outflow of material is used (but also not neededejaroduce a
range of galaxy properties correctly, see Kotulla et alO@) likewise we
neglect galaxy interactions

we assume instantaneous mixing and cooling of ejected ialateth the
entire available gas reservoir (however, the SFH parameter adjusted to
reproduce available gas metallicities as a function of tlevges’ Hubble
type at the present day)

we aim at modelling E galaxies of the respective Hubble type, hence neglect
any magnitude-metallicity relation.

For more details see Kotulla et al. (2009).
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5.6.1 Integrated photometry of galaxies

In Fig. 5.8 we compare our Sd galaxy models using various IRMith the stan-
dard model using the input Salpeter (1955) IMF (models fbepHubble types
show very similar behaviour). On the right side (i.e. pldt& old ages) we show
average colours and their standard deviation from datdrmutgrom the Hyper-
Ledd database (Paturel et al., 2003), subdivided accordingeio ttorphological
type. In each of these plots, the intrinsic scatter withartiorphological type class
well exceeds the deviations introduced by thedlent IGIMFs. Therefore we do
not expect that IGIMF variations can be constrained froragrated photometry of
galaxies.

5.6.2 Chemical enrichment in galaxies from dferent IGIMFs

A more promising way might be the study of the gas propertigglaxies. In Fig.
5.9 we show the relation between gas fraction (i.e. the kmtween gas mass and
gas+ stellar mass) and gas metallicity (we give all metallicities [F¢H], assuming
solar abundance ratios and neglecting alpha-enhancerfieotsg¢ Since the ma-
jority of chemical enrichment originates in massive stdeficiencies of such stars
due to IGIMF dtects reflect directly in the gas metallicity. The red hashed &
the region covered using various individual metalliciiestead of the “chemically
consistent” modelling, and represents a worst-case wogrtrange. Consistent
with this “uncertainty region” are four sets of models: theut Salpeter (1955)
IMF models, the equivalent “Number (unlimited)” modelsdahe models “CMF
slope=-1.8" and “Mg min = 50 My". This agrees with the little deviations between
the input Salpeter (1955) IMF and the IGIMFs already seereirt.$%.4. The other
models using dferent IGIMFs are clearly distinct from this “uncertaintygien”,
with differences in gas metallicity up to 1 dex, with various modéised by 0.2 —
0.4 dex (corresponding to factors 1.5 — 2.5).

To our best knowledge, there is no study which determinels gas fractions
and gas metallicities for a large sample of galaxies in aisterd way. We there-
fore gathered data on galactic gas masses from Huchtm®&i@9)and Karachent-
sev et al. (1999), while for the gas metallicities we consdethe catalogues by
Kewley et al. (2005), Nagao et al. (2006), and Izotov et &00{@). These cata-
logues were not only chosen for their (comparably) large@arsizes, but also
for their diversity in the galaxy populations they addreEsch of these samples
has its own intrinsic biases and limitations. Huchtmei&8d) and Nagao et al.
(2006) are more literature compilation papers. The sampledwley et al. (2005)
intentionally contains galaxies of all Hubble types with alevrange of proper-

Ihttpy/leda.univ-lyon1.f
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Table 5.2: Average gas properties and integrated galaxgucefor various liter-
ature galaxy samples. The first three columns are: (1) Saangm, (2) galaxy
type, (3) number of galaxies in the sample, the others asaiwti

(1) (2) 3) gas fraction error gas fraction
Huchtmeier (1989) E 46 0.36 0.16
Huchtmeier (1989) Sa 154 0.49 0.17
Huchtmeier (1989) Sh 635 0.53 0.16
Huchtmeier (1989) Sc 1284 0.59 0.18
Huchtmeier (1989) Sd 730 0.67 0.21
Karachentsev et al. (1999) E 7 0.007 0.008
Karachentsev et al. (1999) Sa 1 0.0003 -
Karachentsev et al. (1999) Sb 6 0.015 0.015
Karachentsev et al. (1999) Sc 21 0.078 0.092
Karachentsev et al. (1999) Sd 45 0.19 0.14
combined E 53 0.33 0.18
combined Sa 155 0.48 0.17
combined Sb 641 0.52 0.16
combined Sc 1305 0.59 0.18
combined Sd 775 0.67 0.26
@) 2 [€)] [FgH](gas) __error [FéH](gas)
Kewley et al. (2005) E 9 -0.09 0.18
Kewley et al. (2005) Sa 6 -0.08 0.27
Kewley et al. (2005) Sh 18 -0.09 0.27
Kewley et al. (2005) Sc 34 -0.13 0.16
Kewley et al. (2005) Sd 18 -0.42 0.32
Nagao et al. (2006) E 3 -0.74 0.22
Nagao et al. (2006) Sa 1 -1.05 -
Nagao et al. (2006) Sb 3 -0.71 0.19
Nagao et al. (2006) Sc 5 -1.07 0.34
Nagao et al. (2006) Sd 47 -0.92 0.24
1zotov et al. (2007) E 2 -0.85 0.1
1zotov et al. (2007) Sa 1 -1.04 -
I1zotov et al. (2007) Sh 2 -0.66 0.24
Izotov et al. (2007) Sc 8 -0.84 0.30
Izotov et al. (2007) Sd 23 -0.95 0.31
combined E 14 -0.34 0.39
combined Sa 8 -0.32 0.50
combined Sh 23 -0.22 0.36
combined Sc 47 -0.35 0.42
combined Sd 88 -0.83 0.34
(1) (2) 3) U-B error U-B B-V error B-V
HyperLeda database E 547 0.36 0.21 0.83 0.13
HyperLeda database Sa 166 0.14 0.23 0.68 0.17
HyperLeda database Sb 329 0.02 0.19 0.61 0.16
HyperLeda database Sc 397 -0.10 0.15 0.50 0.13
HyperLeda database Sd 173 -0.23 0.20 0.39 0.17

ties, the Karachentsev et al. (1999) sample is volumedidnitand Izotov et al.
(2007) considers specifically low-metallicitynHegions in nearby dwarf galax-
ies. We supplemented the catalogue information with data fihe HyperLeda
database (Paturel et al., 2003), to have an as uniform aghl@setermination
of Hubble type and absolute luminosity for the sample galaxiFrom these data
we estimate the average gas fractions and gas metallifitiése galaxy samples.
Where multiple observations for a given galaxy were avélalve included all of
them individually, to access the uncertainties more reedity and to average out
metallicity gradients in a single galaxy. In Table 5.2 weser the derived average
values for the individual and the combined samples for fivkedent galaxy types.
From Table 5.2 one can easily see the non-homogeneity ofatnglss. The
multitude of biases and selectioffexts hampers a straightforward comparison of
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these observational data with our models. A dedicated gwf@a large number
of L* galaxies ¢aLev attempts to model Lgalaxies, and therefore neglects galaxy
mass-dependenttects!) for the diferent Hubble types, both in terms of gas frac-
tion and in terms of gas metallicity, with a reliable estimaf the galaxies’ Hubble
types, will be needed to provide direct calibration valuegsor (and others) galaxy
evolution models.

In Fig. 5.9 we present gas properties &arev models of Sd galaxies, based
on the various IGIMFs (equivalent plots for galaxies of otHebble types appear
very similar). We included the data point correspondinghea¢ombined data sets
in Table 5.2. As uncertainties we plotted either the scdtiea given property
within the combined sample of Sd galaxies, or the distandbeganost deviating
mean of any subsample, whichever was larger.

Based on the large spread in the observed gas fractionsardstb constrain
IGIMF models with these data. Future and more homogeneauglsa will be
helpful, as the spread in observed metallicities is sméil@n or at most compara-
ble to the diference arising from éierent IGIMFs.

5.7 Conclusions

We have conducted a suite of numerical experiments to iigagsthow the steep-
ening of the IGIMF depends on the sampling method and theresggluster mass
function. Hereby we extended the variations already stubieWKO06. We found
that, unless the maximum occurring stellar mass is notdidhiity the cluster mass,
or the minimum cluster mass is higher than the maximum stelkss, the IGIMF
is always steeper at the high-mass end than the input IM&pasg that stars all
form in clusters and that these clusters follow a power-laviFGvhich extends
down to masses well below the upper mass limit for stars.dfeltare many stars
formed in a non-clustered environment (see Eq. 5.7) or thd-@bks extend to
these low masses (or turns over and peaks at higher masséslf- leffects are
much smaller and possibly even become negligible. The atafsteepening and
the mass where deviations set in depend on the sampling thatitbthe adopted
cluster mass function:

e The numerical method of sampling is important. While allcdam tech-
nigues result in the same high-mass slope (for constant Abfiek the
onset of deviations occurs affidirent stellar masses, showing a slight steep-
ening already at stellar masses below the lower cluster lmaiss

e The slope of the cluster mass function as well as its lowetit lare very
important. The index of the cluster mass function sets tkepstess of
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Figure 5.9: The impact of various IGIMFs on the relation begw available gas
mass and gas metallicity (e.g. chemical enrichment) for &axies. Top panel:
IGIMFs for various sampling methods. Bottom panel: IGIMBs ¥arious CMF

parameters. The points mark estimates from observatiergegt for details. The
red hashed area is the region covered using various individetallicities instead
of the “chemically consistent” modelling and a Salpeter5S@RIMF. It represents
a worst-case uncertainty range.
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the IGIMF at the high mass end: a steeper cluster mass funcge
sults in a steeper IGIMF. Varying the CMF power-law index lie trange
[-1.8,-2.2,-3.2] results in IGIMF slopes at the high mass end of approxi-
mately [-2.4, -2.6, -3.6]. The observationally ill-constrainedwer cluster
mass limit sets the mass at which the steepening sets irthee GIMF be-
comes much steeper from = M min. At slightly lower masses there is a
very small deficiency of stars as compared to the input IMIe agnitude

of this discrepancy depends on the sampling method. Cgritsaesults by
Elmegreen (2006), we do not find tie= 2 CMF to be singular.

All sampling methods reproduce the input cluster mass fonstwell. Even
though some seem to steepen or shallow the CMF by constnuctie éfects are
marginal and unobservable. The number of isolated statstwald be formed
according to our method is very small (of the order of one ¢@i00000 clusters in
our sample consists of one star). The fraction of clustensisting of only one O-
star is even one order of magnitude smaller. We also teseeftabtion of clusters
which are O-star dominated (clusters which contain an ©stach represents
at least half of the total cluster mass) to simulate obsknvalk incompleteness,
since a small underlying cluster might stay unnoticed ctosebright O-star. This
measure is rather sensitive to the sampling method. For efauli method we
found about 0.56% of such clusters, while for the “sorted garg” by WKO06
this fraction was more than one order of magnitude lower. defitciently large
samples of O-stars the O-star count could be a suitablertoidbe IGIMF if the
observed fraction of O-stars, delivered by surveys like &A$ well understood.

Our default sampling results indicate thatl1% of the O-stars in the Galaxy
will be observed to be separate from any cluster environpientice agreement
with results of de Wit et al. (2005). The sorted sampling radtbf WKO06 strongly
underproduces this number.

However, current knowledge, both observationally and rigzally, of the
very formation processes of (especially massive) stargan dusters (see e.g.
high-mass star formation from high-mass cloud cores (Kmimbt al., 2005) vs
competitive accretion (Bonnell et al., 2004)) preventsrasfthe conclusion as to
which sampling method is favoured by nature.

We conducted numerical experiments using ¢hesv evolutionary synthesis
package, which self-consistently follows the photomedinc chemical history of
various idealised isolated galaxy models. The conclusiemsgraw on photometry
and chemical enrichment resulting from our IGIMFs as comagdo the standard
IMFs can be summarised as follows:

1. Integrated photometry is likely not a good tracer of IGINMH#fiations, since
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differences are smaller than the intrinsic galaxy-to-galaajtecfor a given
morphological type.

2. Chemical enrichment is a better tracer, as it is direatlyeld to the number
of massive stars, however, observations are rare and colyesmall sample
sizes. Once the (systematic and random) uncertaintiesterrdiming gas
mass fractions and metallicities are well understood glggsntities may be
able to be the deciding factor between several samplingadstfat least the
ones with the most extreme deviations from the underlying)M

Future studies of galaxy evolution and chemical enrichniment to take into ac-
count that the IGIMF is steeper than the normal IMF, as wellh@samount of
uncertainty in the amount of steepening, as the details efstimpling method
nature chooses are poorly understood. Additional unceigai are introduced as
the shape of the cluster mass function is not well constdaaierery low masses
(i.e. cluster masses comparable to individual stellar gssvhereas the low mass
end of the CMF is the most important quantity in shaping theMie These dif-
ferences between the IMF and the IGIMF have pronounced @aipdins for mod-
elling galaxy properties.
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Nederlandstalige samenvatting

Wanneer we naar de nachtelijke sterrenhemel kijken is dezaaid met sterren.
Kijken we nog beter dan zien we structuur aan de hemel: eathrbabhmeer sterren
dan de rest van de hemel, met donkerdere gebieden en waelgesvlKijken we
met verrekijkers of telescopen, dan zien we nog veel meerg@adekjes. Die
vlekjes blijken niet allemaal hetzelfde te zijn. Sommigm gaswolken vlakbij
die verhit worden door de sterren die er kort geleden in gabaijn. Andere zijn
het resultaat van zware sterren die ontploft zijn. Weer sndhdijken volledige
sterrenstelsels ver weg van de onze (zie Figuur 6.1). Omnaitprrenstelsel (het
Melkwegstelsel) is ook precies datgene wat we zien als die baet meer sterren
aan de hemel. Hoe komt de sterrenhemel aan deze rijke struatuhoe hangen
alle verschillende objecten en de processen die ze vetarzaet elkaar samen?
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Figure 6.1: M101 is een typisch spiraalvormig sterrensteldat erg lijk op ons
Melkwegstelsel. Van de zijkant zou je kunnen zien dat dejfsefaiar de spiraalar-
men inzitten erg plat is. Duidelijk zichtbaar zijn het lickdn de sterren in ver-
schillende kleuren, en heffect van stof, wat een deel van dit licht, vooral in de
spiraalarmen, tegenhoudt.

Structuur in het heelal

We weten dat het heelal in het begin (slechts 380.000 jaae @edknal) bijzonder

homogeen was. De temperatuur van de zogenaamde ‘kosmisteegrondstral-

ing’ vertoont slechts verbazingwekkend kleine fluctuagesdit kan worden ver-

taald in een variatie in de dichtheid van het gas in het vréwggtal, die eveneens
bijzonder klein is. In het huidige heelal zijn de dichtheidistrasten enorm. Vele
ordes van grootte verschil zit er tussen de allerdichtstallenijlste stukken van

het heelal.

De groei van structuur

De kleine variaties in de dichtheid in het heel vroege hemldén groeien: als er
ergens net iets meer massa zit dan gemiddeld, dan trekt detekiacht daarvan
net iets harder dan gemiddeld omliggende materie die kartligwdoor wordt het
dichtheidscontrast groter, wat datzelfdieet versterkt, zodat er uiteindelijk steeds
meer materie komt te zitten precies daar waar oorsprokkagijdichtheid net een
heel klein beetje hoger was. Laten we dit proces ‘uit de hapen’, dan ontstaan er
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na verloop van tijd dus enorme concentraties materie (weneaedeze “halo’s”),
met daar tussenin grote lege gebieden. Dit hele proces lsdigplgedomineerd
door de zwaartekracht. Aangezien we de zwaartekrachtijfedeled begrijpen
zijn we al vrij lange tijd in staat nauwkeurig uit te rekenevetieel van die halo’s
er zijn, hoe zwaar ze zijn, en waar ze zich bevinden.

De groteschaalstructuur van het heelal

De verdeling (in massa en in de ruimte) van deze halo’s noeveate groteschaal-
structuur van het heelal. In Figuur 6.2 zien we de vergelijkvan een computer-
simulatie van die groteschaalstructuur met waarnemingaretzelfde. EIk puntje
in dat plaatje is zo’'n halo. De simulatie is simpelweg eenutitie van een heel
groot stuk van het heelal, dat in de computer nagemaakt &f\aan het heelal
bijzonder jong was, tot aan nu. Het enige wat in de simulatiméegenomen is
de zwaartekracht (dit is dus een sterke vereenvoudigin@Neuprocessen die zich
in het heelal afspelen!) en toch komt de structuur in het simpomputermodel
erg goed overeen met de waarnemingen. In de waarnemingemlldj puntjes

in Figuur 6.2 sterrenstelsels, waarvan een voorbeeld teimi€iguur 6.1. Het

feit dat gesimuleerde halo’s en waargenomen sterrenistelseelfde verdeling in
het heelal hebben geeft al aan dat de sterrenstelsels zigstemadn de halo’s, de
verdichtingen die ontstaan uit de kleine verdichtingerhaitvroege heelal die we
in de kosmische achtergrondstraling zien.

De vorming van sterrenstelsels

Binnen deze verdichtingen zullen zich de sterrenstelsads yormen. Voor het
maken van sterrenstelsels moeten we meer processen inchgamsnemen dan
alleen zwaartekracht. Zo ligt het voor de hand dat we steriray niet kunnen
verwaarlozen. Sterren ontstaan uit gas, maar stoten ook gaseuit, door ‘ster-
winden’ en (in het geval van zware sterren) de zogenaamdarrsoya explosies.
Ook bevatten sommige (of misschien zelfs alle) sterresslekben enorm zwart gat
in hun centrum, welke ook een grote invloed kan hebben opdsetg de vorming
van sterren binnen het stelsel. In dit hoofdstuk zal ik op elarmgrijkste proce-
sen kort ingaan om daarna in het volgende hoofdstuk te lagmimoe we deze
simuleren.

‘Normale’ materie

Het heelal bestaat voor een zeer groot deel (96%) uit dingearwan we weinig
idee hebben wat het is. De termen ‘donkere energie’ (ongef@¥ van de in-

173




CHAPTER 6. NEDERLANDSTALIGE SAMENVATTING

Figure 6.2: Een gesimuleerde (rood, rechts en onder) ergeaamen ‘taartpunt’
uit het heelal, waarop de groteschaalstructuur van hethgeéd te zien is wordt
hier vergeleken met de waargenomen groteschaalstrudilawwy, links en boven),
waarin elk puntje een sterrenstelsel voorstelt waarvarodiie en de afstand zijn
gemeten. De aarde staat in de punten van de taart, en naanddéeastaan de
stelsels steeds verder weg. Een goede overeenkomst tussgmuatie en de
waarnemingen is wat hier het meest opv@itedit: V. Springel

houd van het heelal) en ‘donkere materie’ (ongeveer 20%j&rmogebruikt voor
de twee verschijningsvormen die zich fundamenteel andedisagen. Grofweg:
donkere energie versnelt de uitdijing van het heelal, jedenkere materie, door
de zwaartekracht, juist een rem zet op die uitdijing. Desl@ati% bestaat uit
wat we ‘baryonen’ noemen en dit is het materiaal waarvan g&sren, plan-
eten, mensen, tafels, etcetera zijn gemaakt. Op grote Is@weds hierboven
beschreven) bepalen de donkere materie en donkere enexger gebeurt, maar
op de kleine schaal (binnen sterrenstelsels) worden barybelangrijk. Boven-
dien zijn het de baryonen die kunnen worden waargenomenetestbpen en van
de donkere componenten kunnen alleen indirect eigensehapprden afgeleid uit
waarnemingen. Hieronder ga ik kort in op sommige van de lefe processen
in de vorming van sterrenstelsels.
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Gasdynamica

Anders dan de donkere materie, werken er op gas meer kradhtealleen de
zwaartekracht, zoals bijvoorbeeld gasdruk (twee gaswoltiegen niet zomaar
door elkaar heen, maar zullen ‘botsen’ en kunnen daarbijaomen of afkoe-
len). Het simuleren van gas is alleen daarom al moeilijker denkere materie
(zoals de simulaties hierboven beschreven, waar het slechtde groteschaal-
structuur van het heelal ging). Wanneer gas gesimuleerd waelen moet dus
bijgehouden worden of het gas opwarmt en afkoelt, procedigeafhankelijk zijn

van de dichtheid, temperatuur en samenstelling van het gas.

De vorming, evolutie en dood van sterren

Uit gas van hele hoge dichtheid kunnen sterren gevormd worden gaswolk
kan instorten onder zijn eigen zwaartekracht en in de atlbtste gebieden zullen
bollen van gas ontstaan die waterstof fuseren tot heliunuimkdern: sterren (waar-
van onze Zon er één is). Sterren zijn in feite hun eigendstnf voorraad, het gas
waar ze uit bestaan kan dienen als brandstof voor de keenifugiun binnenste.
Na verloop van tijd is deze voorraad uitgeput en zullen deesteéoverlijden’. Hoe
snel dit gebeurt is voornamelijk afhankelijk van de massade ster: een zware
ster leeft veel korter dan een lichte (hij heeft weliswaaentgandstof, maar ver-
brandt deze ook heel veel sneller).

Aan het einde van hun leven stoten sterren hun buitenlagergas af (die
verrijkt zijn door de kernfusie met zwaardere elementenyai2 sterren doen dat
geweldadiger dan lichte, in zogenaamde supernova explofiezo’n supernova
explosie komt in een heel korte tijd bijzonder veel energig @ngeveer net zo veel
als in de rest van het hele sterrenstelsel (het equivalenbrgeveer een miljard
sterren)! Deze energie wordt deels ‘gedumpt’ in het gasaonde ontpléfende
ster. Dit verhit dat gas en duwt het ook weg.

Sterren vormen meestal in flinke groepen, waarin na ongé@eriljoen jaar
een aantal van dat soort explosies afgaat. De optelsom wansdpernovae is be-
langrijk voor hoe het gas in een sterrenstelsel zich getirddg er genoeg sterren
gevormd worden, en dus genoeg van dergelijke explosietspladen, kan er zelfs
op grote schaal gas het sterrenstelsel uitstromen (we modatesen galactische
wind en zien dat ook gebeuren in waarnemingen). Ook zijn tangejk in het
verrijken van het gas met zware elementen (zwaarder darrsi@ten helium),
wat heel belangrijk is voor het afkoelen van heet gas.
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Simulaties

Dit proefschrift is grotendeels gebaseerd op gedetailesimulaties van een rep-
resentatief volume in het heelal, waarin veel processealgeworden die belan-
grijk zijn voor het vormen van sterrenstelsels. In dit ha@bfdk licht ik in het kort
toe hoe dergelijke simulaties in elkaar zitten en wat hediflere is aan de set van
simulaties die gebruikt wordt in de Hoofdstukken 2 en 4.

De groteschaalstructuur van het heelal

Voor het simuleren van de groteschaalstructuur van heahisellleen de kosmolo-
gie (om precies te zijn, de uitdijingsnelheid van het healsfunctie van de tijd en
de samenstelling van het heelal) en zwaartekracht bejangtet is dus afdoende
om alle materie te beschouwen als donkere materie en allegarizkracht uit te
rekenen. Dit is lange tijd de belangrijkste manier geweeskosmologische sim-
ulaties te doen. De Millennium Simulatie door Volker Speghgn collega’s is de
grootste en meest gebruikte simulatie van deze soort.

Om de vorming van sterrenstelsels te volgen in simulatiet atieen maar
donkere materie zijn de zogenaamde ‘semi-analytische eodentwikkeld. Dit
zijn ‘recepten’ voor het gedrag van de baryonische materieigevormde donkere
materie structuren. Om de vorming van sterrenstelseldstenste volgen moeten
echter alle baryonische processen worden meegenomen.

Fysica van baryonen in simulaties

Veel van de baryonische processen die van groot belang@jnhet vormen van
sterrenstelsels vinden plaats op heel kleine schaal. Dolimitatie van computers
kunnen we, als we een realistische populatie sterrenistelsben simuleren, de
resolutie (kleinste details die we kunnen nabootsen) vagimelatie niet hoog
genoeg maken om dergelijke processen in detail te volgersirDealaties die in
dit proefschrift zijn beschreven bevatten baryonischeltjies’ met een massa die
bijna een miljoen keer zo hoog is als de massa van een gemé@sir (zoals onze
Zon). Om een systeem fatsoenlijk te kunnen simuleren maeoble zeker uit zo'n
honderd deeltjes bestaan. Sterren worden weliswaar rh@egt@epen geboren,
maar we hebben het dan over ‘clusters’ van ongeveer duing¢men miljoen keer
de massa van de Zon (en meer lichte systemen dan zware). nBilmgroepen
van sterren ontploft ongeveer 1% van de sterren als eenrmyaereen van de heel
belangrijke processen in de evolutie van sterrenstelbigsis dus duidelijk dat de
belangrijke processen binnen een sterrenstelsel (steivgy supernova explosies,
maar ook de vorming van stervormingsgebieden en de groegé®arsuperzwaar
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zwart gat in het centrum) plaatsvinden op schalen benedeestdtutielimiet van
de simulaties.

Om die baryonische processen toch hun welverdiende pladistiverhaal te
geven worden zogenaamde ‘sub-grid modellen’ ontwikkelat (etterlijk betekent
dat ze gaan over schalen die fijner zijn dan de resolutidlivae de simulatie).
Deze modellen zijn simpele ‘recepten’ die aangeven hoeetlgeg kleine schaal
processen invioed uitoefenen op de schalen die wél doolindelatie worden
gevolgd. Hieronder worden kort enkele voorbeelden samerge

1. StervormingSterren moeten in de simulatie met ongeveer een miljoers stuk
tegelijk gevormd worden. Omdat dit meer is dan wat onder desteeom-
standigheden in een sterrenstelsel gebeurt wordt eenrglibagdel ge-
bruikt, dat aangeeft wat de kans is dat een gasdeeltje (\zifde massa)
wordt omgevormd in een sterdeeltje. Zo zorgen we ervoor datigdeld
genomen genoeg sterren worden gevormd door het hele heelal h

2. Evolutie van sterremVe weten uit waarnemingen hoe, wanneer een groep
sterren gevormd wordt, de verdeling van de sterren over dhilende
stermassa’s is. Met behulp van modellen voor de evolutiestemen kunnen
we dan bepalen hoeveel gas deze sterren weer uitblazen dlat ime en
wanneer en met welke samenstelling. Ook weten we hoevesjiersr in
totaal in supernovae vrijkomt.

3. SupernovaeWanneer de supernovae ontfigm weten we dus de totale
beschikbare energie, maar hoe we deze moeten terugvodnengas is niet
a priori duidelijk. Er bestaan verschillende manieren omrgie in een gas
te stoppen, bijvoorbeeld door het te verwarmen of door redheid te geven.
Er zijn dan verschillende keuzes die je kunt maken: warmiekésn beetje
gas heel veel op, of veel gas een klein beetje, en geef je edhdele duw
tegen weinig massa, of maar een klein duwtje tegen heel vagta? Nie-
mand die het goed weet en de verschillende mogelijkhederteme@erden
nagegaan.

4. Superzware zwarte gatdn het centrum van veel (of alle) sterrenstelsels
huizen de zogenaamde superzware zwarte gaten. Deze gdoeiehotsin-
gen met andere superzware zwarte gaten (wanneer hun stetsels botsen
en samensmelten) en door het ‘opeten’ van gas wat zich dadrveen hete
schijf om het zwarte gat heen bevond. Wanneer dit gas worgkeggien
komt er ook energie vrij, en die energie die wordt gebruikttmghgas in en
om het sterrenstelsel heet te maken. Van heet gas is hetijkevesterren
vormen, dus de aanwezigheid van dit zwarte gat is een remtcgidreorm-
ingsproces.
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Figure 6.3: Twee plaatjes van de dichtheid van het gasrirvég de OWLS model-
heelallen. Links is een plaatje van ongeveer 10 miljoentjheln bij 10 miljoen
lichtjaar, terwijl voor het plaatje rechts is ingezoomd amesterrenstelsel. Het
oppervlak wat is afgebeeld in het rechter plaatje is 625@0 ke klein als in het
linker plaatje.

Vooral de laatste twee processen worden vaak samengevat dachoemer
‘feedback’. Voor alle bovengenoemde processen zijn tot ez hoogte, uit
waarnemingen of theoretische overwegingen, goed geneotigemodellen en pa-
rameters te gebruiken. Toch is het niet geheel duidelijk deajuiste methode is
om zulke processen te simuleren, en wat daarvoor de juistengders (zoals bi-
jvoorbeeld de hoeveelheid massa die wordt uitgestoten slgmrnova explosies)
zijn.

De ‘OverWhelmingly Large Simulations’

Precies die onzekerheid in modellen voor de zojuist geneepnocessen is waar
gebruik van gemaakt is in het project dat de ‘OverWhelminglyge Simulations’
(OWLS) wordt genoemd, en waar twee van de hoofdstukken uprdiefschrift
gebruik van maken. Juist omdat er meerdere modellen voaostaing (bijvoor-

beeld meer of minderficient), supernovae (bijvoorbeeld heel veel gas wegsturen

met lage snelheid of vice versa), superzware zwarte gatsvélel wordt het gas
om het zwarte gat heen opgewarmt als het zwarte gat groeit®) raogelijk
zijn, kunnen we onderzoeken hoe verschillende eigenseimapgn sterrenstelsels
afhangen van deze modellen.

In OWLS is ervoor gekozen om op hoge resolutie veel versaidé modellen
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te vergelijken, waarin we telkens maar 1 van de modelleriifiegeranderen, zodat
we direct kunnen zien wat heffect is van precies die verandering. Een voorbeeld
van de gasdichtheid in een heel groot gebied (ongeveer 1@emibij 10 miljoen
lichtjaar) in het vroege heelal, en een sterrenstelsel idie in datzelfde heelal
bevindt is afgebeeld in Figuur 6.3. In Hoofdstuk 2, Figul.2.staat hetzelfde
sterrenstelsel, maar dan met allerlei variaties op de sidbrgpdellen.

Dit proefschrift

In dit proefschrift is gekeken naar verschillende aspeetam (de vorming van)
sterrenstelsels.

De invloed van kleine schaal processen op sterrenstelsels

De enorme variatie van sub-grid modellen in de OWLS databhasdt in Hoofd-
stuk 2 onderzocht in termen van de fysische eigenschapperstearenstelsels
(massa in sterren, stervormingssnelheid, hoeveelheidosteend gas, etcetera).
We vergelijken systematisch verschillende simulaties eticdar om zo te iden-
tificeren welke modellen belangrijk zijn voor welke eigemsppen van sterrens-
telsels.

Een interessante conclusie die kon worden getrokken issdadelveelheid ster-
ren niet wordt beinvioed door défieiéntie van stervorming, maar dat de stellaire
massa van een sterrenstelsel voornamelijk wordt gedittdeor de hoeveelheid
beschikbaar gas (afhankelijk van het kosmologische maodalesafkoeling van
gas) en de hoeveelheid energie die weer terug wordt gevoéiet gas door super-
nova explosies en superzware zwarte gaten. De sterraisteéssen hun voorraad
gas zodanig aan dat er, als stervormifigcénter is, altijd minder gas beschikbaar
is om sterren van te maken, zodanig dat de totale hoeveedleeimtmde sterren
en de totale hoeveelheid energie die door supernovae ireBetvordt geinjecteerd
hetzelfde blijven. We zeggen wel, dat de stervorming inretetelsels ‘zelfreg-
ulerend’ is.

De ‘omgeving’ van sterrenstelsels

Omdat één van de grote vragen in het onderzoek naar detievean sterrens-
telsels is in hoeverre de eigenschappen van sterrenstei®etlen bepaald door
interne processen en in hoeverre door hun omgeving, kijkerinnHoofdstuk 3

naar verschillende definities van de omgeving van steetyeds. We gebruiken
in dit hoofdstuk de Millennium Simulatie (die alleen don&enaterie bevat), met
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daarbovenop een model voor de vorming van sterrensteBel®aryonische fys-
ica van deze sterrenstelsels werd dus niet expliciet gés@rdi De modellen zijn
echter zo geconstrueerd, dat het goed mogelijk is een helistische populatie
sterrenstelsels te vormen, veel realistischer dan bipaeid in OWLS. We laten
zien welke definitie een goede maat is voor de massa van devhalin het stelsel
zich bevindt (we hebben immers al deze gegevens 00k, ietgomaivaarnemende
sterrenkundigen zelden tot nooit geldt). Ook laten we ziea j&@ een omgev-
ingsparameter kunt construeren die onafhankelijk is vamadie massa. Dit is nog
nooit gebruikt en is potentieel heel nuttig: we weten al daleigenschappen van
sterrenstelsels sterk afhangen van de halo massa. Wil jwetes wat de invioed
is van de omgeving, zonder daarmee halo massa te bedoeteis, fuzt belangrijk
een omgevingsparameter te hebben die onafhankelijk isal@ammassa.

Gesimuleerde sterrenstelsels waarnemen

Om te zien hoe goed modellen en simulaties, zoals eerdehigssn, het
waargenomen heelal beschrijven (en dus: hoe goed we bagrjplke processen
belangrijk zijn en hoe ze bijdragen aan de totstandkomimgsterrenstelsels) wor-
den uiteraard de simulaties vergeleken met waarnemingéris Echter nog niet
zo eenvoudig als het lijkt. Waarnemingen geven ons allearbepaalde hoeveel-
heid waargenomen licht bij een bepaalde golflengte. Wetedenafstand van het
sterrenstelsel nauwkeurig, dan komt dat overeen met earélbeid licht die het
stelsel uitstraalt, eventueel bij kortere golflengtendlar licht), als het stelsel ver
weg staat. Dit laatste komt omdat het heelal uitdijt, dushelslicht lang onder-
weg is, dan heeft het een langere golflengte dan wanneer hdtuitgezonden.
Deze hoeveelheid licht is niet per sé al het licht dat derestedie in een stelsel
zitten uitstralen, want onderweg komt het licht gas en stgéh, waar het (gedeel-
telijk) door geabsorbeerd kan worden. Bovendien vangenitieltt op met grote
telescopen en hun ‘camera’s’, en die laten de straling oekarigemoeid en ve-
randeren het beeld van het sterrenstelsel een klein baetjet(dagelijks leven is
dit effect met digitale camera’s nauwelijks merkbaar, maar aaigyvez

In Hoofdstuk 4 kijken we naar de hoeveelheid licht die derstestelsels in
OWLS uitstralen. Om preciezer te zijn kijken we naar de viangsfunctie van
de hoeveelheid licht (het aantal sterrenstelsels vanedugderheid). Die functie
noemen we de lichtkrachtverdeling. We kijken naar vertanile aspecten die op
de lichtkrachtverdeling van invloed zijn, zoals:

1. sub-grid fysicaDe verschillende modellen die in OWLS zijn gebruikt, en met
name de modellen met verschillende beschrijvingen vanugdraovae met
hun omringende gas doen, resulteren in sterk variereokiktachtverdelin-
gen.
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2. absorptie van licht door stofStof houdt een deel van het licht dat er
doorheen schijnt tegen, en het houdt meer blauw dan roodl téden.
Lichtkrachtverdelingen in verschillende kleuren lichtrden dan ook an-
ders beinvlioed door het stof. Sterrenstelsels met meed'kgas, en ster-
renstelsels met meer zware elementen worden sterkerlbetiindoor stof.
In simulaties zoals OWLS is het echter erg moeilijk om eendgoschat-
ting te maken van de hoeveelheid absorptie door stof, orndaeikelijke
sterrenstelsels het grootste deel van de absorptie pladitav structuren die
niet door onze simulaties worden opgelost (en de simulatiesen voor stof
belangrijke fysica).

3. selectiemethodesimulatoren noemen een door zwaartekracht bij elkaar
gehouden ‘blob’ materie, die eventueel sterren bevat, éemesastelsel.
De definitie van waarnemers is zoiets als: een ‘vlek’ lichtegm plaatje,
die duidelijk boven de achtergrond uitsteekt. Deze deéisiizijn nogal
verschillend van elkaar en leveren alleen al daarom missckén andere
lichtkrachtverdeling op. Om dit te testen hebben we van @iarilaties
plaatjes gemaakt, en daarna de lichtkrachtverdeling deprd terug te vin-
den met de methoden die waarnemers zouden gebruiken. Q\agemeen
vinden we dat deze behoorlijk gelijk zijn aan de lichtkraghtelingen die
direct uit de simulatie volgen. Eén interessant verschdat als het beeld
van een klein (of heel ver weg staand) sterrenstelsel mesrdintelescoop
wordt ‘uitgesmeerd’, dan lijkt de verdeling over lichtkrdaen vlakker (dat
wil zeggen: terwijl er in het algemeen veel meer zwakke skelsestaan dan
heldere lijkt het er dan op dat het verschil in aantal tusstaene en zwakke
sterrenstelsels kleiner wordt).

De verdeling van stermassa’s binnen een sterrenstelsel

De verdeling van de massa’s van de sterren die in een stesgiggeboren wor-
den heeft zijn invloed op verschillende aspecten van daigeolan sterrenstelsels.
Zo worden verschillende elementen door verschillendenygterren gemaakt, en
hebben de verschillende sterren een verschillend spe¢uenaeling van hun licht-
intensiteit over golflengten, oftewel kleuren). Variatenweze verdeling over de
massa geeft dus zowel een andere ontwikkeling van de sagliemgsivan gas en
sterren in een sterrenstelsel als een andere kleur varehetrsttelsel, terwijl massa
en leeftijd hetzelfde zijn.

De verdeling van stermassa’s in stervormingsgebiedenegreshopen in ons
Melkwegstelsel lijkt behoorlijk universeel. De simpelstanname is dan ook dat
dit geldt voor alle stervormingsgebieden, en voor elk Ww#lerig sample net gevor-

181




CHAPTER 6. NEDERLANDSTALIGE SAMENVATTING

mde sterren in het heelal. De verdeling van massa’s is djgslatzelfde, ongeacht
waar of wanneer de groep sterren wordt geboren.

We weten echter ook dat de stervormingsgebieden en stepenteelf een
massa-verdeling volgen, die zodanig is dat er meer lichject#n bestaan dan
zware. Als deze groepen té licht worden, dan zullen ze estemsatisch gebrek
aan zware sterren vertonen. Dit kan ertoe leiden dat de Nregdean stermassa’s
in een sterrenstelsel anders is dan die binnen afzonaesligerenhopen. In Hoofd-
stuk 5 bekijken we de verdeling van stermassa’s in een stgisel onder de aan-
name dat deze universeel is binnen de sterrenhopen (ersténgsgebieden).
We laten zien hoe de totale verdeling afhangt van de maniaropawe de ster-
ren (willekeurig) uit de gegeven onderliggende verdelirggken en van de mas-
saverdeling van de jonge sterrenhopen. Ook bekijken we igatan de invioed
is op de helderheid van sterrenstelsels bij verschilleraliéeggten, de chemische
samenstelling van het gas in sterrenstelsels en het aavaad zjonge sterren dat
kan worden waargenomen in ons eigen Melkwegstelsel.

Hoe nu verder?

Door het onderzoek dat is samengevat in de vorige paragijaaive weer iets
wijzer geworden over de totstandkoming van de populatigesistelsels in ons
heelal. Het eind van het verhaal is dit echter niet. Er zijg weel open vragen,
en voor veel aspecten van sterrenstelsels komen de siesufadg helemaal niet
overeen met de waarnemingen. Simulaties zoals die in het ®Wrbject leren
ons veel over de naturkundige processen die belangrijkveigm de evolutie van
sterrenstelsels, maar veel van die ingrediénten zijn teyly sereenvoudigd en een
volledig begrip van de levensloop van sterrenstelsels gsveo buiten bereik.

In de nabije toekomst zullen zowel waarnemende als simudiersterrenkundi-
gen een hoop leren over vooral de vroege stadia van de voraimgterrenstelsels.
Door de immer toenemende computerkracht en technologiekaowel waarne-
ming als theorie steeds een beetje verder. Af en toe een deedvan een ster-
renkundige is echter minstens zo belangrijk: wetenschigprokensenwerk.
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